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Abstract

Planets in Binary Systems:
Studies with Precise Radial Velocities and High-Resolution Imaging

by

Lea Hirsch

Doctor of Philosophy in Astrophysics

University of California, Berkeley

Professor James Graham, Chair

Nearly half of all solar-type stars have at least one stellar or brown dwarf companion, and
planets around G- and K-type stars appear to be quite common. Yet the impact of stellar
multiplicity on planets, and on our understanding of planets, is not well understood. In
this thesis, I describe a combination of work to study the interplay between stellar and
planetary companions, using the combination of radial velocity and high-resolution imaging
observations.

First, planets discovered by transit surveys like the Kepler Mission are sensitive to a
detection and characterization bias due to stellar companions. The light of unresolved binary
companions dilutes the transit of the planet, making it appear shallower than it is. This
causes planet sizes in binary systems to be underestimated, and sensitivity to small planets
to be overestimated. In Chapter 2, I combined multi-wavelength observations of stellar
companions detected within 2′′of 170 Kepler Object of Interest hosts, to assess whether
these companions were physically associated with the planet host stars. I found that stellar
companions within 1′′ had a ≥ 80% likelihood of being bound. I used the compiled imaging
observations of the bound stellar companions in this sample to determine the factor by which
planet radii in these systems were underestimated. I determined that an average radius
correction factor of XR = 1.65 must be applied to planets orbiting stars with unresolved
stellar companions, assuming the planets are equally likely to orbit either of the stars in
a binary system. This means that planets in unresolved binary systems may have radii
underestimated by an average of 65%. This effect is particularly important for Kepler stars
with minimal ground-based follow-up; by performing a combination of spectroscopic and
imaging observations on Kepler planet hosts, it is possible to reduce the effect of stellar
companions by finding or ruling out binary companions in large regions of parameter space.

Second, stellar companions likely impact the formation and evolution of planetary sys-
tems. To probe these effects, I focused on the solar neighborhood, studying sun-like stars
within 25 pc using Doppler spectroscopy as well as adaptive optics and speckle imaging
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techniques. I built up methodology for performing joint orbital fits to combinations of radial
velocity, astrometric, and photometric data by assessing the orbit of HD 159062in Chapter 3.
HD 159062 is a nearby binary system consisting of a G dwarf and a newly-discovered white
dwarf companion. I determined that the white dwarf must have a mass of 0.54+0.09

−0.03M�. Its
combined radial velocities, astrometry, and photometry are inconsistent with it being either
a brown dwarf or a main sequence star.

In Chapter 4, I extended this joint orbital analysis technique to make use of imaging
non-detections to place constraints on orbiting planets. In this study, we focused on the
nearby adolescent K dwarf, ε Eridani, whose giant planet was detected in three decades
of radial velocity monitoring. Using deep M-band coronographic imaging that resulted in
no detection of the planet, upper limits were placed on the mass of the giant planet. The
combination of the RV data and constraints from the non-detection of the planet allowed
the mass and inclination of the planet to be determined more precisely than with the RV
data alone.

Finally, I performed a simultaneous RV and imaging survey for both stellar and planetary
companions to sun-like stars in the solar neighborhood in Chapter 5. By comparing the
planet occurrence rates in binary systems to those in single star systems, we can begin to
untangle the effects of stellar companions on planet formation. I found that the occurrence
rate of planets with masses between 0.1 and 10MJand with semi-major axes between 0.1 and
10 AU is statistically equivalent in single star and binary star systems. I also determined that
all known planet-hosting binary systems in the 25 pc sun-like star sample had separations
wider than 100 AU. This indicates that wide binary companions do not seem to strongly
impact the planet formation process, but that the planet occurrence rate in binary systems
may decrease for systems with smaller binary separations.



i

To Miriam and Howard Hirsch



ii

Contents

List of Figures v

List of Tables vii

Acknowledgments viii

1 Introduction 1
1.1 Stellar Multiplicity . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 1

1.1.1 Multiplicity in the Solar Neighborhood . . . . . . . . . . . . . . . . . 1
1.2 The Effects of Stellar Companions on Planets . . . . . . . . . . . . . . . . . 2

1.2.1 Theories of Exoplanet Formation and Evolution . . . . . . . . . . . . 2
1.2.2 Previous Observational Constraints . . . . . . . . . . . . . . . . . . . 4
1.2.3 Characterization of Transiting Planets . . . . . . . . . . . . . . . . . 5

1.3 Combining Radial Velocities and Imaging . . . . . . . . . . . . . . . . . . . . 6
1.4 This Thesis . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 7

2 Assessing the Effect of Stellar Companions from High-Resolution Imaging
of Kepler Objects of Interest 10
2.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 10
2.2 Sample . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 12

2.2.1 KOI Host Stars . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 12
2.2.2 Stellar Companions . . . . . . . . . . . . . . . . . . . . . . . . . . . . 15

2.3 Determining Physical Association of Companion Stars . . . . . . . . . . . . . 16
2.3.1 Interstellar Extinction . . . . . . . . . . . . . . . . . . . . . . . . . . 21
2.3.2 Comparison with Stellar Population Models . . . . . . . . . . . . . . 22

2.4 Bound Companions to Kepler Planet Hosts . . . . . . . . . . . . . . . . . . . 23
2.5 Planet Radius Corrections . . . . . . . . . . . . . . . . . . . . . . . . . . . . 28
2.6 Conclusions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 35

3 Combining Radial Velocities and Direct Imaging to Constrain the Orbit
of the White Dwarf Companion to HD 159062 38
3.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 38
3.2 Observations and Data Reduction . . . . . . . . . . . . . . . . . . . . . . . . 41



Contents iii

3.2.1 Radial Velocity Observations . . . . . . . . . . . . . . . . . . . . . . . 41
3.2.2 High-Resolution Imaging . . . . . . . . . . . . . . . . . . . . . . . . . 41

3.3 Astrometry and Common Proper Motion . . . . . . . . . . . . . . . . . . . . 46
3.4 HD 159062 B is not a Brown Dwarf . . . . . . . . . . . . . . . . . . . . . . . 46
3.5 Orbital Analysis . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 48

3.5.1 White Dwarf Cooling Models . . . . . . . . . . . . . . . . . . . . . . 50
3.5.2 Total system age . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 52

3.6 Discussion . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 55
3.7 Conclusions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 55

4 Deep exploration of ε Eridani with Keck Ms-band vortex coronagraphy
and radial velocities: mass and orbital parameters of the giant exoplanet 57
4.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 57

4.1.1 ε Eridani’s debris disk . . . . . . . . . . . . . . . . . . . . . . . . . . 57
4.1.2 ε Eridani’s putative planet . . . . . . . . . . . . . . . . . . . . . . . . 59
4.1.3 This chapter . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 59

4.2 Doppler Spectroscopy . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 60
4.2.1 RV observations . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 60
4.2.2 RV data analysis . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 61

4.3 High contrast imaging . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 62
4.3.1 High contrast imaging observations . . . . . . . . . . . . . . . . . . . 62
4.3.2 Image post-processing . . . . . . . . . . . . . . . . . . . . . . . . . . 63

4.4 Results . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 63
4.4.1 Robust detection limits from direct imaging . . . . . . . . . . . . . . 63
4.4.2 Tests on the RV Data . . . . . . . . . . . . . . . . . . . . . . . . . . 68
4.4.3 Combining constraints from imaging and RV . . . . . . . . . . . . . . 75

4.5 Discussion . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 78
4.5.1 Choice of evolutionary models . . . . . . . . . . . . . . . . . . . . . . 81
4.5.2 Constraints on the system’s age and inclination . . . . . . . . . . . . 82
4.5.3 Planet-disk interactions . . . . . . . . . . . . . . . . . . . . . . . . . 85

4.6 Conclusion . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 89

5 Understanding the Impacts of Stellar Companions on Planet Formation
and Evolution: A Survey of Stellar and Planetary Companions within 25
pc 97
5.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 97
5.2 25 pc Sample . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 99
5.3 High-Resolution Imaging Observations . . . . . . . . . . . . . . . . . . . . . 99

5.3.1 Lick/ShaneAO . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 100
5.3.2 Palomar/PHARO . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 104

5.4 Radial Velocity Observations . . . . . . . . . . . . . . . . . . . . . . . . . . . 104
5.4.1 Keck/HIRES . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 105



Contents iv

5.4.2 APF/Levy . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 106
5.5 Stellar Companions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 106

5.5.1 Sensitivity to Stellar Companions . . . . . . . . . . . . . . . . . . . . 111
5.6 Planetary Companions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 115

5.6.1 Blind Planet Search . . . . . . . . . . . . . . . . . . . . . . . . . . . . 115
5.6.2 New Planet Detections . . . . . . . . . . . . . . . . . . . . . . . . . . 120
5.6.3 Sensitivity to Planets . . . . . . . . . . . . . . . . . . . . . . . . . . . 122

5.7 Planet Occurrence in Single and Binary Systems . . . . . . . . . . . . . . . 127
5.8 Discussion . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 132
5.9 Conclusions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 134

Bibliography 135



v

List of Figures

2.1 Kepler magnitudes for sample KOI host stars . . . . . . . . . . . . . . . . . . . 14
2.2 Stellar parameters of sample KOI host stars . . . . . . . . . . . . . . . . . . . . 14
2.3 HR diagram of sample KOI host stars . . . . . . . . . . . . . . . . . . . . . . . 15
2.4 Separation vs. ∆m for companions within 2” of KOI host stars . . . . . . . . . . 16
2.5 Isochrone analysis of KOI 1 B which determines the companion is bound. . . . . 19
2.6 Isochrone analysis of KOI 3444 F which determines the companion is a back-

ground star. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 20
2.7 Properties of bound companions to KOIs . . . . . . . . . . . . . . . . . . . . . . 24
2.8 Separation vs. mass fraction of bound binary KOIs . . . . . . . . . . . . . . . . 25
2.9 Separation vs. ∆Kp for each companion detected within 2” of sample KOI hosts 28
2.10 Bound fraction vs. separation and cumulative distributions of bound and un-

bound companion populations . . . . . . . . . . . . . . . . . . . . . . . . . . . . 29
2.11 Distribution of planet correction factors, XR, for the bound systems in our sample 35
2.12 Distributions of updated vs. original planet radii . . . . . . . . . . . . . . . . . 36
2.13 Corrected vs. uncorrected planet radii . . . . . . . . . . . . . . . . . . . . . . . 36

3.1 RV Time Series of HD 159062 from Keck . . . . . . . . . . . . . . . . . . . . . . 42
3.2 ShaneAO and PHARO images of HD 159062 B . . . . . . . . . . . . . . . . . . 44
3.3 L′-band NIRC2 image of HD 159062 B . . . . . . . . . . . . . . . . . . . . . . . 45
3.4 Astrometry of HD 159062 B from ShaneAO, PHARO, and NIRC2 images . . . . 47
3.5 Best-fit radial velocity orbit and residual analysis . . . . . . . . . . . . . . . . . 53
3.6 Random orbits drawn from the MCMC posterior distributions of the orbital pa-

rameters . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 54

4.1 Final reduced image of ε Eridani . . . . . . . . . . . . . . . . . . . . . . . . . . 64
4.2 SNR map for our most sensitive reduction, using 120 principle components . . . 66
4.3 Traditional τ = 5σ contrast curves comparing our Keck/NIRC2 vortex corona-

graph Ms-band data and the VLT/NACO Lp-band data . . . . . . . . . . . . . 66
4.4 Keck/NIRC2 Ms-band vortex performance/completeness maps . . . . . . . . . . 67
4.5 VLT/NACO L′-band performance/completeness maps . . . . . . . . . . . . . . 67
4.6 ε Eridani radial velocity data set and RadVel model . . . . . . . . . . . . . . . . 70
4.7 Time series and periodograms of ε Eridani RVs and SHK values . . . . . . . . . 73



List of Figures vi

4.8 Periodogram of ε Eridani SHK residuals . . . . . . . . . . . . . . . . . . . . . . . 74
4.9 Posterior distributions and correlation between companion mass and inclination

for a log-uniform prior on mass . . . . . . . . . . . . . . . . . . . . . . . . . . . 79
4.10 Posterior distributions and correlation between companion mass and inclination

for a linear-uniform prior on mass . . . . . . . . . . . . . . . . . . . . . . . . . . 80
4.11 Posterior distribution of the position of ε Eridani b during the imaging epoch . . 82
4.12 Keck/NIRC2 Ms-band vortex performance/completeness map for a τ = 5σ de-

tection threshold comparing using the SB12 evolutionary model . . . . . . . . . 83
4.13 Posterior probability distributions for the mass of ε Eridani b when a coplanar

prior on inclination is implemented . . . . . . . . . . . . . . . . . . . . . . . . . 84
4.14 The chaotic zone around ε Eridani b . . . . . . . . . . . . . . . . . . . . . . . . 85
4.15 The timescale for ε Eridani b to stir particles at different distances, compared

against self-stirring timescale . . . . . . . . . . . . . . . . . . . . . . . . . . . . 87

5.1 HR diagram showing 25 pc sample selection . . . . . . . . . . . . . . . . . . . . 100
5.2 Distributions of stellar properties from SpecMatch . . . . . . . . . . . . . . . . . 101
5.3 Cumulative distribution of stellar distance in the 25 pc sample, showing volume

completeness . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 102
5.4 Mass ratio versus physical separation for all binary companions in our sample.

Our proxy for mass and separation are detailed in Table 5.1. . . . . . . . . . . . 113
5.5 ShaneAO contrast/sensitivity curves . . . . . . . . . . . . . . . . . . . . . . . . 114
5.6 Sensitivity to stellar parameters as a function of mass and separation . . . . . . 116
5.7 Example of our periodogram planet search for HD 114783 . . . . . . . . . . . . 118
5.8 Best-fitting one-planet RV orbital solution for HD 3765 b. . . . . . . . . . . . . 123
5.9 Best-fitting one-planet RV orbital solution for HD 32147 b. . . . . . . . . . . . . 124
5.10 Best-fitting two-planet RV orbital solution for HD 114783 b and c. . . . . . . . . 125
5.11 Results of injection-recovery tests on HD 10008 . . . . . . . . . . . . . . . . . . 127
5.12 Analytic RV sensitivity curves . . . . . . . . . . . . . . . . . . . . . . . . . . . . 128
5.13 Distribution of the number of RV observations for each sample star . . . . . . . 128
5.14 Distribution of the RV observing time baseline for each sample star . . . . . . . 129
5.15 Number of planets and stars per bin in planet mass and semi-major axis . . . . 130
5.16 Binned planet occurrence rates around single and binary stars . . . . . . . . . . 131
5.17 Physical separations of binary systems surveyed with RVs and binary planet host

stars . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 133



vii

List of Tables

3.1 Properties of HD 159062 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 40
3.2 Summary of imaging observations . . . . . . . . . . . . . . . . . . . . . . . . . . 45
3.3 Standard MCMC Priors on Orbital Parameters . . . . . . . . . . . . . . . . . . 50
3.4 MCMC Results . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 51

4.1 Properties of ε Eridani . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 59
4.2 Observing log for NIRC2 imaging data . . . . . . . . . . . . . . . . . . . . . . . 62
4.4 MCMC Results . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 81
4.5 Keck Radial Velocity Measurements . . . . . . . . . . . . . . . . . . . . . . . . . 91
4.6 APF Radial Velocity Measurements . . . . . . . . . . . . . . . . . . . . . . . . . 94

5.1 Binary Companions to 25 pc Stars . . . . . . . . . . . . . . . . . . . . . . . . . 108
5.2 Background sources near 25 pc sample stars . . . . . . . . . . . . . . . . . . . . 112
5.3 Planet detections around 25 pc sample . . . . . . . . . . . . . . . . . . . . . . . 121



viii

Acknowledgments

To my family: first, to my parents Miriam and Howard Hirsch. When I was a baby, you
encouraged my curiosity and put up with my constant questioning "why?", beginning my
lifelong pursuit of answers to all my questions. Without you, I would not be the person I
am today. Your constant support over the past two and a half decades of schooling have
allowed me the freedom to explore the subjects that appealed to me, without ever having
to worry about practicality. I dedicated this thesis to you because without your support, it
would not exist.

And to my sister Anna: soon we will both be doctors; but you’ll be the kind people
actually want around in an emergency...

Next, to all of the advisors who have helped me along the way: to Geoff Marcy, who
started me on my grad school journey; and to Andrew Howard and David Ciardi, who saw
me through to the end. You are the hardest-working people I know, and I appreciate all
the time and effort you have given me. I trust and value your wisdom and judgment in all
things science. Your guidance has been so important to me throughout this journey, and I
look forward to growing as a scientist with your continued support.

To the CPS group, who have been my academic family: thank you for all of the support,
ideas, hard work, and fun times. I have enjoyed working with such a welcoming and friendly
group of scientists, who have helped me find a place for myself in the astronomy community.

Thank you to my thesis committee: James Graham, Eugene Chiang, and Burkhard
Militzer, for your advice, questions, and guidance.

I am so grateful to the amazing Berkeley graduate student community, and the wonderful
friends I have made as a student here. The support, mentorship, and care among the BAD
grads has been amazing1. To Tom Zick, Sedona Price, Wren Suess, and Lauren Weiss: I’ve
had so much fun hanging out and working alongside you all. Our non-work activities – trips
to the nail spa, Buffy marathons, outings to SF, Halloween costume insanity, etc. – have
kept me sane throughout grad school. You are all amazing, hard-working, brilliant women.

Finally, to Bryant Garcia: ever since our dynamic lab partner duo in AP physics in 2008,
you have been making me laugh, supporting me through difficult times, and tolerating my
constant off-key singing. You inspire me to be bolder and to seek out adventures; I have
loved every second I’ve spent exploring California with you in the past 6 years. My life is so
much better because you are in it.

1This dissertation was typeset using the ucastrothesis LATEX template.

https://github.com/pkgw/ucastrothesis


1

Chapter 1

Introduction

Most stars host planets; and nearly half of all stars also have stellar companions. In this
thesis, I explore the connections between these two types of companions orbiting stars in
both the Kepler field and the solar neighborhood. Both physical effects and observational
biases play a role in these systems. In the chapters that follow, I describe work using radial
velocity and imaging observations to improve our understanding of the ways in which stellar
and planetary companions fit together in stellar systems.

1.1 Stellar Multiplicity

1.1.1 Multiplicity in the Solar Neighborhood

The volume within 25 pc of the Sun contains many of the brightest and best-studied
stars in the galaxy. Some of these stars can be seen with the naked eye, and many have been
monitored by astronomers since the invention of the earliest telescopes.

The nearby stars often serve as a comparison sample for populations of stars elsewhere in
the galaxy, which may have formed and evolved in different environments and under different
conditions. It is therefore of utmost importance to fully understand the distributions of stellar
properties among the nearby stars. The breakdown of stellar temperature Teff , metallicity
[Fe/H], detailed chemical abundance, and age in the solar neighborhood have been used to
inform theories of star formation and galactic evolution. Mapping out the stars within the
solar neighborhood is therefore a goal that has been diligently pursued with observational
resources (e.g. Henry et al. 2018, RECONS references).

Another stellar property that informs star formation theories is stellar multiplicity. Al-
though many simulations of star formation have explored specific effects of the detailed
physics of fragmentation on protostellar cores (e.g. Offner et al. 2016; Satsuka et al. 2017),
none have yet successfully reproduced the observed binary and higher-order multiple stellar
distributions.

To constrain these theories, many surveys of stellar multiplicity have been conducted (e.g.
Duquennoy & Mayor 1991; Fischer & Marcy 1992; Raghavan et al. 2010; Fuhrmann et al.
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2017a; Moe & Di Stefano 2017), often focusing on a specific stellar type or age range. Since
the nearest stars offer the greatest ability to observationally resolve orbiting companions,
most of these studies focus on nearby stars. The collective outcome of all of this work is
that stellar multiplicity for stars in the solar neighborhood appears to be quite common,
ranging from 25% for the coolest M-type dwarfs up to nearly 100% for the hottest OBA-
type stars. Young stars appear to have even greater multiplicity fractions, indicating that
binary formation is extremely common, but that dense cluster environments may disrupt
some young multiples before they evolve onto the main sequence (Duchêne & Kraus 2013).

For solar-type stars in the solar neighborhood, the most comprehensive survey for stellar
multiplicity is that of Raghavan et al. (2010). This study determined that 44% of nearby
G and K dwarfs host one or more stellar companion. The frequency of double, triple, and
higher-order multiples is 33%, 8% and 3% respectively.

Moreover, deep, complete surveys of stellar multiplicity allow measurements of the dis-
tributions of orbital parameters and mass ratios among these systems. For the sun-like stars
in the Raghavan et al. (2010) sample, the orbital periods of stellar companions about their
primary stars are distributed log-normally, with a peak in the distribution at 300 years, cor-
responding to approximately 50 AU for a system with a total mass of MA + MB = 1.5M�.
This particular property seems to be specific to the type of binary in question; M dwarf or
brown dwarf primaries tend to have closer companions than G and K primaries, while the
distribution of companion separation for higher-mass primaries is multi-modal and spans a
larger range of separations (Duchêne & Kraus 2013).

Companions to sun-like stars do not seem to be drawn randomly from the initial mass
function; rather, the distribution of mass ratio q = M1/M2 is approximately uniform, though
with a small overabundance near equal masses (q ≈ 1). This appears to be true for most
types of stellar primaries.

The eccentricities of the nearby binaries with spectroscopically or astrometrically derived
orbits span the full range from circular to e ≈ 1, with a roughly flat distribution for all types
of primary stars (Duchêne & Kraus 2013). For sun-like stars, a circularization period of 12
days is observed, interior to which nearly all of the binaries have circular orbits due to tidal
interactions (Raghavan et al. 2010).

1.2 The Effects of Stellar Companions on Planets

1.2.1 Theories of Exoplanet Formation and Evolution

In the current standard picture of planet formation, planets form from the dust and gas in
the protoplanetary disk surrounding a newly-formed star. First, solid materials accumulate
into planetesimals, bodies like asteroids with sizes of a few km. These planetesimals collide
and accrete to form protoplanetary cores (Johansen & Lambrechts 2017). Depending on
their location in the disk, and the relative timescales of protoplanet formation and disk
dissipation, protoplanets may undergo runaway accretion of gaseous material to become gas
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giants, or more commonly may obtain only a thin layer of hydrogen and helium surrounding
their rocky cores (Lee et al. 2014). It is unclear how the presence or absence of a stellar
companion may affect this process.

Because binaries are so common, it is essential to understand how stellar companions
may affect this picture of planet formation. One of the most important effect of stellar
companions on planet formation is disk truncation. Each stellar component in a binary
system will induce a gravitational torque on the protoplanetary disk around the other star.
This effect causes material to be lost from each star’s disk, truncating the disk size and
decreasing the material out of which planets form. Simulations of this process indicate that
the truncated size of each disk depends strongly on the mass ratio of the binary system, as
well as the separation and eccentricity of the binary orbit (Artymowicz & Lubow 1994). The
resultant sizes of disks around each component of a binary system are of order 10–50% of the
binary separation. This truncation effect raises questions of whether enough disk material
will remain to form planets. Since 10 M⊕ is the core mass typically thought to be required
to achieve runaway accretion and produce a giant planet, a truncated disk containing less
than this amount of solid material may not be capable of forming giant planets.

Jang-Condell (2015) performed analytical calculations of the disk mass post-truncation
for various binary orbits and disk properties. In this study, she determined that the total
remaining mass of the disk could be reliably truncated to < 10 M⊕ if the binary separation
was sufficiently small (between 10 and 20 AU for systems with moderate eccentricities and
mass ratios). Higher eccentricities causes more significant truncation, so this minimal sepa-
ration increases to 20–30 AU for highly eccentric binaries. This work suggests that no giant
planets should form in binary systems with separations . 20 AU.

Starting from the later phases of planet formation, when some protoplanets have reached
sizes comparable to the Moon or Mars, simulations by Quintana et al. (2007) identified
the effects of binary orbits on rocky planet formation. Their results indicate that periastron
distance is the most important parameter in determining the effect of a binary companion on
planet formation. In their study, binary systems with periastron separations larger than 10
AU did not inhibit the growth of rocky planets. However, simulated binaries with periastron
separations smaller than 10 AU produced fewer planets, as well as smaller average orbital
periods for the planets that did form.

Once a planet does form around a star in a binary system, the influence of the stellar
companion may cause an evolution or destabilization of the planetary orbit. The region in
which orbits can remain stable again depends on the mass ratio, separation, and eccentricity
of the binary companions. It is typically limited to . 40% of the binary semi-major axis, and
for an equal-mass system in a circular orbit, the outermost stable planetary orbits around
each star are ≈ 25% of the binary semi-major axis Holman & Wiegert (1999).

Gravitational torque from a mutually-inclined outer binary companion has been pro-
posed as one method by which inward migration may be induced in giant planets, forming
hot Jupiter systems via Kozai-Lidov oscillations and tidal circularization (Wu et al. 2007;
Storch et al. 2014). This effect has also been proposed to explain the observed spin-orbit
misalignment in some Hot Jupiter systems (Batygin 2013), since misalignment is a natural
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outcome of the Kozai effect.

1.2.2 Previous Observational Constraints

Many surveys have been conducted to constrain the theoretical models of interactions
between binary companions and planets or protoplanetary disks. Most of these surveys focus
on a sample of known planet host stars, and compare the stellar multiplicity of these stars
to a control sample, typically the solar neighborhood. Unfortunately, radial velocity surveys
for planets are heavily biased against stellar multiplicity, since double-lined spectroscopic
binaries are much more complicated to model, and RV uncertainties are higher in these
systems. Most RV survey samples exclude known binaries intentionally to avoid this problem.
As a result, most surveys of stellar multiplicity among planet host stars choose target samples
from the Kepler field.

The Kepler field is the region of the sky with the best known planet population, due to
the success of the Kepler Mission. Additionally, no target selection bias against binary star
systems exists for transit surveys like Kepler(although there is likely a planet detection bias
for stellar multiples). However, because the typical distance to Kepler field stars is 500 –
1000 pc, more than an order of magnitude greater than the distances to the nearby stars,
surveys for stellar binaries are limited by the resolution limits of current imaging facilities.
This means that multiplicity surveys of Kepler field stars are only sensitive to wide stellar
companions, at separations & 50 AU. This equates to only half of the separation distribution
for companions to sun-like stars.

Even accounting for this difficulty, the results of multiplicity surveys of Kepler field stars
remain inconclusive. Various surveys undertaken with different instruments and statistical
analyses have produced results that conflict with one another.

Horch et al. (2014) performed a survey for stellar companions to Kepler field stars using
the Differential Speckle Survey Instrument (DSSI) on the WIYN and Gemini North tele-
scopes. They determined that, at these wide separations, the fraction of Kepler stars with
a binary companion seems to be consistent with the stars in the solar neighborhood.

On the other hand, Wang et al. (2014) used adaptive optics observations to search for
stellar companions to 56 Kepler planet hosts, and compared the multiplicity at various
physical separations to the distribution of the binary companions in the solar neighborhood.
They detected a small suppression of stellar companions at separations 100 AU around their
Kepler sample stars, indicating that binaries with separations smaller than 100 AU may have
fewer planets than their wider binary or single star counterparts. A caveat of this study is
the sample size; particularly when binned by binary separation, small number statistics may
have played a role in this result.

A larger survey by Kraus et al. (2016) also reported evidence of suppression of stellar
multiplicity at small separations, relative to the solar neighborhood. Using high-resolution
coronographic AO observations from Keck/NIRC2 and other literature survey data, this
study compared the distribution of companion separation to that in the solar neighborhood
and reported that multiplicity within 47 AU of Kepler sample planet hosts appears to be
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suppressed by a factor of 0.34.
One caveat to all of these surveys is that the stars in the Kepler field have average

distances of 500–1000 pc from the Sun. Therefore, our best high-resolution imaging obser-
vations, capable of detecting companions at separations > 0.′′05, are still only sensitive to
companions at physical projected separations of 50 AU or more for most Kepler stars. This
allows us to cover only half of the stellar companion separation distribution. Therefore,
studies inferring suppression of stellar companions at separations < 50 AU are usually based
on small numbers of nearer Kepler stars, not the bulk of the Kepler sample.

One way to address this problem is to study nearer stars. Conveniently, the K2 mission
extended the Kepler mission and surveyed brighter, closer stars,with typical distances of
100–300 pc.

For the nearer K2 planet hosts, Matson et al. (2018) performed a survey for stellar
companions similar to that of Horch et al. (2014), using the DSSI instrument on the Gemini
North and WIYN telescopes. They found that these stars too had a stellar multiplicity
fraction of 40–50%, consistent with the solar neighborhood. The resolving power of the
DSSI instrument allowed this study to access the inner 15–20 AU around many of their
sample stars, improving upon the results from the more distant Kepler field.

Other similar surveys have focused on giant planet migration, and determining whether
binary companions and Kozai-Lidov oscillations might explain the orbits of hot Jupiters. Sev-
eral such studies have reported evidence that stellar multiplicity is enhanced around stars
that host hot Jupiter type planets. Wang et al. (2015) and Ngo et al. (2016) both found
higher multiplicity fractions for samples of hot Jupiter hosts than for the solar neighborhood.
However, Ngo et al. (2016) also determined that fewer than 20% of these binary companions
are in orbits capable of causing an inner planetary companion to undergo Kozai-Lidov oscil-
lations; additionally, the presence of a stellar companion does not appear to correlated with
spin-orbit misalignment, a byproduct of the Kozai effect (Ngo et al. 2015).

A major downside to all of the studies mentioned here, however, is the use of the solar
neighborhood as a control sample for comparison against known planet host stars. Ideally,
a control sample in this type of study would be comprised of stars known to lack plane-
tary companions. Kepler and K2 have shown that planet occurrence rates are very high,
with most stars hosting at least 1 planet (Batalha 2014). Therefore, the stars in the solar
neighborhood are most likely also nearly all planet host stars, and are not representative of
non-planet hosts. If both the planet host target sample and the solar neighborhood control
sample are comprised mainly of planet hosts, we would not expect to find a significant dif-
ference in their multiplicity fractions. Even if the solar neighborhood is comprised of a mix
of planet hosts and non-planet hosts, any multiplicity difference would be diluted.

1.2.3 Characterization of Transiting Planets

A more subtle effect is the influence of binary companions on our understanding of small
planet sizes and occurrence rates derived from Kepler, K2, and other upcoming transit
surveys. In this case, the effect is on our observations and inferences, not on the physical
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evolution of the planets themselves.
The data analysis procedures of transit missions make the implicit assumption that each

survey star is single. The flux of each star is monitored, and if a periodic transit signature is
detected, the flux during transit is compared to the baseline flux out of transit to ascertain
the transit depth and planet radius.

However, if the target star in question happens to have a binary companion that is
unresolved in the photometric aperture, its light gets included in the flux measurements as
well. The additional light causes a dilution of the transit, making the depth, and therefore
the radius of the planet, appear smaller. In this way, planet radii inferred from measured
transit depths are systematically underestimated due to unresolved stellar companions. The
smallest planets may be missed altogether, as their transit depths are diluted to undetectable
values.

Ciardi et al. (2015) simulated the effect of unknown stellar companions on the radii of
known Kepler field planets. Assuming the distribution of stellar companion mass ratios and
separations conformed to the solar neighborhood, they injected fake stellar companions into
the Kepler sample, then simulated observations to determine if those companions would
have been discovered during vetting by high-resolution imaging. They assumed planets were
equally likely to orbit any star in a binary or triple system, and calculated average radius
correction factors, XR =

rpl,true
rpl,single

, for each system by integrating over the allowable stellar
companion properties.

Without follow-up observational vetting of the Kepler planet host stars, Ciardi et al.
(2015) determined that the average factor by which allKepler planet radii are underestimated
is 〈XR〉 = 1.5. This can be reduced to 〈XR〉 = 1.2 with vetting by high-resolution imaging,
as has been carried out for nearly the complete Kepler planet host sample. However, since we
will never be able to resolve all stellar companions to stars at these distances, this factor will
never reach unity. Therefore, all Kepler radii should be regarded as having a larger upward
uncertainty than reported, to reflect the possibility that an unresolved stellar companion
may be affecting our interpretation of the transit data.

For the best-studied stars, those hosting planets whose masses have been measured via
radial velocities and whose stellar properties estimated spectroscopically, this effect is min-
imized by ruling out much of the parameter space where a stellar binary might reside.
However, for samples of planets that have been confirmed statistically without extensive
ground-based follow-up (e.g. Rowe et al. 2014; Morton et al. 2016), understanding the up-
ward uncertainties due to unresolved stellar companions is particularly important.

1.3 Combining Radial Velocities and Imaging
For nearby stars, one of the most promising upcoming techniques for characterizing plan-

etary systems is to combine radial velocity monitoring of host stars with directly imaging
candidate planets. With the combination of RV data and astrometry from images of a
given planet, the full orbit including inclination and mass can be calculated, eliminating the
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mass/inclination degeneracy inherent in RV analysis. Photometric information may then be
incorporated along with planet cooling models to improve constraints on the mass and age
of the system, providing a more complete picture of the planetary system.

This type of combined RV and imaging analysis has been possible for stellar companions
for many decades. Bright, self-luminous objects are much more easily detectable with our
current imaging technology than their planetary counterparts. Moreover, the RV amplitudes
induced by stellar-mass objects are also easily detectable, even with the less sophisticated
radial velocity techniques that existed many decades ago. For stars in the solar neighborhood,
at distances . 25 pc, the combination of several years of radial velocity data and high-
resolution imaging observations allow complete sensitivity to stellar companions, down to
the bottom of the main sequence.

Until recently, this type of analysis has not been possible for planetary-mass objects.
Radial velocity time series data allows much greater access to close-in planets, which induce
greater RV amplitudes in their host stars and require shorter time baselines for detection
than planets orbiting farther out in their stellar systems. Direct imaging, on the other hand,
requires sufficient separation between the star and planet for effective detection, excluding
most of the planets discovered by RV observations. Additionally, planets are brightest, and
therefore most accessible to direct imaging, when they are young and self-luminous. However,
young stellar systems with young, self-luminous planets are also highly magnetically active,
making them much noisier and more difficult to model spectroscopically. This stellar activity
is a significant source of RV noise, complicating the detection of planetary orbits.

As RV time baselines increase (surpassing three decades now, for some systems) and
direct imaging methods improve, the regimes in which each method may detect planets will
begin to overlap. Techniques for accurately modeling and correcting for stellar activity will
be increasingly important for this type of analysis. This overlap in the orbital parameter
space accessible to each observational method now exists for the nearest stars, where our
current resolution limits allow direct imaging access to the inner few AU. Although no giant
planets have yet been detected by both imaging and RV observations, imaging non-detections
can still be leveraged to place upper limits on the masses of young, nearby giant planets. In
the coming years, with improvements to our ground- and space-based imaging facilities and
the continually increasing timespan of radial velocity surveys, we may succeed at combining
RV and imaging observations of a single planet.

1.4 This Thesis
This thesis explores the overlapping themes of planetary and multiple star systems, as

well as the process of combining radial velocity and imaging observations to improve our
understanding of planetary and stellar systems.

Chapter 2, Assessing the Effect of Stellar Companions from High-Resolution Imaging of
Kepler Objects of Interest, was previously published as Hirsch et al. (2017). It focuses on
stellar companions to Kepler transiting planet hosts. I used multi-wavelength imaging to
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assess whether detected companions were more likely physically bound binary companions
or chance alignments of background stars. This work laid the groundwork for determining
whether stellar companions are bound or not, based on their measured colors and isochrone
models.

I also calculated the radius correction factor, the factor by which the planet radii in binary
systems are underestimated, for many known planetary companions. These underestimates
have a significant effect on individual planet sizes, as well as on the empirical planet radius
distribution. They also have a more subtle effect on the calculation of planet occurrence
rates.

The remaining chapters turn the focus to combining radial velocity and imaging observa-
tions of nearby stars. For Chapters 3, 4, and 5, I use an analysis package I created to perform
joint RV, astrometric, and photometric analyses of orbital properties, using Markov-Chain
Monte Carlo methodology. The combination of these observational techniques allows for
improved constraints on the orbital parameters and masses of orbiting bodies, both stellar
and planetary. This type of joint analysis has been performed on binary systems before, in
order to characterize binary orbits. However, we are only now reaching the era in which
our imaging sensitivities and RV precision are sufficient to perform a similar joint orbital
analysis on planetary-mass companions.

In Chapter 3, Combining Radial Velocities and Direct Imaging to Constrain the Orbit
of the White Dwarf Companion to HD 159062, I provide a simple example of joint RV and
imaging analysis by detailing the discovery and orbital characterization of a white dwarf
companion to the nearby late-G dwarf star, HD 159062. For this project, I built up the
infrastructure to perform joint radial velocity, astrometric, and photometric fits to a com-
bination of RV and imaging data. This work will be submitted as a paper to the AAS
Journals.

Chapter 4, Deep exploration of ε Eridani with Keck Ms-band vortex coronagraphy and
radial velocities: mass and orbital parameters of the giant exoplanet, extends the joint RV
and imaging analysis to constrain planetary companions. ε Eridani is one of our nearest
neighbors, and has long been known to host a giant planet, as well as an outer debris disk.
My own contribution to this study was to perform the detailed RV analysis to assess the
impact of stellar activity on the planet’s orbit, as well as to combine a deep imaging non-
detection of the planet with the radial velocity data to improve our understanding of the
planet’s mass. In this project I applied the methodology built up in Chapter 3, but extended
it to place constraints when the companion is not detected in imaging observations. This
study has been submitted to AAS Journals as Mawet et al. (submitted). The contributions
to the paper that were provided by other authors include the NIRC2 imaging observations
and reductions, the derivation of the direct imaging likelihood, as well as the theoretical
discussion of the planet-disk interaction.

Finally, in Chapter 5, Understanding the Impacts of Stellar Companions on Planet For-
mation and Evolution: A Survey of Stellar and Planetary Companions within 25 pc, I syn-
thesize three years of imaging and radial velocity monitoring of nearly 300 nearby G and
K dwarfs. I first catalog all of the known and newly-detected binary companions to these
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sample stars; I then similarly catalog the results of a periodogram search for planetary com-
panions to the same sample of stars. Using these stellar and planetary companion detections,
I compare the planet occurrence rate in single star systems to that in binary systems to probe
the physical effects of binary companions on planet formation and evolution. This analysis
determines that there is no statistical difference between the planet occurrence rate in single
star systems and that in binary systems, for planets with masses between 0.1 and 10MJ and
semi-major axes between 0.1 and 10 AU. However, none of the planet-hosting binary stars
in our sample have binary separations < 150 AU, even though many close binary systems
are included in our survey.
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Chapter 2

Assessing the Effect of Stellar
Companions from High-Resolution
Imaging of Kepler Objects of Interest1

2.1 Introduction
During the 4-year tenure of the Kepler Mission, over 4000 planet candidates were identi-

fied and their radii estimated. The size of the Kepler sample allows for detailed population
statistics to determine the occurrence rates of planets of various sizes and orbital distances.
Of primary interest is a determination of the occurrence rate of small planets, especially
those with radii smaller than 1.6 R⊕, which could potentially be rocky (Marcy et al. 2014;
Lopez & Fortney 2014; Rogers 2015). The transition from “non-rocky” to “rocky” planets
appears to be extremely sharp, making the detection of accurate planet radii critical for
occurrence rate analyses (e.g. Rogers 2015; Ciardi et al. 2015).

Planet radius estimates from Kepler light curves rely on the inferred properties of the host
star. Due to the fairly low resolution and large pixel scale of the Kepler detector, stellar
companions are difficult to detect without ground-based follow-up observations. Higher-
resolution imaging provides the most efficient method for detecting line-of-sight and bound
companions within 1”. These companions, if present, can dilute the Kepler light curves,
preventing accurate assessment of the planet radius.

In the solar neighborhood, at least 46% of sunlike stars have bound stellar companions
(Raghavan et al. 2010), with the orbital separation distribution peaking at 50 AU. Assuming
the Kepler field has similar multiplicity statistics, nearly half of the Kepler target stars may
have bound stellar companions falling within the same Kepler pixel.

Unknown close stellar companions will cause planetary radii to be underestimated, de-
pending on the relative brightness of the binary components, and which star the planet

1This chapter was previously published as Hirsch et al. (2017) in the Astronomical Journal. It is repro-
duced with the permission of all co-authors.
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is orbiting. For faint companions to planet hosts, the contamination from the secondary
component would be limited to only a few percent; however, if the planet is determined
to be orbiting the fainter secondary component, the planet radius estimate could be off by
an order of magnitude (Ciardi et al. 2015). Unfortunately, determining which star in a bi-
nary pair hosts the observed transiting planet is not straightforward, and requires extensive
individualized statistical modeling (e.g. Barclay et al. 2015).

Neglecting to account for stellar multiplicity can have ramifications for the accuracy of
occurrence studies of small planets. Since unknown stellar companions can cause larger
planets to masquerade as “small” planets, stellar companions can artificially boost estimates
of small planet occurrence by as much as 15 – 20 % (Ciardi et al. 2015). High resolution
imaging follow-up is therefore extremely important for obtaining accurate measurements of
planet radii.

Binary companions may also affect the formation and evolution of planets in a stellar
system, and planets in binary systems are therefore an interesting sub-sample of the wider
Kepler sample. The full implications of stellar multiplicity on planet formation and evolution
are still being explored. Previous studies (e.g. Wang et al. 2014; Kraus et al. 2016) indicate
that stellar multiplicity may be suppressed in planet-hosting Kepler systems, compared to
field stars in the solar neighborhood (Raghavan et al. 2010). This may indicate that planet
formation is more rare in close binary systems than in single star systems. If this were the
case, the problem of transit dilution from unknown stellar companions may impact fewer
systems than expected based on field star multiplicity statistics.

On the other hand, stellar multiple systems contain more than one star to host potentially
discoverable planets, so their number may be enhanced in the KOI sample. Additionally, the
augmented brightness of unresolved binaries relative to single stars of the same spectral type
allows the flux-limited Kepler survey to include stellar multiples at larger distances than
corresponding single star systems. This might also augment the expected number of Kepler
systems in which flux dilution plays a role. The combined result of these various effects is
complex, and more detailed statistical work on Kepler binary statistics is still needed.

TRILEGAL galactic models with assumed multiplicity statistics were applied to the
Kepler field in order to determine the likelihood of chance alignments with background
stars. These models indicate that companions observed within 1” of a Kepler Object of
Interest (KOI) are highly likely to be bound companions, and therefore potentially play a
dynamical role in the formation and evolution of the stellar system (Horch et al. 2014).
More specifically, companions within 0.4” have a less than 10% likelihood of being chance
background alignments, and companions within 0.2” have a nearly zero percent chance, based
on the TRILEGAL galaxy models.

We study KOI host stars with detected close (< 2”) companions on a case-by-case basis,
in comparison to the statistical study performed by Horch et al. (2014). In §2.2, we discuss
the stellar sample of KOI hosts chosen for this study. In §2.3, we describe the Dartmouth
isochrone models used to determine whether a companion is physically associated based
on color information, and the TRILEGAL models used to assess the background stellar
population. In §2.4, we isolate a population of KOI hosts with bound companions and
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compare the bound fraction as a function of separation to the simulation results of Horch
et al. (2014). Finally, in §2.5, we calculate radius correction factors for all of the planet
candidates in our sample for use in future occurrence studies.

2.2 Sample

2.2.1 KOI Host Stars

Our sample consists of 170 stellar hosts of KOIs observed with various high-resolution
imaging campaigns. This sample was drawn from the overall sample of KOI stars observed
with high-resolution imaging, described in the imaging compilation paper by (Furlan et al.
2017, hereafter F17).

We choose targets for this study by requiring that at least one companion was detected
within 2”, and that the companion was detected in two or more filters, providing color
information. We choose the 2” separation limit to include all companions falling on the same
Kepler pixel as the primary KOI host star. For a complete list of detected companions, see
F17. Because imaging campaigns typically targeted the hosts of small planets, our sample
contains a high fraction of small planet hosts.

Figure 2.1 is a histogram of the apparent Kepler magnitudes of our sample KOI hosts
in comparison with the full ensemble of KOI stars followed up with high-resolution imaging,
described in F17. Although some efforts were made to image very faint Kepler targets, none
of our sample stars have Kepler magnitudes fainter than 16. The majority of small Kepler
planets orbit faint host stars; however, this difficulty is currently remedied by the K2 and
upcoming TESS missions.

For each stellar primary, the parameters Teff , log g, and [Fe/H] are taken from Huber et al.
(2014). For many of the stars in our sample (71), these parameters come from spectroscopic
or asteroseismic analysis performed by Huber et al. (2014); Chaplin et al. (2014); Huber
et al. (2013); Ballard et al. (2013); Mann et al. (2013); Batalha et al. (2013); Buchhave
et al. (2012); Muirhead et al. (2012). The spectroscopic and asteroseismic analyses provide
stellar parameters largely unaffected by interstellar extinction toward the Kepler field. These
techniques are also largely unaffected by undetected close stellar companions, unless the
companions’ spectral lines contaminate the primary stellar spectrum to a significant degree.

The remaining sample stars have stellar parameters calculated from photometry, reported
in Huber et al. (2014). Of these, all but 13 have properties revised by Pinsonneault et al.
(2012), Gaidos (2013), or Dressing & Charbonneau (2013), using new models and data to
improve on the original KIC-derived stellar parameters. For the purposes of our study, we
do not re-analyze the stellar properties of any stars in our sample. Rather, we take the
primary stellar properties from Huber et al. (2014) as given, and assess the characteristics
of the companions detected around these stars.

For the 13 stars with KIC stellar parameters, the stellar parameters are expected to be
more uncertain than for stars with parameters derived from seismology, spectroscopy or im-
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proved photometric relationships. Additionally, in the case of systems with nearby compan-
ions, the photometry might be contaminated by the blended companion. The photometrically-
derived stellar properties may therefore be biased. While we recognize this possible effect,
it is beyond the scope of this paper to fully re-derive the stellar parameters for the primary
stars, especially in light of the fact that many of the stars have parameters derived from
spectroscopic and seismological observations.

Figure 2.2 shows the distribution of stellar Teff , log g, and [Fe/H] of our sample stars.
The stars in this work are primarily G and K dwarfs, but the sample also includes 13 stars
with Teff < 4000 K, and 6 hot stars with Teff > 8000K. We also include 4 evolved stars
with log g < 3.5 (see Figure 2.3).

Our sample contains 110 confirmed planets in 72 systems. Of these, 15 planets are
confirmed including analysis of high resolution imaging observations, allowing the authors
to correct for the multiplicity of the host stars. These, we continue to treat as confirmed,
and we do not reanalyze the planetary parameters. However, the remaining 57 systems
were confirmed without the input of observations sensitive to stellar companions, so we do
include these systems in our planet radius reanalysis. Eight of these systems were confirmed
by nature of multiplicity by Rowe et al. (2014), since transiting multi-planet systems have
very low statistical probability of displaying false positive signals in addition to true planets.
Morton et al. (2016) confirms 45 systems using statistical arguments where the possibility of
the planets orbiting a secondary star within a stellar binary system was explicitly neglected.
Finally, 2 systems were confirmed by Van Eylen & Albrecht (2015) and 3 were confirmed
by Xie (2013) and Xie (2014) using TTV analysis to confirm multi-planet systems. For
these 57 systems, the high-resolution imaging follow-up data available to the public on the
ExoFOP2 was not employed prior to confirmation, or the possibility of planets orbiting
a stellar companion was not addressed. We therefore include these systems in our radius
update analysis, while excluding confirmed systems with extensive analysis of high-resolution
imaging data carried out by other groups.

Of the target systems, 76 have one or more planet candidate (PC), including many of
the systems which also host confirmed planets. There are a total of 94 PCs in the sample.
There are also 36 systems which host 38 false positive (FP) signals, including a few which
also have planet candidates or confirmed planets. These systems were followed up with
high-resolution imaging prior to receiving a false positive disposition. We assess whether
the stellar companions of these systems are bound, but we do not include these transits in
our analysis of planet radius updates in §2.5. 39 KOI stars in our sample host multi-planet
systems, with 105 total planets or planet candidates among these systems.

It is important to note that the official Kepler project used none of the ExoFOP1 data
(e.g., images) to assess candidates or FPs in the published planet candidate catalogues (e.g.
Batalha et al. 2013; Burke et al. 2014; Rowe et al. 2015; Mullally et al. 2015).

2https://exofop.ipac.caltech.edu/cfop.php
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Figure 2.1 : Distribution of Kepler magnitudes for stars in this study is plotted in purple. This is
shown in comparison with the population of KOI hosts with any high-resolution follow-up (gray),
including apparently single stars as well as stars with companions detected at separations > 2” or
in only a single filter.
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Figure 2.2 : Histograms of stellar parameters Teff , log g, and [Fe/H] from Huber et al. (2014) for
stars in our sample. The majority of our sample stars have Teff < 7000 K and log g > 4.0. We
include 5 stars that may be subgiants based on their reported log g values (log g < 3.5), as well as
5 hotter stars (Teff > 8000 K).
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Figure 2.3 : HR Diagram of target KOI primary stars based on their stellar properties from Huber
et al. (2014). Dartmouth isochrones are displayed for context, spanning ranges in metallicity from
-2.4 to +0.5 (in steps of 0.1 dex) and age from 1.0 to 15.0 Gyr (in steps of 1 Gyr).

2.2.2 Stellar Companions

In Table 1 of (Hirsch et al. 2017), we document the observations of companions to our
KOI host star sample, compiled from the imaging compilation paper of F17. Columns (1)
and (2) provide the KOI number and component of the companion. Columns (3) and (4)
describe the companion’s position relative to the KOI primary star, and column (5) describes
the differential magnitude between the primary star and companion in the Kepler bandpass,
∆Kp, all taken from F17. Columns (6), (7), and (8) provide data leading to a determination
of bound, uncertain, or unbound for each companion (9), which is explained in §2.3.

F17 details the observations and measured differential magnitudes (∆m= m2 −m1) for
stars with high-resolution imaging, including our target systems. Each companion within
2” must have at least two measured ∆m values from the full set of filters used for follow-
up observations, in order to be included in our sample. These filters include J -band, H -
band, and K -band from adaptive optics imaging from the Keck/NIRC2, Palomar/PHARO,
Lick/IRCAL, and MMT/Aries instruments; 562 nm, 692 nm and 880 nm filters from the
Differential Speckle Survey Instrument (DSSI) at the Gemini North and WIYN telescopes;
i and z bands from the AstraLux lucky imaging campaign at the Calar Alto 2.2m telescope
(Lillo-Box et al. 2014); and LP600 and i bands from Palomar/RoboAO (Law et al. 2014).
We also include seeing-limited observations in the U , B, and V bands from the UBV survey
(Everett et al. 2012) and “secure” detections (noise probability < 10%) in the J -band from
the UKIRT Kepler field survey.
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Figure 2.4 : Separation vs. ∆m for each companion detected within 2” of our sample KOI stars.
Color denotes filter in which observations were made: U , B, and V observations derive from the
UBV seeing-limited survey. 562, 692, and 880 nm observations derive from the DSSI instrument.
i, z, and LP600 observations derive from RoboAO and AstraLux lucky imaging. J -band, H -band,
and K -band measurements come from adaptive optics imaging. Note that each companion has at
least 2 measured ∆m values, so each companion has 2 or more points on this plot, at the same
angular separation.

In several of our higher-order multiple systems, only one component has detections in
multiple filters, often due to field-of-view cutoffs or non-detections of very faint companions.
We include these additional companions in the planet radius correction, but cannot include
them in our physical association analysis.

Figure 2.4 displays the separation versus ∆m measured for each companion detected
within 2” of our sample KOI stars in DSSI, Astralux, RoboAO, UBV, and AO filters (see
F17).

It is important to note that the term “companion” is used here to describe any star
detected angularly nearby a KOI host star. It is not used to imply physical association.
Instead, we will refer to physical binary or multiple systems as “bound” companions, and
unphysical, line-of-sight alignments as “unbound” or “background” companions.

2.3 Determining Physical Association of Companion Stars
Detection of a stellar companion near a KOI host star does not necessarily imply that

the system is a physical binary. An assessment of the companion’s stellar properties must be
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made to determine if the detected companion is physically bound, or simply a line-of-sight
alignment of a background or foreground star. If the system is found to be a bound binary,
then the companion may have played a dynamical role in the evolution of the planetary
system; additionally, the planets may orbit either of the two stars in the system. If an
unbound companion, only the flux dilution from the background source can be taken into
account.

We use the Dartmouth Stellar Evolution models (Dotter et al. 2008) to assess whether
each detected companion is consistent with the isochrone of its respective primary star, by
comparing the measured color to the color predicted for a model bound companion. This
technique has been employed in previous works by Everett et al. (2015), Teske et al. (2015),
and Wittrock et al. (2016). We provide sample figures to elucidate this process in Figures 2.5
and 2.6, choosing one unambiguously bound companion (KOI 1 B), and one unambiguously
unbound companion (KOI 3444 F) to make the technique clear. Note that KOI 3444 F, at a
separation of 3.5”, is not included in our 2” sample, and was predicted to be unbound prior to
analysis due to its larger angular separation from its primary KOI star. Not all companions
have data available in as many colors as these two stars; many have only a single plot panel
(one filter pair). A description of our technique and cutoffs follows:

1. We use the Dartmouth models to produce a set of isochrones spanning ranges in metal-
licity from −2.5 to +0.5 (in steps of 0.02 dex) and age from 1 to 15 Gyr (in steps of 0.5
Gyr). We further interpolate these isochrones to achieve sampling in stellar mass be-
tween 0.1 and 4 M�, with intervals no larger than 0.02 M�. We also incorporate filter
transmission curves for the DSSI filters, allowing absolute magnitudes to be predicted
in these filters from the isochrone models.

2. We use the primary stellar parameters Teff , log g, and [Fe/H] from Huber et al. (2014)
to place the primary KOI host star on the isochrones and calculate a probability
distribution for the primary star absolute magnitude in each of the filters in which
that star was observed. Note that these distributions are subject to inaccuracy for the
13 stars with original KIC photometrically-derived stellar properties, which if bright,
are likely to be more evolved than predicted by the original KIC.

3. To compute the observed colors of the detected companions, we add the measured
∆m values to the modeled absolute magnitudes of the primary stars, and subtract in
pairs. This is particularly important for the stars detected with speckle imaging, since
the DSSI filters are non-standard, and are not calibrated against more commonly-used
filters. We therefore have no measured apparent magnitudes for the primary stars
in these filters, from which we could deblend the component stars. Thus we use the
isochrone magnitude of the primary to derive a magnitude of the companion from the
observed ∆m, then derive colors from the pairs of filters. For uniformity, we use this
technique for all colors, even those including standard filters only (e.g. J −K), where
observed apparent magnitudes could be used.
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4. We compute isochrone models for a bound stellar companion using each measured
∆m. We propagate the primary star’s probability distribution down the set of appli-
cable isochrones by the measured ∆m value. This provides an estimate of the stellar
parameters of a bound stellar companion with the measured ∆m. Each companion has
n “isochrone-shifted” models, where n is the number of filters in which it is detected (at
least 2 for each companion). We average these n models to obtain a weighted-average
companion probability distribution.

5. For each pair of applicable filters, we calculate the probable color of a hypothetical
bound companion. We then compare this model color with the observed color of the
companion to assess whether the companion is consistent with being bound. For a
companion with ∆m measurements in n filters, we can calculate n(n−1)

2
colors. We use

the weighted average companion model (which takes into account each measured ∆m)
to predict the model colors for every possible color pairing. We calculate the offset
between model and observed color for each color pair, in units of the uncertainties in
the measurements and models.

For a set of observations for a given star, the measured colors are not necessarily
independent of each other (e.g., J − K = (J − H) + (H − K)). However, to help
mitigate the effects of using any one specific filter over the others, we have generated
all possible colors for the filters available to assess the agreement between the observed
and isochrone-model colors for each companion.

6. We take the average color offset between the models and observed colors, weighting by
the measurement and model uncertainty in the two relevant filters for each color. If
the average color offset is less than 3σ, we designate the companion as bound. If the
average color offset is greater than 3σ, we designate the companion as unbound.

7. We isolate and reclassify systems where the designation is uncertain. First, we look for
companions whose bound/unbound designation is reliant on a single very significant
∆m measurement. We re-calculate the average color offset, removing the most signifi-
cant observed color. If this procedure changes the conclusion, we reclassify the system
as uncertain. Additional refinement of the ∆m measurements is needed to determine
whether the companion is bound or not.

8. Next, we look for systems with large color offset standard deviations, indicating that the
conclusions from each color pair are mutually inconsistent for a single companion. If the
conclusion can be changed by more than 0.5σ by adding or subtracting the standard
deviation from the average color offset (i.e. a seemingly unbound companion with
〈offset〉 − σoffset < 2.5σ or a seemingly bound companion with 〈offset〉+ σoffset > 3.5σ),
we reclassify the system as uncertain.

In Figures 2.5 and 2.6, we plot a representative set of isochrones, with [Fe/H] within ±1σ
of the primary star’s input metallicity. In black, we plot the probability distribution of the
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Figure 2.5 : This figure details the process we use to determine whether a companion (in this case,
KOI 1 B) is bound. The isochrone model companion color (blue circle) is compared with the observed
companion color (red square) to determine the likelihood that the companion is bound. Light blue
points show the positions of each “isochrone-shifted” model estimate of the companion’s position on
the isochrone. The dark blue point is the weighted average model position, and is compared with the
red observed color point. We plot an extinction vector corresponding to 1 magnitude of extinction
in V -band, as a dark gray arrow in the upper right corner of each panel. This particular companion
receives a designation of “Bound” because its modeled and observed colors agree to within 3σ, for
all color pairings available.
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Figure 2.6 : For KOI 3444 F, the fifth stellar companion to KOI 3444, the isochrone model companion
color (blue circle) is compared with the observed companion color (red square) to determine the
likelihood that the companion is bound. Light blue points show the positions of each “isochrone-
shifted” model estimate of the companion’s position on the isochrone. The dark blue point is the
weighted average model position, and is compared with the red observed color point. We plot an
extinction vector corresponding to 1 magnitude of extinction in V -band, as a dark gray arrow in
the upper left corner of each panel.This particular companion receives a designation of “Unbound”
because its modeled and observed colors do not agree to within 3σ, for all color pairings available.
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primary star in color-magnitude space, based on the isochrone models for the primary star.
Error bars indicate the ±1σ uncertainty contours.

The n “isochrone-shifted” companion probability distributions are plotted in light blue,
with the weighted average companion model in dark blue. Finally, we plot the measured
companion color in red. The horizontal error bars on the observed color represent the
measurement uncertainty in the ∆m values used to calculate these colors. For n filters, we
have n(n−1)

2
panels in our plot, representing the number of color combinations possible with

the set of filters available. Our analysis determines that KOI 1 B is consistent with being a
bound companion, while KOI 3444 F is clearly unbound.

The reader should note that this analysis makes the implicit assumption that the com-
panion detected by each method is not itself an unresolved multiple. If a companion is itself
an unresolved pair (i.e. a hierarchical multiple system), the observed ∆m values would refer
to the composite light from the companions, and the analysis may fail to accurately assess
either companion star individually.

2.3.1 Interstellar Extinction

Our approach makes the implicit assumption that the companion is subject to the same
interstellar extinction as the primary star. We check for consistency between the model and
observed companion colors under this assumption.

Differential extinction between the primary and companion may cause the measured color
to differ significantly from the color expected under the model assumptions, causing our
analysis to produce a designation of unbound. Since the most likely scenario for producing
this differential extinction is that the companion is more distant than the primary KOI star,
and is therefore only a line-of-sight optical double, we would correctly conclude that the
companion is unbound.

One potential source for a false negative – a bound companion that fails to satisfy our
bound criteria – is a bound companion with a significant dusty envelope or disk, causing
distance-independent differential extinction of the companion. However, this scenario is
highly unlikely, as the target stars are not expected to be young, so should not retain their
natal dusty disks.

Likewise, a plausible source for false positives would be a background object that is at-
tenuated and reddened until consistent with the isochrone of the primary star. To provide
an indication of the direction and magnitude of the effect of extinction on background com-
panions, we have plotted an extinction vector on each panel of Figures 2.5 and 2.6. These
vectors have lengths corresponding to one magnitude of extinction in the V -band. Typical
models of interstellar extinction toward the Kepler field assume 1 magnitude of extinction in
V for every kpc of distance in the galactic plane, with extinction diminishing as a function
of galactic latitude with an e-folding scale-height of 150 pc (Huber et al. 2014).

While these possibilities exist, we do not have enough data to make the assessment of
whether the scenarios described apply to any of our systems. Spectroscopic data would
provide more information about the intrinsic properties of the companion stars, and would
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allow a more conclusive assessment of whether the companions are indeed bound. However,
spectroscopy is not available (and is largely precluded by magnitude limits and the closeness
of the stellar primary) for the vast majority of the companions included in this sample.
Instead, we look at the predicted population of background stars to determine the probability
that each candidate bound companion is a line-of-sight alignment. We compare this to the
probability of a solar-type primary hosting a bound stellar companion at the predicted mass
ratio and separation.

2.3.2 Comparison with Stellar Population Models

For the companions in our sample with colors consistent with the same isochrone as the
primary (candidate bound companions), we additionally check the relative probabilities of
the companions being bound versus background alignment, before applying the designation of
bound. Specifically, we use the known multiplicity statistics of the Solar neighborhood from
Raghavan et al. (2010) to determine the probability of a solar-type star having a companion
within ±3σ of the model mass ratio from the isochrone models, and at a separation greater
than the derived projected separation.

Based on the Raghavan et al. (2010) multiplicity statistics, we utilize a log-normal dis-
tribution for the probability distribution in orbital period, which we calculate based on the
observed angular separation, the predicted stellar distances from the ExoFOP website1, and
the modeled stellar masses of both the primary and stellar companion. The distance es-
timates to each KOI star found on the ExoFOP website1 derive from models calculated
by Huber et al. (2014). The uncertainties on these distance estimates are typically of or-
der 15%, and are uncorrected based on the discovery of a stellar companion. For KOIs
with a bright stellar companion increasing the inferred brightness of the primary star, the
true distance may be larger than the distance reported by the Huber et al. (2014) models.
Greater distances would imply larger projected separations, and would therefore decrease
the probability that the companion is bound.

To determine the probability of a companion within ±3σ of the modeled mass ratio,
we assume a flat distribution in mass ratio q from values of zero to unity (Raghavan et al.
2010). We integrate under the curve from the lower to upper bound, and apply this fraction
to the overall fraction of sunlike stars with one or more stellar companions, 46%. We then
apply the fraction from integrating under the log-normal curve in orbital period, from the
calculated period to infinity. We choose this upper bound to account for projection effects
allowing long orbital periods to appear as smaller separations due to orbital orientation and
phase.

We note that choosing the multiplicity statistics from Raghavan et al. (2010) may not be
accurate for this sample, as previous work on the Kepler field planet host stars has shown
that stellar multiplicity may be affected by the presence of planets (Wang et al. 2014; Wang
et al. 2014; Kraus et al. 2016). However, the specifics of this multiplicity effect are not
yet well-understood, so we default to using the known multiplicity statistics of the Solar
neighborhood.
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We compare this derived bound probability to the probability of a chance alignment
within the measured angular separation, and at the measured apparent Kepler magnitude of
the companion. We produce 9 galactic stellar population models using the online TRILEGAL
galaxy population simulator (Girardi et al. 2005) with galactic latitudes from 6◦ to 22◦,
spanning our sample of KOIs, and areas of 1 square degree. For each KOI, we refer to
the two galactic models with latitudes most similar to that of the KOI, and we interpolate
to determine the background probability. We filter the results of each TRILEGAL model
to contain only those stars with Kepler magnitudes within ±3σ of the observed Kepler
magnitude of the stellar companion, since only stars with similar brightnesses and colors to
the observed stellar companions would have been consistent with our initial check against
the primary star’s isochrone. We then calculate the stellar density of the field surrounding
the KOI, and multiply by the area within the observed angular separation of the companion
to determine the probability of a background interloper with the required brightness falling
within the required area around the KOI.

We use only the Kepler bandpass to filter the results of the galactic models, and still
find background probabilities of < 12% in all cases, and < 2% in all but 3 cases. These
very low background probabilities are expected, due to the very small angular region in
which all of our observed companions reside. We find similar background probabilities for
stellar companions designated as uncertain and unbound based on isochrone models, with no
distinct difference among the 3 samples. These probabilities would be further reduced if we
filtered the galactic models for consistency with all measured magnitudes or colors, instead
of only looking at the Kepler apparent magnitude.

We calculate the ratio of bound probability to background probability for the candidate
bound companions. In all but two cases, these ratios exceed unity, typically by one or
more orders of magnitude. The median value of the probability ratio for stars in the bound
category is 367.5. Only 11 stars have probability ratios less than 10, and only 2 (KOI 703
B and and KOI 6425 B) have ratios less than unity. We move these two companions to the
uncertain category, and do not include them in further analysis of bound systems. In Table
2 of Hirsch et al. (2017), we provide the background probabilities, based on the TRILEGAL
models, for all companions. We also provide the bound probabilities based on multiplicity
statistics of the solar neighborhood (Raghavan et al. 2010) for the companions consistent
with being bound.

2.4 Bound Companions to Kepler Planet Hosts
Based on the isochrone analysis and comparison to background stellar population models,

we highlight a population of KOI hosts with likely bound companions, which can be found
in Table 1 of Hirsch et al. (2017). This group of planet-hosting stellar multiple systems is a
valuable comparison sample for the wider Kepler planet host population.

We plot the distributions of stellar properties for the bound companions to our sample
targets in Figure 2.7. We also plot for reference the stellar parameters of the primary stars
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Figure 2.7 : Histogram of the stellar properties derived from isochrone models for the bound com-
panions to KOI stars in our target sample are plotted in the diagonally hatched red histograms.
The dark blue hatched histograms show the stellar properties of the primary KOI stars in each of
these bound systems for reference. As expected, companion temperatures are skewed cool, with
most companions having Teff < 6000 K. These companions all appear to be main sequence stars,
with 4.0 ≤ log g ≤ 5.2, assuming their host stars’ stellar properties are accurate.
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Figure 2.8 : Scatter plot of projected physical separation in AU versus mass fraction q = M2
M1

for
bound companions. Each companion represents one data point on this plot. Projected separation
is calculated from angular separation measured from imaging data and the distance estimate taken
from the ExoFOP website. Each system’s mass ratio is determined based on the isochrone models
for the primary and secondary star. For context, we also plot the detection limits for several of
the observational techniques used for this project, under the assumption that the primary star is
sun-like (M1 = 1.0 M�) and at a distance of 500 pc. These values represent a typical primary
star for our sample, with a median primary star temperature of 5780 K and median distance of
420 pc. Regions of detectability lie above the colored lines, and will vary for primary stars of
different masses, at different distances. We also plot the corresponding ∆Kp values for systems
with M1 = 1.0 M� on the right axis for reference. The sensitivity curve for each instrument is
plotted against the mass-ratio, not ∆Kp, as each technique is carried out in a different filter, none
of which include the Kepler bandpass.
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in these bound binary systems. The companion population has a lower average Teff and
a higher average log g than their primary stars, as expected for a coeval pair. The bottom
panels of Figure 2.7 show the radius and mass ratios of the bound stellar companions. This
information feeds directly into the planet radius correction factors, described in §2.5. Note
that this distribution is subject to detection limits on much fainter companions, so the lower
number of stellar companions at small radius and mass ratio likely reflects the difficulty in
detecting high-contrast systems. Malmquist bias may also play a role, since systems with
mass and radius ratios close to unity would be brighter, and therefore overrepresented in
both the Kepler sample and the subsample of stars with high-resolution imaging follow-up.

In Figure 2.8, we plot the projected physical separations and mass ratios of each bound
multiple system, in order to demonstrate the sensitivity of high-resolution imaging campaigns
to companions in physical space. We calculate projected separation using the distance esti-
mates to each KOI star found on the ExoFOP website1. The uncertainties on these distance
estimates are typically 15 − 20%. Since the stellar companions to all of these KOI stars
may increase the apparent brightness, stars with companions may be more distant than the
models indicate, and the true projected separations may therefore be correspondingly larger.
Mass ratios are calculated based on the isochrone models for each component of the system.

For reference, we provide characteristic detection limits for each of several techniques
used to find the stellar companions here. We include AO observations from Keck/NIRC2,
Palomar/PHARO, and Lick/IRCAL, as well as DSSI speckle observations from the Gemini
North andWIYN Telescopes, taken from F17. We convert these detection limits from angular
separation and ∆m to projected separation and mass ratio by assuming the primary star is
a solar-mass star at a distance of 500 pc. These are typical values for the primary stars in
our sample, which have a median temperature of 5780 Kelvin and a median distance of 420
pc. Note that the exact detection limits will differ for each KOI system based on its primary
star mass and distance.

In the future, the distribution of stellar systems in this diagram could be compared to
a theoretical distribution, based on known properties of solar neighborhood binaries (e.g.
Raghavan et al. 2010), typical stellar properties and distances to stars in the Kepler field,
and the detection limits of each of the techniques used here. This comparison would allow us
to test whether the multiplicity of Kepler planet hosts is qualitatively similar to typical field
binaries. However, this analysis is outside the scope of this paper, which is primarily focused
on determining whether the companions discovered by high-resolution imaging are bound or
not. For an ideal statistical study of stellar multiplicity as it relates to planet occurrence, a
more careful selection of a target stellar sample, as well as a control sample, is required.

Horch et al. (2014) simulate the binary and background stellar populations for the Kepler
field, and conclude that within the detection limits of the DSSI instrument at either the
WIYN 3.5-m or Gemini North Telescopes, the vast majority of sub-arcsecond companions
detected with high-resolution imaging should be bound, rather than line-of-sight companions.
The bound fraction versus separation curve depends on the sensitivity of the instrument to
high-contrast companions, and therefore can differ for each instrument and telescope.

We use our bound and unbound/uncertain populations to assess the fraction of bound
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companions as a function of angular separation. In Figure 2.9, we plot the separation in
arcseconds against the ∆Kp, the ∆m in the Kepler bandpass, for each companion in our
sample, indicating with symbols which companions are bound, uncertain, and unbound.
∆Kp values are taken from F17 for unbound and uncertain stars, and from the isochrone
models for bound stars. Visually, it is clear that companions within 1” are most likely to be
bound rather than either unbound or uncertain, while companions at 2” are approximately
equally likely to be bound or unbound. We list the fraction of companions found to be bound,
in bins of 0.2”, in Figure 2.9. For the reported fractions, we exclude uncertain companions.

We choose bins of this size in direct comparison with similar plots from Horch et al.
(2014). The goal of this comparison is to assess the theoretical results with observational
data. Our observational results confirm the model results from that study, which indicate
that companions within 1” are likely to be bound companions.

We do find 3 anomalous unbound companions at very close separations: KOI 270 B, KOI
4986 B, and KOI 5971 B. Only the first two of these appear in our plot, since KOI 5971
has insufficient data to calculate the ∆Kp value for the companion. We suspect that these
might be anomalous false negatives, since a very bright, very close companion may skew the
initial predicted stellar parameters of the primary KOI stars, which are used as the basis for
our analysis. If the assumed stellar parameters of the primary star are incorrect, then the
analysis may produce incorrect results.

Indeed, two of these very close but apparently unbound companions (KOI 4986 B and
KOI 5971 B) have stellar parameters estimated using KIC photometry by Pinsonneault et al.
(2012). Without knowledge of a very close, fairly bright stellar companion, the KIC pho-
tometry is blended and may produce inaccurate stellar properties. KOI 270, on the other
hand, has stellar parameters from asteroseismology (Huber et al. 2013). Additional data are
needed to resolve the anomaly of three such close, bright, but apparently unbound compan-
ions. For example, spectroscopic analysis might revise the stellar parameters calculated for
the primary KOI host star, and repeating our analysis might then produce different results.

Between 0.2” and 1.2”, our bound fraction results agree with those predicted by Horch
et al. (2014), falling in between the prediction for the Gemini North and WIYN 3.5-m
telescopes. At 0.0 – 0.2”, our bound fraction is lower than predicted, mainly due to the three
very close, unbound companions described above. If these three companions are removed, the
bound fraction is 100%, in agreement with the expected bound fraction in this separation
region. Outside of 1.2”, Horch et al. (2014) can not provide a prediction for the fraction
of detected companions that should be bound, since the field of view of the DSSI camera
excludes this region. We find that the bound fraction between 1.2” and 2.0” levels off,
approaching approximately 55 % of companions. At some separation, we expect this fraction
to begin to decline; however, this occurs beyond our sample range.

In Figure 2.10, we plot the bound fraction with confidence intervals, listed in Figure
2.9, in gray. We determine the 1σ confidence intervals for the bound fractions using the
Clopper-Pearson binomial distribution confidence interval. This method is based on the full
binomial distribution.

We also plot the cumulative distributions of the separations of bound and unbound stellar
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Figure 2.9 : Separation vs. ∆Kp for each companion detected within 2” of our sample KOI hosts,
with color denoting the designation we assign each companion (bound, uncertain, and unbound).
The text in the top portion of the plot lists the bound fraction in bins of separation with width 0.2”.
Confidence intervals are calculated based on a Clopper-Pearson binomial distribution confidence
interval.

companions on the right axis (in red and black, respectively), showing distinctly different
distributions in separation for these two populations. Approximately 40% of close bound
companions are located within 0.5” of their stellar primaries, and half of the detected bound
companions are located interior to 0.7”. On the other hand, the cumulative distribution
places less than 50% of unbound companions interior to 1.2”.

We perform a two-sample Kolmogorov-Smirnov test to determine whether the observed
distributions of separations among the bound and unbound samples are consistent with be-
ing drawn from the same parent distribution. The null hypothesis that the two samples are
drawn from the same parent distribution has a p-value of 0.002, indicating that the sepa-
ration distribution for the bound companions is distinct from the distribution for unbound
companions.

2.5 Planet Radius Corrections
Planetary radii for Kepler planet candidates are calculated assuming the planet resides in

a single stellar system (e.g. Batalha et al. 2013; Burke et al. 2014; Rowe et al. 2015; Mullally
et al. 2015). For KOI hosts with stellar companions unresolved in Kepler photometry,
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Figure 2.10 : On the left axis in gray shading, we plot the bound fraction as a function of separation,
with 1σ confidence intervals. On the right axis, in heavy black and red lines, we plot the cumulative
distributions of the separations of bound and unbound stellar companions, displaying statistically
different populations. Bound companions are more tightly concentrated at close angular separations,
while unbound companions are mostly more distant than 1”.
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however, the light from the stellar companion will dilute the transit signal, causing the
planet to appear smaller than it actually is.

For the purposes of the planet radius correction analysis, we whittle our KOI host sample
down to a relevant subset. We first remove all KOIs with a disposition of False Positive,
since these transit signals do not represent the presence of planets. We also remove several
KOI systems with dispositions of Planet Candidate, but planetary radii larger than 2 RJ .

For confirmed planetary systems, we include only those systems without extensive and
individual follow-up, including high-resolution imaging, available in the literature. For many
of the confirmed systems in our sample, other research groups have discovered and accounted
for the presence of a stellar companion in determining updated planet parameters. We do not
repeat this analysis for these systems, since stellar multiplicity has already been addressed.

This subsample does not exclude all confirmed planetary systems, since 57 of 72 confirmed
systems in our sample were confirmed without an explicit analysis of the effects of the
stellar companion. Of these, 8 achieved confirmed status by nature of their inclusion in
multi-planet systems (Rowe et al. 2014). Five achieved confirmed status based on TTV
analysis (Xie 2013, 2014; Van Eylen & Albrecht 2015). Morton et al. (2016) confirmed
45 systems statistically, but explicitly neglect the possibility that the planets might orbit a
stellar companion. Since the planets in these 57 systems did not receive re-analysis including
the full effects of the stellar companion, we must still account for the radius correction due to
the stellar companion. For these confirmed systems, and for the planet candidate systems in
our sample, we re-analyze the planetary radii to correct for the contamination of the transit
signal by another star on the same Kepler pixel.

For stellar multiple systems, the ratio of the true planet radius to the inferred single
radius can be defined as

XR =
Rp(true)

Rp(single)
=

(
Rt

R1

)√
Ftot
Ft

(2.1)

where Rt and Ft are the radius and the Kepler bandpass flux from the transited star, Ftot
is the Kepler bandpass flux from all stars within the Kepler aperture, and R1 is the radius
of the assumed-single primary KOI star (Ciardi et al. 2015; Ciardi et al. 2017). This planet
radius correction factor includes a component to correct for the dilution of the light from
the stellar companion, as well as a component to correct for the assumption that the planet
orbits the primary star, and thus R1 is the relevant radius with which to calculate Rp. For
any planets orbiting the KOI primary star,

Rt

R1

= 1 (2.2)

since the primary star is also the planet host (Ciardi et al. 2015; Ciardi et al. 2017).
Note that Equation 2.1 only provides an estimate of the radius correction factor for

a given system. In order to more accurately assess the true planetary radii in a system
with a close stellar companion, the original transit signal would need to be re-fitted, in
order to take limb-darkening and a potentially updated impact parameter into account. In
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addition, knowledge of a stellar companion may change the interpretation of the primary
star’s stellar properties, particularly for those stars with photometrically-derived properties.
These updates to stellar radius and Teff would also need to be addressed, on a case-by-case
basis, in order to fully correct the planetary properties.

Without significant observational follow-up, we cannot fully assess which star in a stellar
multiple system is the planet host. While an analysis of the position of the Kepler raw
image centroids has been used in some cases to assess the location of the transit host star
(e.g. Barclay et al. 2015), for the majority of the systems in our sample, the stellar companion
is too close and the centroid position too poorly constrained to rule out either the primary
or the companion as the planet host. Additional modeling may make this technique for
determining the planet host possible for the widest stellar companions and the largest planets
in the sample, but it is beyond the scope of this work.

We therefore calculate XRn , the planet correction ratio assuming the planet host star is
the nth component of the system, for each of our bound systems. In all cases but one, n = 1
or 2, where the planets may orbit either the primary or bound companion. We report these
values in Table 2 of Hirsch et al. (2017). In the KOI 652 system, we detect 2 bound stellar
companions, so we report XR3 in the table comments.

For unbound or uncertain systems, we are unable to perform the same analysis, since
we do not have a good estimate of the stellar parameters of the line-of-sight companions.
Due to unknown interstellar extinction, we cannot assume that the colors we measure are
representative of the intrinsic colors of these stars, and we therefore cannot rely on color-Teff

relations to estimate these stars’ radii. We only calculate XR1 , based on flux dilution, for
these systems. However, it is still possible that the planets orbit the unrelated companion,
rather than the KOI primary star. In this case, the planet radius correction factor may be
significantly higher than the XR1 value we provide.

Converting from units of flux to magnitudes, we write the ratio of true to assumed single
planet radius as

XR =
Rp(true)

Rp(single)
=

(
Rt

R1

)( N∑
n=1

10−(∆mn−∆mt)/2.5

)1/2

(2.3)

where ∆mn is the ∆Kp of the nth component and N is the number of components in the
system which fall on the Kepler pixel, including the KOI primary star. ∆mt is the ∆Kp of
the transited star, and ∆mt = 0.0 if the primary star is the planet host.

Using the observed ∆m values and colors of the companion stars, we calculate the degree
of contamination due to the companion in the Kepler bandpass, ∆Kp. For bound com-
panions, we use the isochrone models to provide estimates of the ∆m values in the Kepler
bandpass, using the weighted average of the absolute Kepler magnitude from each of the
“isochrone-shifted” models for the companion, as well as the absolute Kepler magnitude of
the primary provided by the initial isochrone models.

For uncertain and unbound companions, we cannot use the isochrone models to accurately
represent the stellar properties of the companion. Instead, we follow the conversions from the
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various measured ∆m values to ∆Kp described in F17. They take a weighted average among
all available methods for each target, excluding the Kp − J and Kp − K color-magnitude
estimates for targets with both J and K measurements. This provides an estimate of the
∆Kp for each companion. We use this estimate for unbound and uncertain companions,
whose isochrone models do not represent the background or foreground star observed.

We list the resulting ∆Kp values used for our analysis of the planet radius correction
in columns (3) and (4) (if more than one companion lies within 2” of the primary star) of
Table 2 in Hirsch et al. (2017). Three stars in our sample (KOI 975, KOI 3214, and KOI
5971) do not have the correct ∆m measurements to calculate ∆Kp as described. These
stars were measured with filters for which we do not have relationships that would convert
the measured ∆m values to ∆Kp. KOI 975 (Kepler-21) is analyzed in-depth and confirmed
by Howell et al. (2012), who include analysis of high-resolution imaging data, so we do not
re-analyze the planet radii in this system. For the other 2 systems without calculated ∆Kp
values, we cannot include a planet radius correction.

With known ∆Kp values, we calculate the radius correction factors assuming the planet
orbits the KOI primary star, XR1 . For bound companions we also calculate XR2 , the radius
correction factors assuming the closest bound stellar companion hosts the planets. The
radius correction factors can be found in Table 2 of Hirsch et al. (2017).

Figure 2.11 shows the distributions of XR for the bound systems, under four scenarios: In
panel a), we show the distribution of XR1 , the dilution correction required to correct planet
radii if all planets orbit the primary KOI stars.

In panel b), we use the relative occurrence rates of planets of various sizes to assess the
relative likelihood that the larger or smaller stellar component hosts the planets (making the
planets smaller or larger, respectively). We use the binned occurrence rates as a function
of planet radius, marginalized over planet orbital period, from Howard et al. (2012). For
a given planet, we calculate the radius assuming the planet orbits the primary star, and
the larger radius assuming the planet orbits the secondary. We then compare the relative
occurrence rates at these two planet radii, and weight our XR average by these occurrence
values.

The relative occurrence rates used for this analysis are marginalized across orbital period
and stellar mass. This process is further complicated by a lack of understanding of the oc-
currence rates of planets in binary star systems, which may be very different from planets in
single star systems. However, this simple analysis allows us to leverage previously-measured
planet occurrence statistics and improve our estimate of the possible planet radius correc-
tions.

In panel c), we assume the planets are equally likely to orbit the primary and secondary
star, and take a simple average of the XR1 and XR2 values. In panel d), we show the
distribution of XR2 , the radius correction factors needed if all planets orbit the smaller
secondary stars.

For KOI 652, which has two bound stellar companions within 2”, we only include XR2 in
the plot.

Under the assumption that planets in bound stellar multiple systems are equally likely to
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orbit either the primary or secondary star, a mean radius correction factor of XR = 1.65 is
found, indicating that planets in binary systems may have radii underestimated, on average,
by 65%. The weighted average scenario may be more realistic, and provides a mean radius
correction factor of XR = 1.44.

Ciardi et al. (2015) predict that the average radius correction factor for the Kepler field
should be 〈XR〉 = 1.6 for G dwarfs without radial velocity and high-resolution imaging
vetting of KOI host stars. They assume the multiplicity of the Kepler field is comparable to
the solar neighborhood (Raghavan et al. 2010), and that planets are equally likely to orbit any
component of a stellar multiple system. Comparable multiplicity to the solar neighborhood
was shown to be a reasonable assumption by Horch et al. (2014) based on high-resolution
imaging, which is most sensitive to stellar companions at fairly large physical separations.
However, there are indications that multiplicity may be suppressed at smaller separations
(e.g. Wang et al. 2014; Wang et al. 2014; Kraus et al. 2016), and other effects such as
Malmquist bias may also play a role in determining what fraction of Kepler planet hosts
have unknown stellar companions.

We would expect that our average measured XR for bound systems in our sample should
be greater than the predicted 〈XR〉 for the full Kepler field, since we do not include any single
stars (XR = 1.0) in our analysis. If we make the simple approximation that our detected
bound binary systems are representative of all binary systems in the Kepler field (i.e. all
Kepler field binaries have a mean radius correction factor of XR = 1.65, like our sample
binaries), and assume that 46% of all Kepler stars are binaries (as the multiplicity statistics
of the solar neighborhood indicate), then we would expect a mean radius correction factor
for the full Kepler field of XR = 1.3, smaller, but roughly consistent with the predictions
of Ciardi et al. (2015). Note that this simplistic analysis neglects unassociated background
stars entirely, and a more complete analysis would also account for the variation in typical
binary mass ratio (or ∆m) as a function of separation.

In Figure 2.12, we plot the distribution of planet radii for KOIs in our sample, divided
into specific, uneven bins corresponding to planet type: < 1.25R⊕ for Earth-sized planets;
1.25 – 2.0R⊕ for Super Earth-sized planets; 2.0 – 6.0R⊕ for Neptune-sized planets; 6.0 –
15.0R⊕ for Jupiter-sized planets; and > 15.0R⊕ for planets larger than Jupiter. In gray, we
plot the number of planets in our sample in each of these bins, prior to radius correction. In
color, we plot the distribution of corrected radii under the same four scenarios as in Figure
2.11, but including unbound and uncertain stellar systems as well as bound systems. In all
cases, we only apply the dilution correction, XR1 , to unbound and uncertain systems.

Figure 2.12 clearly shows that dividing planets into bins based on uncorrected planet radii
can cause significant overestimates of the occurrence of small planets; in all four scenarios,
the population of Earth-sized and Super Earth-sized planets in our sample decreases signif-
icantly when radii are corrected for the presence of stellar companions, while the number
of Neptune-sized and Jupiter-sized planets increases. The amount by which the popula-
tion sizes change depends upon assumptions about which star hosts the planets. This type
of analysis, performed by Ciardi et al. (2015) on a synthetic Kepler population, predicts
that the occurrence of small planets (< 1.6R⊕) may be overestimated by 16% unless stellar
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multiplicity is accounted for.
It is important to note that there is a corresponding effect acting in the opposite direction,

potentially causing the occurrence of small planets to be underestimated. Specifically, the
increased difficulty of finding small planets in systems with stellar companions means our
sensitivity to small planets may have been overestimated. In truth, we are likely missing
many small planets whose transits are heavily diluted by a stellar companion.

The relative scale of these two effects is difficult to quantify and is beyond the scope of
this paper to calculate. However, we provide an estimate of the minimum detectable planet
size for a typical binary system in our sample. KOI-1830 has an apparently bound stellar
companion separated by 0.46” from the primary KOI star, with a ∆Kp = 2.65±0.08 mag, the
median value of ∆Kp in our sample. KOI-1830 hosts two planets which were statistically
validated by Morton et al. (2016), although the validation did not fully account for the
stellar multiplicity. Prior to the discovery of the stellar companions, the best estimates of
the planetary radii were 2.35± 0.1 and 3.65± 0.15 R⊕, with transit depths of 823 ppm and
2060 ppm. The orbital periods of the two planets are 13.2 and 198.7 days. Based upon our
work, we find that the planets are underestimated by a factor of XR1 = 1.042 (planets orbit
the primary) or XR2 = 2.409 (planets orbit the secondary).

Based on the reported transit depths and S/N values, we estimate how small each of
these planets could be before it became undetectable around each of the stellar components.
SNR depends linearly on transit depth as:

SNR =
δ

σCDPP

√
ntrtdur

3 hr
(2.4)

(Howard et al. 2012).
We define a minimum transit detection threshold (δthreshold) such that the minimal signal-

to-noise of a detected transit must be ≥ 7.1 (as is the case for the Kepler pipeline). For the
two transiting planets (at their respective orbital periods), the minimum detectable transit
depths are δthreshold = 119 ppm and 346 ppm, respectively. Assuming no dilution by a stellar
companion, these depths correspond to planetary radii of 0.89 R⊕ and 1.5 R⊕. However,
taking into account the presence of the stellar companion, the minimum detectable planet
sizes are 0.93 R⊕ and 1.56 R⊕, if the prospective planets orbit the primary star, and 2.15
R⊕ and 3.6 R⊕, if the prospective planets orbit the secondary star.

Thus, while we might assume the data are sensitive to all planets in KOI-1830 that are
larger than 1.5 R⊕ with an orbital period of 198.7 days, planets as large as 3.6 R⊕ might
actually be present without being detected. Likewise, planets with sizes of 0.89 – 2.15 R⊕
might be undetectable at orbital periods of 13.2 days.

The true frequency rates, and associated uncertainties, of planets as a function of plane-
tary size must take into account the probabilities that the stellar systems contain more than
one star. Future efforts in this direction might allow us to assess the combined impacts of
stellar multiplicity on planet occurrence statistics.
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Figure 2.11 : Distribution of planet correction factors, XR, for the bound systems in our sample.
These include the dilution factor as well as correcting for the radius of the transited star. Panel a):
All planets assumed to orbit the primary KOI; XR = XR1 . Panel b): XR calculated by weighted
average, based on the relative occurrence rates of planets of various sizes. Panel c): Planets equally
likely to orbit primary or secondary star; XR = 〈XR〉 = 0.5 (XR1 +XR2). Panel d): All planets
assumed to orbit secondary star; XR = XR2 . In all cases, dilution is accounted for in the calculation
of the correction factor.

2.6 Conclusions
High resolution imaging follow-up is essential for accurate estimation of transiting planet

radii. It will prove especially useful for planets discovered by the K2 and TESS missions,
due to their inclusion of closer, brighter stars than the Kepler prime mission.

If stellar companions (both bound companions and chance line-of-sight background stars)
cause significant underestimation of the Kepler planet radii, this will certainly compromise
calculations of planet occurrence, which divide the ensemble planet population into bins in
planet size. Additionally, studies of the boundary between rocky and gas giant planets rely
on comparing planet densities in bins of planet size. If both the densities and radii of planets
are inaccurate due to a stellar companion, conclusions about the nature of small planets may
be flawed.

We find that Kepler planets in binary systems have radii underestimated by a mean
radius correction factor of 〈XR〉 = 1.65, meaning their radii are underestimated, on average,
by more than 50 %, assuming equal likelihood of orbiting either component (〈XR〉 = 1.44
if weighted by planet occurrence rates at different planet sizes). Expanding this to the full
Kepler sample, including single stars, we predict that the average radius correction factor
for the full Kepler field should be 1.3, roughly consistent with the simulation results from
Ciardi et al. (2015).

We confirm that very close stellar companions are highly likely to be bound, as predicted
by Horch et al. (2014). We show that if a companion is detected within 2”, the star is likely
bound (& 50%), and if detected within 1”, the star is almost certainly bound (& 80%).
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Figure 2.12 : Distributions of original Kepler pipeline and updated planet radii for all planet candi-
dates and confirmed planets without high-resolution imaging analysis in our sample. We divide the
KOIs in our sample into bins representing planets of different types: Earth-sized planets (< 1.25

R⊕), Super Earth-sized planets (1.25 – 2.0 R⊕), Neptune-sized planets (2.0 – 6.0 R⊕), Jupiter-sized
planets (6.0 – 15.0 R⊕), and larger planets (> 15.0 R⊕). The gray bars plot the planet radius
distribution of our sample under the assumption that the KOI hosts are single stars. The colored
bars display updated planet radius distributions, under the same four scenarios as in Figure 2.11.
In all cases, planets in unbound or uncertain systems are assumed to orbit the primary star, with
XR = XR1 .

Figure 2.13 : Corrected planet radii are plotted against the original Kepler pipeline radii for all
planet candidates and confirmed planets without high-resolution imaging analysis in our sample.
For radius correction factors equal to zero, these results should lie on the 1:1 line. Instead, planets
lie at or above this line depending on the factor by which their radii are underestimated. The
scenarios in the four panels are the same as in Figure 2.11. Only planets in bound systems are
included.
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Finally, we provide a demonstration of how uncorrected planet radii might bias a radius-
based study of planet occurrence. For our sample, we find that correcting for stellar multi-
plicity or line-of-sight stellar companions significantly decreases the number of Earth-sized
and Super Earth-sized planets, while increasing the number of Neptune- and Jupiter-sized
planets in the sample. We also demonstrate the effect of stellar dilution making small planets
that might otherwise be counted among Earth-sized and Super Earth-sized bins effectively
undetectable, thus biasing small planet occurrence in the other direction.

The specific amount by which multiplicity biases the sample sizes of different types of
planets depends heavily on assumptions about the multiplicity of the stars in the sample,
as well as assumptions about which stars in a stellar multiple system host the planets. The
best way to account for this problem is by using high-resolution imaging follow-up to rule
out stellar companions whenever possible. This technique will be even more effective for the
upcoming TESS and K2 samples, which have much smaller average stellar distances than
the Kepler sample.

Although we do not perform a full statistical analysis of the multiplicity of the Kepler
planet hosts to assess how multiplicity affects planet formation and evolution in this work,
we do provide a new sample of Kepler planets in bound stellar multiple systems for this
type of work in the future. A full analysis of the bias inherent in the selection of our sample
would be required in order to make any statements about this subject.
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Chapter 3

Combining Radial Velocities and Direct
Imaging to Constrain the Orbit of the
White Dwarf Companion to HD 159062

3.1 Introduction
There are more than two hundred known white dwarfs within 25 pc of the Sun, most of

which are kinematically consistent with the thin disk population (Sion et al. 2014). The DA
spectral type, which are distinguished by deep Balmer lines in their spectra for Teff> 5000
K, is the most common, with DA white dwarfs approximately twice as abundant as all other
spectral types (Giammichele et al. 2012; Sion et al. 2014). Approximately one quarter of the
known nearby white dwarfs reside in binary systems, most with a less-evolved companion
but several in double-degenerate binaries (Holberg et al. 2016). This fraction is notably
significantly lower than the field binary fraction, but may reflect a detection bias rather than
a physical effect, since faint white dwarf companions to bright nearby stars have likely been
missed in many surveys of the solar neighborhood. Understanding the population of nearby
white dwarfs, and especially those in binary systems, is important for constraining the star
formation history of the local neighborhood, as well as low-mass stellar evolution and white
dwarf cooling models.

HD 159062 is a bright nearby G9 dwarf star with low metallicity ([Fe/H]= −0.31 dex).
Its age estimates suggest it is fairly old, with values of ≈ 7 Gyr suggested by its measured Ca
II H&K emission diagnostic, R′HK , and the empirical relation between R′HK , rotation, and
age from Mamajek & Hillenbrand (2008). HD 159062 is in the solar neighborhood at 21.7 pc,
and as expected based on its age estimate, its kinematics are inconsistent with any nearby
young clusters (Gagné et al. 2018). HD 159062 is consistent with an old main sequence G–K
dwarf based on its log g and Teff . Its properties are detailed in Table 3.1.

Based on its [Fe/H] and [Mg/Fe] abundances as determined from high resolution spec-
troscopy, Fuhrmann et al. (2017b) demonstrate that HD 159062 is most likely a Population
II star. They argue that its age is most likely greater than the estimates from chromospheric
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activity or standard isochronal analysis would indicate, τ ≥ 12 Gyr. The authors list HD
159062 as a candidate blue straggler, indicating that rejuvenation from winds from a more
evolved stellar companion may be complicating the standard age diagnostics.

Fuhrmann et al. (2017c) note that HD 159062 has an anomalously high barium abundance
of [Ba/Fe] = +0.4±0.01 dex for a star of its type and metallicity. They argue that this may be
further evidence of accretion of material onto HD 159062 via winds from an AGB companion
which later become a white dwarf. Other abundance surveys of the solar neighborhood
report more typical values for the Ba abundance of HD 159062 ; Mishenina et al. (2008)
report [Ba/Fe] = +0.15± 0.1 and Reddy et al. (2006) report [Ba/Fe] = +0.17± 0.12.

Many examples of binary star systems in which the more massive component has evolved
off the main sequence through the AGB phase and into a white dwarf have been studied in the
literature. These systems are typically distinguished by enhanced abundances of s-process
heavy elements in the spectrum of the less-evolved star, which are typically thought to be a
result of contamination from winds or accretion from the evolved companion during its AGB
phase. Barium stars and CH stars are two subsets of this category of binary systems.

Barium stars are typically observed to be G and K giants, in binary systems with a
white dwarf. These binaries have typical orbital periods of 500 – 104 days, indicating that
accretion from stellar winds (and not Roche-lobe overflow) is the dominant mechanism for
mass transfer (Boffin & Jorissen 1988; Izzard et al. 2010; Van der Swaelmen et al. 2017).

The low-metallicity counterparts of Ba stars are CH stars, which are typically Population
II stars with enhanced heavy-metal abundances, also due to accretion from an evolved binary
companion. These types of stars were named for the lines arising from the CH molecule
observed in their spectra. They are also formed via accretion from an evolved companion,
and the observed binary period distribution for this class of stars is similar to that of Ba
stars, with periods nearly always below 104 days (Jorissen et al. 2016).

In this chapter, we report the discovery of a white dwarf companion to HD 159062, using
14 years of precise radial velocity data from Keck/HIRES as well as multi-epoch, multi-band
imaging observations from the ShaneAO system at Lick Observatory, PHARO at Palomar
Observatory and NIRC2 at Keck Observatory. By combining the RV and imaging data, we
can constrain the orbit and cooling age of HD 159062 and its white dwarf companion, HD
159062 B. We describe the observations and data reduction in §3.2, and the astrometry and
common proper motion of the companion in §3.3. We demonstrate the HD 159062 B is not
consistent with a brown dwarf or main sequence companion based on its dynamics and color
in §3.4. We detail our joint Bayesian analysis of the combined data set in §3.5, and present
the best orbital parameters. Finally, we discuss the implications for the system’s evolution,
especially in the context of typical Ba star systems.
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Table 3.1 : Properties of HD 159062

HD 159062 Properties

R.A. (J2000) 17 30 16.4238
Dec. (J2000) +47 24 07.922
Ks mag. 5.392± 0.021a

W1 mag. 5.397± 0.164b

π (mas) 46.123± 0.024c

d (pc) 21.68± 0.01
µα (mas yr−1) 169.747± 0.061c

µδ (mas yr−1) 77.164± 0.058c

Teff (K) 5283± 100d

log g (dex) 4.4± 0.1d

[Fe/H] (dex) −0.31± 0.06d

Mass (M�) 0.76± 0.03d

Radius (R�) 0.76± 0.04d

logR′HK -4.97
SHK(Average) 0.17
Vsin i (kms−1) 2.06± 0.5e

a 2MASS Cutri et al. (2003)

b WISE Wright et al. (2010)

c Gaia DR2 Gaia Collaboration et al.
(2018)

d SpecMatch Petigura et al. (2017)

e SME Piskunov & Valenti (2017)
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3.2 Observations and Data Reduction

3.2.1 Radial Velocity Observations

Using HIRES at the 10 meter Keck Telescope (Vogt et al. 1994), we have taken 44 radial
velocity observations of HD 159062 since 2004. Several of these measurements were taken as
double exposures, and were later binned on a 1-day cadence.

For HD 159062, spectra were collected through the B5 or C2 decker, with a width of
0.′′86 and a spectral resolution of R ≈ 55, 000. The exposures were timed to yield a per-pixel
SNR of ≈ 160 at 550 nm. A template spectrum (without iodine) was taken through the B3
decker, with a width of 0.′′57 and spectral resolution of R ≈ 66, 000, and with per-pixel SNR
of ≈ 220.

To reduce the spectra and extract RVs, we used the standard California Planet Survey
pipeline (e.g. Howard et al. 2010, 2014). In brief, starlight passes through a cell contain-
ing molecular iodine, imprinting a dense forest of absorption lines on the stellar spectrum.
These lines are used as a high-fidelity wavelength calibration and PSF reference. The tem-
plate spectrum is obtained without the iodine cell to use as a stellar spectral reference. This
reference spectrum is deconvolved against the instrumental PSF, and the wavelength solu-
tion, instrumental PSF, and radial velocity are forward modeled for each observing epoch.
Each spectrum is divided into ∼ 700 “chunks”, and the radial velocity is extracted individ-
ually for each. The RVs and uncertainties reflect the weighted average and scatter of the
results for the ensemble of spectral chunks.

The RV time series of HD 159062 shows a strong RV acceleration of −13.46 ± 0.11 .
Careful inspection of the radial velocity time series shows slight curvature about this linear
trend, which provides greater leverage on the full orbit. Figure 3.1 displays the radial velocity
time series, as well as a linear fit to the data.

3.2.2 High-Resolution Imaging

Lick/ShaneAO

We observed HD 159062 using the ShaneAO system on the 3-meter Shane Telescope at
Lick Observatory (Gavel et al. 2014; Srinath et al. 2014). We obtained images in Ks band
on April 19, 2016 and August 16, 2016. These initial images were taken as part of a uniform
survey of stars in the solar neighborhood, in which the achievable contrast was improved
by allowing the bright nearby primary stars to saturate the detector. With this technique,
contrasts of 6–10 magnitudes were frequently obtained at separations of 1–3′′ in under one
minute of exposure time, at the expense of a saturation region including the core of the
stellar PSF and occasionally the first Airy ring. Additionally, unsaturated follow-up data
were required to characterize any newly discovered companions.

The saturated Ks images both had total integration times of 19 seconds, composed of
13 frames of 1.46 seconds each, captured in a 4-point dither pattern with a single centered
setup frame included. The resolution at Ks band of the Shane Telescope is 0.′′18. The inner
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Figure 3.1 : The radial velocity time series of HD 159062 from Keck/HIRES, with a linear fit to
the data. Internal uncertainties on the RV measurements are smaller than the plot symbols used,
so are not shown. The observations are consistent with a linear solution, but may also show slight
curvature. The best-fit linear solution has a slope of dRV/dt = −13.46± 0.11 m s−1.

working angle of the observations, outside of the saturation region, was ≈ 0.′′37, and the field
of view extended to 10′′ from the primary star in all directions. The plate scale was 33.0
mas/pixel.

The images were flat-fielded and then sky-subtracted using 5 frames of dithered blank
sky data of the same integration time as the science exposures. We used a KLIP reference
differential imaging algorithm to suppress the PSF of the primary star, using all Ksimages of
other stars obtained on the same night as the target exposure as a reference library (Wang
et al. 2015). However, the companion was sufficiently separated from the primary star’s
PSF at 2.7′′, such that the local image statistics were not significantly affected by the PSF
subtraction.

In these images, we detect a faint companion at ≈ 2.7′′ from the primary star. In the first
image from April 2016, the signal-to-noise ratio of the detection was low, SNR = 3.5. In the
second image from August 2016, SNR = 5.6. The persistence of this low SNR companion
over several months indicated its physical nature, but precise relative photometry could not
be calculated from these data due to the primary star’s saturation. Therefore, we pursued
follow-up imaging observations. The ShaneAO images are shown in Figure 3.2.

Hale/PHARO

We observed HD 159062 with the PHARO adaptive optics system on the 200′′ Hale
Telescope at Palomar Observatory (Hayward et al. 2001) on June 6, 2017. The observations
were carried out in the Ks band with the narrow H2 2−1 filter in the grism wheel. The total
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integration time was 21 seconds, composed of 15 frames of 1.416 seconds each, captured in a
5-point dither pattern. The pixel scale of the PHARO observations was 25.0 mas/pixel and
the resolution was 0.′′11.

The bright primary star was unsaturated in these integrations. The frames were flat-
fielded, and a sky background image was constructed from the median of the dithered images
and subtracted. The companion was recovered at SNR = 6.5 in these Palomar data, and
the unsaturated core of the primary PSF allowed us to calculate the relative brightness for
this companion.

Aperture photometry was calculated on the unsaturated Palomar image, with an aperture
radius of 1 FWHM = 3.65 pixels = 0.′′09. This resulted in a contrast of ∆Ks = 9.8± 0.2 for
the companion, which is located approximately 30 FWHM away from the primary.

The imaging detection from PHARO is displayed in Figure 3.2, with the faint companion
indicated by the white circle.

Keck/NIRC2

We followed up HD 159062 in L′ band (3.8 µm) with Keck NIRC2 (Wizinowich et al.
2000, 2006; van Dam et al. 2006) on 27 April, 2018 with natural guide star adaptive optics
and the vortex coronagraph (Serabyn et al. 2017). The angular resolution was 0.′′08 and the
plate scale was 0.′′01 per pixel. The field rotator was set to vertical angle mode, such that
the telescope pupil tracks the elevation axis, to enable angular differential imaging (Marois
et al. 2006). We took 85 frames with a discrete integration time of 0.5 seconds and 30 coadds
resulting in a total integration time of 21.3 minutes over a 90-minute observation. During
that time, we also took five images of the off-axis point spread function (PSF) with a discrete
integration time of 0.008 seconds and 100 coadds as well as five images of the sky background
with integration times matching that of the science and off-axis PSF frames. The sky off-axis
PSF and background frames were taken every 15-20 min during the observing sequence. The
alignment of the star and the center of the vortex focal plane mask was maintained by the
QACITS tip-tilt control algorithm (Huby et al. 2017).

Bad pixels identified in dark frames and sky flats were replaced by the median of neigh-
boring values. The sky flat was the median of 10 images of a blank patch of sky with the
coronagraph focal plane mask removed (0.75 second discrete integrations, 10 coadds each).
We subtracted the sky background frames from each frame individually using a scale factor
to account for background variability. The frames were centered based on the position of the
optical vortex core in the median of the science frames and each of individual frames were
co-registered using the peak of the cross correlation with the median frame.

We applied principal component analysis (PCA, Soummer et al. 2012) to estimate and
subtract the stellar contribution (on-axis PSF) from the images using the Vortex Image
Processing (VIP) software package (Gomez Gonzalez et al. 2017). The final data product
is a cube of median science frames with the starlight subtracted using 1 to 50 principal
components (PCs). The significance of the imaged companion was maximized by subtracting
the model of the on-axis PSF using 8 PCs. The PCs were computed within an annulus about
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Figure 3.2 : First three imaging epochs in which we detect the faint companion to HD 159062. The
first two epochs are from ShaneAO, and the companion is detected in Ks band but the primary star
is fully saturated, so accurate photometry cannot be computed. Each of these images was processed
with pyKLIP (Wang et al. 2015) to suppress the starlight from the central star. The third image is
from Palomar/PHARO and both the primary star and the companion are unsaturated, allowing us
to measure ∆Ks = 9.8± 0.2 mag. using aperture photometry.

the star centered on the companion with a width of 4 times the full width half maximum
(FWHM) of the off-axis PSF (FWHM = 8 pixels).

To compute the photometry and astrometry of the companion, we subtracted a copy of
the off-axis PSF at the location of the planet in each science frame, varied its location and
brightness, and repeated the PCA reduction with 8 PCs until the values were minimized in
the final reduced images in a 2ÃŮFWHM radius about the companionâĂŹs position using
a downhill simplex algorithm. To estimate the error, we re-injected the best-fit model of
the companion into the pre-processed science frames at the same separation and brightness,
but varied the parallactic angle by 10 degrees and retrieved the photometry and astrometry
using the same method 36 times tracing a full circle about the star. We used the standard
deviation of the measured flux and position of the injected companions as the uncertainty
on each parameter.

The companion was detected at an SNR of 17.5 with a flux ratio and angular separation
between the companion and star of ∆L′ = 9.65± 0.06 and 2.665′′± 0.′′003, respectively. The
parallactic angle from north towards east was 301.40◦ ± 0.05◦. The final reduced image is
displayed in Figure 3.3.
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Figure 3.3 : L′-band image of HD 159062 B from Keck/NIRC2 using the vector vortex coronograph
to suppress the starlight of HD 159062. From this image, we measure a contrast of ∆L′ = 9.67±0.08

mag.

Table 3.2 : Summary of imaging observations
Epoch (JD) Instrument Filter Separation (′′) P.A. (deg) Contrast (∆-mag)
2457498.99002 ShaneAO Ks 2.66± 0.02 301.2± 0.38 · · ·
2457617.69501 ShaneAO Ks 2.69± 0.02 301.2± 0.38 · · ·
2457911.93061 PHARO Ks 2.671± 0.004 301.3± 0.08 9.8± 0.2
2458236.09489 NIRC2 L′ 2.665± 0.003 301.44± 0.04 9.67± 0.08
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3.3 Astrometry and Common Proper Motion
The position of the companion in the saturated ShaneAO images, and the positions of

both the primary and companion in the unsaturated PHARO image, were extracted using the
python implementation of DAOStarFinder in the photutils package (Bradley et al. 2017).
For the PHARO data, we adopted an uncertainty on the position of 0.1 pixel, consistent
with previous astrometric efforts on this instrument.

For the saturated ShaneAO images, the position of the saturated primary star was de-
termined by rotational symmetry. In brief, we calculated the residuals between the reduced
image and a rotated version of the image, for several different rotations about each prospec-
tive center pixel. We interpolated this residual map to find the optimal rotational centroid
for the primary star. This method was adapted from .

For the ShaneAO data, we adopt a conservative uncertainty on the separation and po-
sition angle which accounts for the greater uncertainty in the primary star’s position due
to saturation (we adopt 0.5 pixel for the primary star), as well as the uncertainty in the
field rotation, which has recently been measured to be 1.87◦ ± 0.13◦ (G. Duchêne, private
communication). Once the separation and position angle were calculated from the ShaneAO
data, 1.87◦ were added to the P.A. measurements, and 0.13◦ were added in quadrature to
the uncertainties on P.A.

The derivation of the astrometric position of the companion in the NIRC2 image is
described in §3.2.2.

Our astrometry of the imaged companion to HD 159062 spans two full years, allowing
us to check for common proper motion between the primary and imaged companion. HD
159062 has a proper motion of ∆R.A. = 172.554 ± 0.045 and ∆Dec = 75.702 ± 0.048
(Gaia Collaboration et al. 2016), large enough to allow us to detect the relative motion
of any background source. Figure 3.4 shows the expected scale of the relative motion of a
background source due to the proper motion of HD 159062 as well as the observed astrometry.
We conclusively rule out the scenario that the imaged companion is a background stellar
source.

Since it is bound, HD 159062 B must be located at the same distance from Earth as
its primary star. Combining this distance with its observed photometry rules out a main
sequence dwarf scenario for the companion; for reference, an M8V star at the bottom of the
main sequence would have an expected contrast of only ∆Ks ≈ 6.5 magnitudes with the G9
primary, much less than the measured contrast of HD 159062 B. Instead, this companion
must be an intrinsically faint object, either a brown dwarf or white dwarf.

3.4 HD 159062 B is not a Brown Dwarf
A simple argument invoking acceleration rules out the brown dwarf scenario for HD

159062 B based on the mass constraint from the radial velocity acceleration of HD 159062
A and the projected separation between the components.
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Figure 3.4 : Astrometry calculated from the four imaging observations. The scale of the proper
motion expected for a background source relative to HD 159062, over the 2 year time baseline of
our imaging observations, is indicated by the black arrow. The position of the imaged companion
remains constant within error bars over the 2 years of observations. It does not move significantly
enough relative to HD 159062 for it to be a background source.
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Rearranging Newton’s second law and the Newtonian law of gravity, for a companion B
orbiting a primary star A, we can write:

MB =
aAr

2

G
(3.1)

whereMB is the mass of the companion, aA is the instantaneous acceleration of the primary,
r is the physical separation between the two components, and G is the gravitational constant.

The lower limit for the instantaneous acceleration of the primary star comes from the slope
of its radial velocities, dRV/dt = −13.46± 0.11 . Since this describes only the acceleration
in the radial direction, and does not account for acceleration along the plane of the sky,
dRV/dt is a lower limit for the full acceleration, or aA ≥ dRV/dt.

Likewise, the lower limit for physical separation is the projected separation of the two
components, ρproj = 57.78 ± 0.07 AU. This is also a projection of the full separation, so
r ≥ ρproj.

By substitution into Equation 4.1, we find:

MB ≥
dRV

dt
ρ2
projG

−1 ≥ 0.24M�. (3.2)

This mass, derived from a simple acceleration argument, represents a dynamical lower
limit for the companion, placing it securely above the maximum mass for a brown dwarf.

HD 159062 B’s infrared Ks − L′ color confirms that it is not a brown dwarf. Since L′
photometry was not readily available for HD 159062 A, we use the WISE W1 measurement
of HD 159062 A as a proxy for L′. From the apparent magnitudes of the primary star and the
measured contrasts, we find that HD 159062 B has apparent magnitudes of Ks = 15.2± 0.2
mag. and L′ = 15.07± 0.18 mag. Its color is Ks − L′ = 0.13± 0.27 mag.

Low-mass stars and brown dwarfs spanning spectral types from M0 through T6 have
Ks −L′ colors ranging from 0.5 to 2.0 magnitudes (Leggett et al. 2001), significantly redder
than the observed color of HD 159062 B. For main sequence stars, the color measured here
is more consistent with a star at the late K spectral type; however, this type of star would
have a contrast of only a few magnitudes compared to the primary star at G9, rather than
the nearly 10 magnitudes observed.

We conclude that HD 159062 B is a white dwarf. Both the mass lower limit and the
infrared color of the faint companion are consistent with this scenario. HD 159062 B is too
massive to be a brown dwarf, and too faint to be a main sequence dwarf. Additionally,
the predictions from Fuhrmann et al. (2017c) regarding the enhanced Ba abundance of HD
159062 A, outlined in §3.1, strengthen the white dwarf interpretation.

3.5 Orbital Analysis
We performed a joint MCMC analysis of the 44 radial velocity data points and the most

recent imaging observation. Since the four imaging observations were taken on three different
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instruments, we chose to use only one of the astrometric data points to avoid introducing false
orbital motion due to slight unknown variations in the field rotation between instruments.
Additionally, the astrometric uncertainties are large for the ShaneAO data points due to the
saturation of the primary star. For this reason, we restricted our use of the astrometry in
our joint analysis to a single data point, taken from the Keck/NIRC2 L′ image. This data
point should be sufficient to constrain the lower limit of the orbital period.

The likelihood function we used is:

logL = −
∑
i

[
(vi − vm(ti))

2

2(σ2
i + σ2

jit)
+ log

√
2π(σ2

i + σ2
jit)

]
−
∑
j

[
(xj − xm(tj))

2

2σ2
j

+ log
√

2πσ2
j

]
(3.3)

Here, vi (ti) and xj (tj) correspond to the radial velocity and astrometric measurements
(epochs), where a zero-point offset γ has been added to the RV data as a free parameter in the
model. vm(ti) and xm(tj) are the model velocities and positions at the RV and astrometric
epochs respectively. σi is the internal RV precision, and σjit is the additional uncertainty
added in quadrature due to stellar jitter and instrumental uncertainties not included in the
internal precisions estimated from the RV chunks. σj is the astrometric uncertainty.

We implemented some standard priors on the sample parameters for this fit, detailed
in Table 3.3. We sampled from a uniform mass distribution between our dynamical lower
limit, 0.24M� from §3.4, and the Chandrasekhar upper limit for white dwarf mass, 1.44M�.
We chose to sample in logP as a variant of a Jeffreys prior for the orbital period since it
is a scale parameter. We sampled in

√
e cosω and

√
e sinω rather than in eccentricity and

argument of periastron to improve convergence time while maintaining a uniform prior on
the eccentricity. Our priors on longitude of the ascending node Ω and mean anomaly M0 at
the epoch of the first observation were uniform between 0 and 2π, as we have found that
this improves convergence time over allowing these parameters to be unconstrained and later
taking the modulus of 2π (Robert DeRosa, private communication). We sampled uniformly
in cos i for uniform distribution of inclination over a sphere.

The priors on primary mass mA and parallax π were Gaussian. The parallax constraint
is from the Gaia DR2 astrometric results (Gaia Collaboration et al. 2018). For the primary
mass, we based our prior on both a new spectroscopic estimate of the mass of HD 159062
A and on literature values. We use the stellar spectroscopic analysis tool (Petigura et al.
2017), which performs fits to theoretical stellar spectra to obtain stellar parameters Teff ,
log g, and [Fe/H]. These parameters are then converted to stellar mass and radius using the
package isoclassify (Huber et al. 2017). This results in a mass estimate for HD 159062 A
of 0.76± 0.03 M�.

We also perform a literature search for measurements of the mass of HD 159062 A.
Ramírez et al. (2012, 2013) report a mass of mA = 0.8+0.02

−0.01M�; Brewer et al. (2016) report
masses of mA = 1.01± 0.14M� or mA = 0.8± 0.02M� depending on which mass derivation
method is used; Casagrande et al. (2011) reports mA = 0.84+0.04

−0.02M�; and Fuhrmann et al.
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(2017c) reports mA = 0.84 M�. All literature mass measurements agree within 3σ with our
spectroscopic measurement, but all indicate slightly more massive solutions. Therefore, we
adopt a prior for HD 159062 A of mA = 0.80± 0.05M�.

We used the parallel-tempering MCMC sampler from emcee(Foreman-Mackey et al.
2013). We used 20 temperatures with the default temperature scale, 300 walkers, and iter-
ated for 5×104 steps. We examined the walker plots by eye to assess when the burn-in phase
was complete, and we checked for convergence with the Gelman-Rubin statistic, requiring
that r̂ < 1.01 for all parameters.

We find that the data constrain the orbit of the white dwarf companion quite well, with
tight constraints on the mass, eccentricity, and many of the orbital parameters as reported
in column (2) of Table 3.4.

The white dwarf companion HD 159062 B has a tight mass constraint of 0.52+0.04
−0.02 M�and

a long orbital period of 826+404
−249 years, much longer than the 14 year baseline of our obser-

vations. The period remains poorly constrained, with a 1σ credible interval ranging from
610 – 1260 years, as expected for an observing baseline covering such a small fraction of the
orbit.

However, the slope and curvature of the radial velocity data set, combined with the
astrometric data point, do constrain the Keplerian angles and mean anomaly at the first
RV epoch to within a few tens of degrees. The eccentricity is constrained to be fairly high,
e = 0.53± 0.08.

Table 3.3 : Standard MCMC Priors on Orbital Parameters
Parameter Prior
mA Gaussian, 0.80± 0.05 M�
mB Uniform, [0.24, 1.44] M�
log P Uniform, [102, 104] yr√
e cosω Uniform, [0.0, 1.0]√
e sinω Uniform, [0.0, 1.0]

Ω Uniform, [0, 2π]
M0(t0) Uniform, [0, 2π]
cos i Uniform, [−1.0, 1.0]
π Gaussian, 47.12± 0.25 mas

3.5.1 White Dwarf Cooling Models

Our initial MCMC analysis leaves out one additional source of information on the mass
and orbit of HD 159062 B: the photometric constraints from the PHARO and NIRC2 images.
In combination with white dwarf cooling models, these data can provide new information
about the mass and age of the white dwarf, in turn informing the orbital parameters.

We therefore implemented a second MCMC analysis with an additional prior that made
use of white dwarf cooling models to constrain the mass and cooling age of the companion
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Table 3.4 : MCMC Results
Parameter Median & 68% CI
Model RV/Ast RV/Ast/Phot
mA (M�) 0.80± 0.05 0.80± 0.05
mB (M�) 0.52+0.04

−0.02 0.54+0.09
−0.03

log P (yr) 2.92+0.17
−0.16 2.94+0.19

−0.17√
e cosω 0.55± 0.09 0.55+0.07

−0.09√
e sinω 0.47+0.12

−0.19 0.46+0.13
−0.16

Ω (◦) 160+11
−13 164+10

−14

M0(ti=0) (◦) 25+17
−10 25+14

−10

cos i 0.65+0.16
−0.20 0.67+0.18

−0.23

π (mas) 47.11± 0.27 47.10+0.24
−0.23

τ (Gyr) · · · 7.52+0.61
−0.35

Derived Parameters
P (yr) 826+404

−249 868+462
−280

e 0.53± 0.08 0.52± 0.08
ω (◦) 40+11

−17 40+11
−14

i (◦) 49± 14 48± 16
Teff,B (K) · · · 4321+210

−114

Instrumental Parameters
γ (m s−1) 145+121

−106 97+87
−59

σjit (m s−1) 1.35+0.35
−0.33 1.40+0.39

−0.34

using the photometry in Ks and L′. For this prior, we included the cooling age of the white
dwarf as a free parameter in our model.

We used the Montreal white dwarf cooling models, presented as a function of the white
dwarf mass, from Holberg & Bergeron (2006); Kowalski & Saumon (2006); Tremblay et al.
(2011); Bergeron et al. (2011)1. These models provide synthetic absolute magnitudes in a
variety of standard filters, including Ks and L′. For this analysis, we used the DA hydrogen
atmosphere models.

We note that our choice of DA spectral type models, which assume a hydrogen-dominated
atmosphere, was motivated by the commonality of the DA spectral type only. The spectral
type is not yet known for this particular white dwarf companion. Spectroscopic analysis of
this faint companion is needed to determine whether strong Balmer lines are apparent, or
whether its spectral type is one of the less common types among the known population of
white dwarfs.

For each step in the MCMC chain, and for each of the two filters, we used the model mass
and cooling age to interpolate model absolute magnitudes from the cooling curves. We used
the parallax and known apparent magnitudes of the primary star to calculate the model ∆m
values in each filter. For this step, we used WISE W1 as a proxy for L′ for HD 159062 A,

1Available online at http://www.astro.umontreal.ca/~bergeron/CoolingModels

http://www.astro.umontreal.ca/~bergeron/CoolingModels
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since no precise L′ photometry was readily available, and the W1−L′ color has been shown
to be zero for stars earlier than M0 (De Rosa et al. 2016). We then applied a Gaussian prior
on the derived model ∆m, with median µ and standard deviation σ taken from the observed
contrast and uncertainty from the PHARO and NIRC2 images, ∆Ks = 9.8± 0.2 mag. and
∆L′ = 9.67 ± 0.08 mag. We additionally constrained the cooling age to be τ < 13.8 Gyr,
the age of the universe.

The constraints from the combined dynamical and photometric analysis are reported in
column (3) of Table 3.4. We find that all of the constraints from the combined analysis are
consistent with those from the RV and astrometric analysis. The only additional constraints
resulting from inclusion of the photometric prior are on the cooling age and temperature
of the white dwarf. We find that the photometry is consistent with an old white dwarf
(τ = 7.52+0.61

−0.35 Gyr, which has cooled significantly to a temperature of 4321+210
−114 K.

The maximum probability orbit model is plotted against the RV data in Figure 3.5, with
residuals shown. A periodogram of these residuals is also displayed. Together, these plots
demonstrate that the RV trend and slight curvature are fully accounted for in the single-
companion Keplerian orbital fit. The residuals do not show correlated structure, and no
significant shorter-period peaks are seen in the periodogram.

A plot showing a random sampling of 30 orbits drawn from the posteriors of the joint
MCMC run is provided in Figure 3.6. From this plot, it is clear that the orbital period is not
fully constrained with the current data available; However, a closer look at the shapes of the
allowable orbits shows that the Keplerian angles and phase of the orbit are well-constrained,
with the overall shape of the orbit consistent among the various solutions, but stretched
along the time axis.

Using the posteriors on mass and cooling age and the Montreal white dwarf cooling
models, we calculate the posterior on the temperature of the white dwarf as well. This can
be compared to the Teff implied by the white dwarf spectrum if spectroscopy is obtained for
this target. We obtain a derived constraint on HD 159062 B’s temperature of Teff = 4310+253

−120

K, slightly cooler than the main sequence primary star, HD 159062 A. This is consistent with
the observation that the Ks−L′ color of HD 159062 B is slightly more red than that of HD
159062 A ([Ks − L′]A ≈ 0).

3.5.2 Total system age

The combined mass and age constraints from the MCMC analysis can be used to assess
the full age of the system.

We first use initial-to-final mass relations for white dwarfs to determine the mass of
the white dwarf progenitor. Two empirical linear relations between progenitor and final
white dwarf mass are presented by Catalán et al. (2008): The first uses all white dwarfs
in their sample (their Equation 1), and yields an initial mass estimate for HD 159062 B of
mB,i = 1.16 ± 0.44 M�. The second fits low-mass and high-mass progenitors separately.
Using the low-mass relation (their Equation 2), we derive a slightly lower initial mass of
mB,i = 0.95± 0.55M�. These are both loose constraints due to the significant scatter about
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Figure 3.5 : Top: Maximum probability orbit plotted against the radial velocity data. Middle:
Residuals of radial velocities after maximum probability orbit was subtracted. We test for additional
orbit signatures in these residuals but do not find any significant peaks. Bottom: Lomb Scargle
periodogram of RV residuals. No significant peaks are evident in the periodogram, implying that
the data do not detect any inner planetary or stellar companions to HD 159062 A.
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Figure 3.6 : A random sample of 30 orbits drawn from the posterior probability distributions for
HD 159062 B. This plot demonstrates that the orbital parameters are not fully constrained by the
limited number of both RV and especially astrometric data points available. Due to the very long
predicted orbital periods (typically hundreds of years), it will take the detection of astrometric
orbital motion before the orbital parameters can be more precisely pinned down.
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the empirical relations presented.
For progenitor masses of ∼ 1M�, the expected main sequence lifetime is approximately

10 Gyr, and this would make the full lifetime of the system (tMS + tcool) longer than the age
of the universe. Although the constraint on the progenitor mass is loose enough that this
doesn’t cause great concern, it does support the conclusion of Fuhrmann et al. (2017b) that
HD 159062 is an ancient Population II star with an age > 12 Gyr. We can also conclude
that the initial mass of HD 159062 B is most likely at the higher end of the broad constraint
from the empirical initial-to-final mass relation, closer to 1.5M� than < 1M�.

3.6 Discussion
The indirect suggestion of a white dwarf companion to HD 159062 A has been detailed

in Fuhrmann et al. (2017b,c). Specifically, the overabundance of Barium measured by these
studies indicates contamination from an AGB companion sometime during the evolution of
HD 159062 A. We do note, however, that other abundance surveys of the local neighborhood
by Reddy et al. (2006); Mishenina et al. (2013) find lower and more consistent [Ba/Fe]
abundance values of +0.17 and +0.15 dex respectively.

In comparison with typical Ba or CH stars, HD 159062 A differs in several ways. First,
its log g measured from high resolution spectroscopy indicates that HD 159062 A is a main
sequence star. Typical Ba and CH stars are observed to be G and K giants (Pols et al.
2003; Izzard et al. 2010; Mahanta et al. 2016) with evolved companions at intermediate
separations, with orbital periods ranging from a few to a few tens of years. The observed
separation of HD 159062 B makes it significantly wider than known Ba or CH star binaries,
and its orbital period is 826+404

−249 years, an order of magnitude greater than typical Ba or CH
binary orbital periods (Jorissen et al. 1998, 2016; Van der Swaelmen et al. 2017).

The wide separation of HD 159062 B raises some doubts about its capability of contam-
inating HD 159062 A sufficiently via a stellar wind to explain the observed Ba abundance.
Izzard et al. (2010) propose that the eccentricity-orbital period relation for Ba star binaries
could be better explained by a process which “kicks” the white dwarf as it forms, possibly
due to asymmetric mass loss or magnetic fields. In their model, a tail of high eccentricity,
very long period Ba binaries is formed, possibly consistent with the orbit of HD 159062 B.

3.7 Conclusions
HD 159062 is a newly detected binary system with one old main sequence component,

and one initially more massive component that has since evolved into a white dwarf. We
have shown that HD 159062 B cannot be a main sequence or brown dwarf companion, and
is also inconsistent with a background source. Based on its mass and photometry, it is
consistent with a white dwarf companion. The system’s old age means that the white dwarf
has cooled significantly, with a temperature of 4321+210

−114 K and cooling age of tcool = 7.52+0.61
−0.35
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Gyr. Spectroscopic observations of the HD 159062 B would identify its spectral type and
further constrain its Teff , mass, and age.
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Chapter 4

Deep exploration of ε Eridani with Keck
Ms-band vortex coronagraphy and radial
velocities: mass and orbital parameters
of the giant exoplanet1

4.1 Introduction
ε Eridani is an adolescent (200-800 Myr, Fuhrmann 2004; Mamajek & Hillenbrand 2008)

K2V dwarf star (Table 4.1). At a distance of 3.2 pc, ε Eridani is the 10th closest star to
the Sun, which makes it a particularly attractive target for deep planet searches. Its age,
spectral type, distance and thus apparent brightness (V = 3.73 mag.) make it a benchmark
system, as well as an excellent analog for the early phases of the Solar system’s evolution. ε
Eridani hosts a prominent, complex debris disk, and a putative Jupiter-like planet.

4.1.1 ε Eridani’s debris disk

The disk was first detected by the Infrared Astronomical Satellite (IRAS, Aumann
1985) and later on by the Infrared Space Observatory (ISO, Walker & Heinrichsen 2000). It
was first imaged by the Submillimetre Common-User Bolometer Array at the James Clerk
Maxwell Telescope by Greaves et al. (1998). ε Eridani is one of the “fabulous four” Vega-
like debris disks and shows more than 1 Jy of far infrared (FIR) excess over the stellar
photosphere at 60-200 µm and a lower significance excess at 25 µm (Aumann 1985). Using
the Spitzer Space Telescope and the Caltech Submillimeter Observatory (CSO) to trace ε
Eridani’s spectral energy distribution (SED) from 3.5 to 350 µm, the model presented in
Backman et al. (2009) paints a complex picture. ε Eridani’s debris disk is composed of a

1This chapter has been submitted as Mawet et al. (submitted) to the AAS Journals. It is reproduced
with the permission of all co-authors.
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main ring at 35-90 AU, and a set of two narrow inner dust belts inside the cavity delineated
by the outer ring: one belt with a color temperature T ' 55 K at approximately 20 AU, and
another belt with a color temperature T ' 120 K at approximately 3 AU (Backman et al.
2009). The authors argue that to maintain the three-belt system around ε Eridani, three
shepherding planets are necessary.

Using Herschel at 70, 160, 250, 350, and 500 µm, Greaves et al. (2014) refined the position
and the width of the outer belt to be 54-68 AU, but only resolved one of the inner bands at
12-16 AU. More recently, Chavez-Dagostino et al. (2016) used the Large Millimetre Telescope
Alfonso Serrano (LMT) at 1.1 mm and resolved the outer belt at a separation of 64 AU.
Emission is detected at the location of the star in excess of the photosphere. The angular
resolution of the 1.1 mm map is however not sufficient to resolve the inner two warm belts
of Backman et al. (2009). MacGregor et al. (2015) used the Submillimeter Array (SMA) at
1.3 mm and the Australia Telescope Compact Array at 7 mm to resolve the outer ring, and
measure its width (measurement now superseded by ALMA, see below). The data at both
mm wavelengths show excess emission, which the authors attribute to ionized plasma from
a stellar corona or chromosphere.

Su et al. (2017) recently presented 35 µm images of ε Eridani obtained with the Strato-
spheric Observatory for Infrared Astronomy (SOFIA). The inner disk system is marginally
resolved within 25 AU. Combining the 15 − 38 µm excess spectrum with Spitzer data, Su
et al. (2017) find that the presence of in situ dust-producing planetesimal belt(s) is the most
likely source of the infrared excess emission in the inner 25 AU region. However, the SOFIA
data are not constraining enough to distinguish one broad inner disk from two narrow belts.

Finally, Booth et al. (2017) used the Atacama Large Millimeter/submillimeter Array
(ALMA) to image the Northern arc of the outer ring at high angular resolution (beam size
< 2′′). The 1.34-mm continuum image is low signal-to-noise but well resolved, with the outer
ring extending from 62.6 to 75.9 AU. The fractional outer disk width is comparable to that
of the Solar system’s Kuiper Belt and makes it one of the narrowest debris disks known, with
a width of just ' 12 AU. The outer ring inclination is measured to be i = 34◦+2

−2, consistent
with all previous estimates using lower resolution sub-mm facilities (Greaves et al. 1998, 2005;
Backman et al. 2009). No significant emission is detected between ∼20 and ∼60 AU (see
Booth et al. 2017, their Fig. 5), suggesting a large clearing between the inner belt(s) within
20 AU and the outer belt outward of 60 AU. Booth et al. (2017) find tentative evidence for
clumps in the ring, and claim that the inner and outer edges are defined by resonances with
a planet at a semi-major axis of 48 AU. The authors also confirm the previous detection of
unresolved mm emission at the location of the star that is above the level of the photosphere
and attribute this excess to stellar chromospheric emission, as suggested by MacGregor et al.
(2015). However, the chromospheric emission cannot reproduce the infrared excess seen by
Spitzer and SOFIA.

Moreover, recent 11-µm observations with the Large Binocular Telescope Interferometer
(LBTI) suggest that warm dust is present within ∼500mas (or 1.6AU) from ε Eridani (Ertel
et al. 2018). The trend of the detected signal with respect to the stellocentric distance also
indicates that the bulk of the emission comes from the outer part of the LBTI field-of-view
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Table 4.1 : Properties of ε Eridani

Property Value Ref.

RA (hms) 03 32 55.8 (J2000) van Leeuwen (2007)
DEC (dms) -09 27 29.7 (J2000) van Leeuwen (2007)
Spect. type K2V Keenan & McNeil (1989)
Mass (M�) 0.781± 0.005 Boyajian et al. (2012)
Distance (pc) 3.216± 0.0015 van Leeuwen (2007)

V mag. 3.73 Ducati (2002)
K mag. 1.67 Ducati (2002)
L mag. 1.60 Cox (2000)
M mag. 1.69 Cox (2000)

Age (Myr) 200-800 Mamajek & Hillenbrand (2008)

and, hence, likely associated to the dust belt(s) responsible from the 15-38 µm emission
detected by Spitzer and SOFIA.

4.1.2 ε Eridani’s putative planet

Hatzes et al. (2000) demonstrated that the most likely explanation for the observed
decade-long radial velocity (RV) variations was the presence of a ' 1.5 MJ giant planet with
a period P = 6.9 yr (' 3 AU orbit) and a high eccentricity (e = 0.6). While most of the
exoplanet community seems to have acknowledged the existence of ε Eridani b, there is still
a possibility that the measured RV variations are due to stellar activity cycles (Anglada-
Escudé & Butler 2012; Zechmeister et al. 2013). Backman et al. (2009) rightfully noted
that a giant planet with this orbit would quickly clear the inner region not only of dust
particles but also the parent planetesimal belt needed to resupply them, inconsistent with
their observations.

4.1.3 This chapter

In this chapter, we present the deepest direct imaging reconnaissance of ε Eridani to date,
a compilation of precision radial velocity measurements spanning 30 years, and an innovative
joint Bayesian analysis combining both planet detection methods. Our results place the
tightest constraints yet on the planetary mass and orbital parameters for this intriguing
planetary system. The paper is organized as follows: § 4.2 describes the RV observations and
data analysis, § 4.3 describes the high contrast imaging observations and post-processing,
§ 4.4 presents our results and joint RV-direct imaging analysis. In § 4.5, we discuss our
findings, the consequences of the new planet parameters on planet-disk interactions, and
prospects for detection with the James Webb Space Telescope, before concluding in § 4.6.

My personal contribution to this work is focused on the radial velocity observations and
analysis, as well as the joint radial velocity and direct imaging analysis. I do not claim
credit for the NIRC2 imaging observations and analysis, or for the theoretical analysis of the
planet-disk interactions in § 4.5.3.
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4.2 Doppler Spectroscopy
In this section, we present our new compilation and analysis of Doppler velocimetry data

of ε Eridani spanning 30 years.

4.2.1 RV observations

ε Eridani has been included in planet search programs at both Keck Observatory using
the HIRES Spectrometer (Howard et al. 2010) and at Lick Observatory using the Automated
Planet Finder (APF) and Levy Spectrometer. ε Eridani was observed on 206 separate nights
with HIRES and the APF, over the past 7 years.

Keck/HIRES (Vogt et al. 1994) radial velocity observations were obtained starting in
2010, using the standard iodine cell configuration of the California Planet Survey (CPS,
Howard et al. 2010). During the subsequent 7 years, 91 observations were taken through the
B5 or C2 deckers (0.′′87 × 3.′′5 and 0.′′87 × 14′′ respectively), yielding a spectral resolution of
R ≈ 55, 000 for each observation. Each measurement was taken through a cell of gaseous
molecular iodine heated to 50◦C, which imprints a dense forest of iodine absorption lines
onto the stellar spectrum in the spectral region of 5000 − 6200. This iodine spectrum was
used for wavelength calibration and as a PSF reference. Each RV exposure was timed to
yield a per-pixel SNR of & 200 at 550 nm, with typical exposure times of only a few seconds
due to the brightness of the target. An iodine-free template spectrum was obtained using
the B3 decker (0.′′57× 14′′, R ≈ 72, 000) on 30 August, 2010.

RV observations using the Automated Planet Finder (APF) and Levy Spectrograph
(Radovan et al. 2014; Vogt et al. 2014) were taken starting in late 2013. The APF is a
2.4-m telescope dedicated to performing radial velocity detection and follow-up of planets
and planet candidates, also using the iodine cell method of wavelength calibration. APF data
on ε Eridani were primarily taken through the W decker (1′′×3′′), with a spectral resolution
of R ≈ 110, 000. Exposures were typically between 10 and 50 seconds long, yielding SNR
per-pixel of 140. The typical observing strategy at the APF was to take three consecutive
exposures and then bin them to average over short-term fluctuations from stellar oscillations.
In some nights, more than one triple-exposure was taken. These were binned on a nightly
timescale. An iodine-free template consisting of five consecutive exposures was obtained on
17 February, 2014 using the N decker (0.′′5 × 8′′) with resolution R ≈ 150, 000. Both the
APF and HIRES RVs were calibrated to the solar system barycenter and corrected for the
changing perspective caused by the high proper motion of ε Eridani.

In addition to the new HIRES and APF radial velocity data, we incorporate previously
published data from several telescopes into this study. High precision radial velocity obser-
vations of ε Eridani were taken with the Hamilton spectrograph at Lick Observatory starting
in 1987, as part of the Lick Planet Search program. They were published in the catalog of
Fischer et al. (2014), along with details of the instrumental setup and reduction procedure.

The Coudé Echelle Spectrograph at La Silla Observatory was used, first with the Long
Camera on the 1.4-m telescope from 1992-1998, then with the Very Long Camera on the
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3.6-m telescope from 1998-2006, to collect additional radial velocity data on ε Eridani. RV
data were also collected using the HARPS spectrograph, also on the 3.6-m telescope at La
Silla Observatory, during 2004-2008. Together, these data sets are published in Zechmeister
et al. (2013).

4.2.2 RV data analysis

All new spectroscopic observations from Keck/HIRES and APF/Levy were reduced using
the standard CPS pipeline (Howard et al. 2010). The iodine-free template spectrum was
deconvolved with the instrumental PSF and used to forward model each observation’s relative
radial velocity. The iodine lines imprinted on the stellar spectrum by the iodine cell were
used as a stable wavelength calibration, and the instrumental PSF was modeled as the
sum of several Gaussians (Butler et al. 1996). Per the standard CPS RV pipeline, each
spectrum was divided into approximately 700 spectral “chunks” for which the radial velocity
was individually calculated. The final radial velocity and internal precision were calculated
as the weighted average of each of these chunks. Chunks with RVs that are more consistent
across observations are given higher weight. Those chunks with a larger scatter are given a
lower weight. The RV observations from Keck/HIRES and APF/Levy are listed in Tables
4.5 and 4.6 respectively. These data are not offset-subtracted to account for different zero-
points, and the uncertainties reported in the Tables reflect the weighted standard deviations
of the chunk-by-chunk radial velocities, and do not include systematic uncertainty such as
jitter.

In combination among HIRES, the APF, and the other instruments incorporated, a total
of 458 high-precision radial velocity observations have been taken, over an unprecedented
time baseline of 30 years.

From the combined radial velocity data set, a clear periodicity of approximately 7 years
is evident, both by eye and in a periodogram of the RV data. We assess this periodicity in
§ 4.4.2.

ε Eridani’s youth results in significant stellar magnetic activity. Convection-induced
motions on the stellar surface cause slight variations in the spectral line profiles, leading to
variations in the inferred radial velocity that do not reflect motion caused by a planetary
companion. As a result, stellar magnetic activity may mimic the radial velocity signal of an
orbiting planet, resulting in false positives.

We therefore extract SHK values from each of the HIRES and APF spectra taken for ε
Eridani. SHK is a measure of the excess emission at the cores of the Ca II H & K lines due
to chromospheric activity, and correlates with stellar magnetic activity such as spots and
faculae which might have effects on the radial velocities extracted from the spectra (Isaacson
& Fischer 2010).
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Table 4.2 : Observing log for NIRC2 imaging data

Properties value value value

UT date (yyyy-mm-dd) 2017-01-09 2017-01-10 2017-01-11
UT start time (hh:mm:ss) 05:11:55 05:12:47 05:48:08
UT end time (hh:mm:ss) 09:14:11 09:31:09 08:36:14

Discr. Int. Time (s) 0.5 - -
Coadds 60 - -

Number of frames 210 260 154
Total integration time (s) 6300 7800 4620
Plate scale (mas/pix) 9.942 (“narrow”) - -

Total FoV r ' 5′′ (vortex mount) - -
Filter Ms [4.549, 4.790] µm - -

Coronagraph Vortex (AGPM) - -
Lyot stop Inscribed circle - -

0.5-µm DIMM seeing (′′) 0.52 0.64 0.97
Par. angle start-end (◦) -36 – +52 -35 – +55 -20 – +46

4.3 High contrast imaging
Here, we present our new deep, direct, high contrast imaging observations and data

analysis of ε Eridani using the Keck NIRC2 vortex coronagraph.

4.3.1 High contrast imaging observations

We observed ε Eridani over three consecutive nights in January 2017 (see Table 4.2).
We used the vector vortex coronagraph installed in NIRC2 (Serabyn et al. 2017), the near-
infrared camera and spectrograph behind the adaptive optics system of the 10-m Keck II
telescope at W.M. Keck Observatory. The vortex coronagraph is a phase-mask coronagraph
enabling high contrast imaging at very small angles close to the diffraction limit of the
10-meter Keck telescope at 4.67µm (' 0.′′1). The starlight suppression capability of the
vortex coronagraph is induced by a 4π radian phase ramp wrapping around the optical
axis. When the coherent adaptively-corrected point spread function (PSF) is centered on
the vortex phase singularity, the on-axis starlight is redirected outside the geometric image of
the telescope pupil formed downstream from the coronagraph, where it is blocked by means
of an undersized diaphragm (the Lyot stop). The vector vortex coronagraph installed in
NIRC2 was made from a circularly concentric subwavelength grating etched onto a synthetic
diamond substrate (Annular Groove Phase Mask coronagraph or AGPM, Mawet et al. 2005;
Vargas Catalán et al. 2016).

Median 0.5-µm DIMM seeing conditions ranged from 0.′′52 to 0.′′97 (see Table 4.2). The
adaptive optics system provided excellent correction in the Ms-band ([4.549, 4.790] µm) with
Strehl ratio of about 90% (NIRC2 quicklook estimate), similar to the image quality provided
at shorter wavelengths by extreme adaptive optics systems such as the Gemini Planet Imager
(GPI, Macintosh et al. 2014), SPHERE (Beuzit et al. 2008), and SCExAO (Jovanovic et al.
2015).

The alignment of the star onto the coronagraph center, a key to high contrast at small
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angles, was performed using the quadrant analysis of coronagraphic images for tip-tilt sensing
(QACITS, Huby et al. 2015, 2017). The QACITS pointing control uses NIRC2 focal-plane
coronagraphic science images in a closed feedback loop with the Keck adaptive optics tip-tilt
mirror (Serabyn et al. 2017; Mawet et al. 2017; Huby et al. 2017). The typical low-frequency
centering accuracy provided by QACITS is ' 0.025λ/D rms, or ' 2 mas rms.

All of our observations were performed in vertical angle mode, which forces the AO
derotator to track the telescope pupil (following the elevation angle) instead of the sky,
effectively allowing the field to rotate with the parallactic angle, enabling angular differential
imaging (ADI, Marois et al. 2006).

4.3.2 Image post-processing

After correcting for bad pixels, flat-fielding, subtracting sky background frames using
principal component analysis (PCA), and co-registering the images, we applied PCA (Soum-
mer et al. 2012; Gomez Gonzalez et al. 2017) to estimate and subtract the post-coronagraphic
residual stellar contribution from the images. We used the open-source Vortex Image Pro-
cessing – VIP2 – software package (Gomez Gonzalez et al. 2017), and applied PCA on the
combined data from all 3 nights, totaling more than 5 hours of open shutter integration time
(see Table 4.2 for details). We used a numerical mask 2λ/D in radius to occult the bright
stellar residuals close to the vortex coronagraph inner working angle.

The final image (Fig. 4.1) was obtained by pooling all three nights together in a single
dataset totaling 624 frames. The PSF was reconstructed by using 120 principal components
and projections on the 351×351 pixel frames excluding the central numerical mask (2λ/D in
radius). This number of principal components was optimized to yield the best final contrast
limits in the 1-5 AU region of interest, optimally trading-off speckle noise and self-subtraction
effects. The final image (Fig. 4.1) does not show any particular feature and is consistent
with whitened speckle noise.

4.4 Results
In this section, we present our non-detection and robust detection limits from direct

imaging, additional tests on the RV data, as well as our joint analysis of both data sets.

4.4.1 Robust detection limits from direct imaging

Following Mawet et al. (2014), we assume that ADI and PCA post-processing whiten the
residual noise in the final reduced image through two complementary mechanisms. First,
PCA removes the correlated component of the noise by subtracting off the stellar contribu-
tion, revealing underlying independent noise processes such as background, photon Poisson

2https://github.com/vortex-exoplanet/VIP
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Figure 4.1 : Final reduced image of ε Eridani, using PCA and 120 principal components in the PSF
reconstruction. The scale is linear in analog to digital units (ADU).

noise, readout noise, and dark current. Second, the ADI frame combination provides ad-
ditional whitening due to the field rotation during the observing sequence and subsequent
derotation, and by virtue of the central limit theorem, regardless of the underlying distribu-
tion of the noise (Marois et al. 2006, 2008).

From now on, we assume Gaussian statistics to describe the noise of our images. Our
next task is to look for point sources, and if none are found, place meaningful upper limits.
Whether or not point sources are found, we will use our data to constrain the planet mass
posterior distribution as a function of projected separation.

For this section, we choose to convert flux levels into mass estimates using the COND
evolutionary model (Baraffe et al. 2003) for the three ages considered in this work: 200,
400, and 800 Myr. The young age end of our bracket (200 Myr) is derived from a pure
kinematic analysis (Fuhrmann 2004). The 400 and 800 Myr estimates are from Mamajek &
Hillenbrand (2008), who used chromospheric activities and spin as age indicators.

As noted by Bowler (2016), the COND model is part of the hot-start model family, which
begins with arbitrarily large radii and oversimplified, idealized initial conditions. It ignores
the effects of accretion and mass assembly. The COND model represents the most luminous
and thus optimistic outcome. At the adolescent age range of ε Eridani, initial conditions of
the formation of a Jupiter-mass gas giant have mostly been forgotten (Marley et al. 2007;
Fortney et al. 2008) and have a minor impact on mass estimates. Moreover, a very practical
reason why COND was used is because it is the only model readily providing open-source
tables extending into the low-mass regime (< 1MJup) reached by our data (see §4.5.1).
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Direct imaging nondetection

Signal detection is a balancing act where one trades off the risk of false alarm with
sensitivity. The signal detection threshold τ is related to the risk of false alarm or false
positive fraction (FPF) as follows

FPF =
FP

TN + FP
=

∫ +∞

τ

p(x|H0)dx (4.1)

where x is the intensity of the residual speckles in our images, and p(x|H0), the probability
density function of x under the null hypothesis H0. FP is the number of false positives
and TN, the number of true negatives. Assuming Gaussian noise statistics, the traditional
τ = 5σ threshold yields 2.98× 10−7 false alarm probability, or FPF.

Applying the τ = 5σ threshold to the signal-to-noise ratio (SNR) map generated from
our most sensitive reduction, which occurs for a number of principal components equal to
120, yields no detection, consistent with a null result. In other words, ε Eridani b is not
detected in our deep imaging data to the 5σ threshold. To compute the SNR map, we
used the annulus-wise approach outlined in Mawet et al. (2014), and implemented in the
open-source python-based Vortex Imaging Pipeline (Gomez Gonzalez et al. 2017). The noise
in an annulus at radius r (units of λ/D) is computed as the standard deviation of the
n = 2πr resolution elements at that radius. The algorithm throughput is computed using
fake companion injection-recovery tests at every location in the image. This step is necessary
to account for ADI self-subtraction effects. The result is shown in Fig. 4.2.

To quantify our sensitivity, also known as “completeness”, we use the true positive fraction
(TPF), defined as

TPF =
TP

TP + FN
=

∫ +∞

τ

p(x|H1)dx (4.2)

with p(x|H1), the probability density function of x under the hypothesis H1 - signal present,
and where TP is the number of true positives and FN, the number of false negatives. For
instance, a 95% sensitivity (or completeness) for a given signal I, and detection threshold
τ means that 95% of the objects at the intensity level I will statistically be recovered from
the data.

The sensitivity contours, or “performance maps” (Jensen-Clem et al. 2017) for a uniform
threshold corresponding to 2.98× 10−7 false alarm probability (FPF) are shown in Fig. 4.4.
The choice of threshold is assuming Gaussian noise statistics and accounts for small sample
statistics as in Mawet et al. (2014). At the location of the elusive RV exoplanet, the threshold
corrected for small sample statistics converges to τ ≈ 5σ. The corresponding traditional
τ = 5σ contrast curve at 50% completeness is shown in Fig. 4.3.

Comparison to previous direct imaging results

Mizuki et al. (2016) recently presented the most extensive direct imaging compilation and
data analysis for ε Eridani. The authors analyzed data from Subaru/HiCIAO, Gemini/NICI,
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Figure 4.2 : SNR map for our most sensitive reduction, using 120 principal components. We used
the SNR map function implemented in open source package VIP (Gomez Gonzalez et al. 2017). The
method uses the annulus-wise approach presented in Mawet et al. (2014). No source is detected
above 5σ. The green circle delineates the planet’s project separation at ' 3.5 AU.

Figure 4.3 : Traditional τ = 5σ contrast curves comparing our Keck/NIRC2 vortex coronagraph Ms-
band data and the VLT/NACO L′-band data (PI: Quanz, Program ID: 090.C-0777(A)) presented
in Mizuki et al. (2016), and reprocessed here with the VIP package.
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Figure 4.4 : Keck/NIRC2 Ms-band vortex performance/completeness maps for a τ = 5σ detection
threshold for all 3 different ages considered here. The red curve highlights the 95% completeness
contour.

Figure 4.5 : Performance/completeness maps for a τ = 5σ detection threshold for all 3 different
ages considered here using VLT/NACO L′-band data (PI: Quanz, Program ID: 090.C-0777(A))
presented in Mizuki et al. (2016). The red curve highlights the 95% completeness contour.
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and VLT/NACO. Here we focus on the deepest data set reported in Mizuki et al. (2016),
which is the Lp-band NACO data from PI: Quanz (Program ID: 090.C-0777(A)). This non-
coronagraphic ADI sequence totals 146.3 minutes of integration time and about 67 degrees
of parallactic angle rotation. Mizuki et al. (2016)’s reported 5σ and 50% completeness mass
sensitivity using the hot start COND evolutionary model is > 10MJ at 1 AU for all 3 ages
considered here, i.e., 200, 400, and 800 Myr. At 2 AU, it is ' 2.5MJ , ' 4MJ , and ' 6.5MJ ,
respectively. At 3 AU, it is ' 2MJ , ' 3MJ , and ' 5MJ , respectively.

For consistency, we reprocessed the VLT/NACO data with the VIP package and com-
puted completeness maps using the same standards as for our Keck/NIRC2 data. The results
are shown in Fig. 4.5. Our computed 5σ and 50% completeness mass sensitivity using the
hot start COND evolutionary model for the VLT/NACO Lp-band data is > 10MJ at 1 AU
for all 3 ages considered here, i.e., 200, 400, and 800 Myr. At 2 AU, it is ' 6.5MJ at 200
Myr and > 10MJ at both 400 and 800 Myr. At 3 AU, it is ' 5.5MJ , ' 8MJ , and > 10MJ ,
respectively.

Our computed 5σ and 50% completeness results for the VLT/NACO Lp-band data are
systematically worse than those presented in Mizuki et al. (2016). We note a factor 2
discrepancy in mass between the published results and our values. We suggest that it may
be the result of inaccurate flux loss calibrations in Mizuki et al. (2016), which is a common
occurrence with ADI data sets.

We find that our Ms-band Keck/NIRC2 coronagraphic data is about a factor 5-10 more
sensitive in mass across the range of Solar-system scales probed in this work than the previ-
ously best available data set. Our 5σ and 50% completeness mass sensitivity using the hot
start COND evolutionary model is ' 3MJ , ' 4.5MJ , and ' 6.5MJ at 1 AU for all 3 ages
considered here, i.e., 200, 400, and 800 Myr, respectively. At 2 AU, it is ' 1.5MJ , ' 1.7MJ ,
and ' 2.5MJ , respectively. At 3 AU, it is ' 0.8MJ , ' 1.7MJ , and ' 5MJ , respectively.

These result demonstrates the power of ground-based Ms-band small-angle coronagraphic
imaging for nearby adolescent systems. When giant exoplanets cool down to below 1000 K,
the peak of their black body emission shifts to 3-5 µm mid-infrared wavelengths. Moreover,
due to the t−5/4 dependence of bolometric luminosity on age (Stevenson 1991), mid-infrared
luminosity stays relatively constant for hundreds of millions of years.

4.4.2 Tests on the RV Data

In light of our nondetection of a planet in the NIRC2 high-contrast imaging, we consider
the possibility that the planet is not real, or that the periodicity is caused by stellar activity.
We utilize the RV analysis package RadVel3 (Fulton et al. 2018) to perform a series of tests
to determine the significance of the periodicity and attempt to rule out stellar activity as
its source. We also test whether rotationally-modulated noise must be considered in our
analysis, and search for additional planets in the RV data set.

3Documentation available at http://radvel.readthedocs.io/en/latest/

http://radvel.readthedocs.io/en/latest/
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Significance of the 7 year Periodicity

First, we perform a 1-planet fit to the RV data using RadVel, and compare this model
to the null hypothesis of no Keplerian orbit using the Bayesian Information Criterion (BIC)
to determine the significance of the 7 year periodicity. The results of the RadVel MCMC
analysis are located in Table 4.4.2, where Pb is the planetary orbital period, Tconjb is the
time of conjunction, eb is the planetary eccentricity, ωb is the argument of periastron of the
planet, and Kb is the Keplerian semi-amplitude. γ terms refer to the zero-point RV offset
for each instrument, and σ terms are the jitter, added in quadrature to the measurement
uncertainties as described in §4.2.2. The maximum likelihood solution from the RadVel fit
is plotted in Fig. 4.6 against the full RV data set.

For the fit, the orbit is parameterized with eb, ωb, Kb, Pb, and Tconjb , as well as RV
offsets (γ) and jitter (σ) terms for each instrument. Due to the periodic upgrades of the
Lick/Hamilton instrument and dewar, we split the Fischer et al. (2014) Lick data into 4
data sets, each with its own γ and jitter σ parameter. This is warranted, since Fischer et al.
(2014) demonstrated that statistically significant offsets could be measured across the four
upgrades in time series data on standard stars. The largest zero-point offset they measured
was a 13m s−1offset between the third and fourth data set. Although these offsets should have
been subtracted before the Lick/Hamilton data were published, the relative shifts between
our derived γ parameters match well with those reported in Fischer et al. (2014) for each
upgrade, implying that the offsets were not subtracted for ε Eridani.

We find that the best-fit period is 7.37 ± 0.08 years, and that this periodicity is indeed
highly significant, with ∆BIC = 245.98 between the 1-planet model and the null hypothesis
of no planets. Additionally, a model with fixed zero eccentricity is preferred (∆BIC = 8.5)
over one with a modeled eccentricity.

Source of the 7 year Periodicity

We next assess whether it might be possible that the source of the periodicity at 7.37
years is due to stellar activity, rather than a true planet.

To probe the potential effects of the magnetic activity on the RV periodicities, we exam-
ined time series data of the RVs along with the SHK values from Lick, Keck, and the APF.
RV and SHK time series and Lomb Scargle periodograms are plotted in Fig. 4.7.

A clear periodicity of 7.32 years dominates the periodogram of the RV data set. This is
within the 1σ credible interval of the best-fit periodicity found with RadVel, which yielded
a ∆BIC > 200 when we tested its significance. Once the best-fit Keplerian planetary orbit
from RadVel is subtracted from the RV data, the residuals and their periodogram are plotted
in panels 2a and 2b of Figure 4.7. The peak periodicity observed in the periodogram of the
RV residuals is located at approximately 3 years, coincident the the periodicity of the SHK

time series.
For the SHK time series, we detect clear SHK periodicities near 3 years indicative of a ∼ 3

year magnetic activity cycle (panels 4-5b). We note that the peak SHK periodicity appears
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Figure 4.6 : Time series and phase-folded radial velocity curves from all data sets are plotted. The
maximum probability single-Keplerian model from RadVel is overplotted, as is the binned data
(red). The plotted error bars include both the internal rms derived from the RV code, as well as
the fitted stellar and instrumental jitter parameter σj for each instrument.



4.4. RESULTS 71

to be slightly discrepant between the Keck and APF data sets (PKeck = 3.17 yr; PAPF = 2.59
yr), but are consistent within the FWHM of the periodogram peaks. This discrepancy likely
results from a variety of causes, including the shorter time baseline of the APF data, which
covers only a single SHK cycle, and the typically non-sinusoidal and quasi-periodic nature
of stellar activity cycles. The data sets also show a small offset in the median SHK value,
likely due to differing calibrations between the instrumental and telescope setups. However,
the amplitude of the SHK variations appears consistent between the data sets.

We next test whether the 3 year activity cycle could be responsible for contributing power
to the 7 year periodicity. The longer period is not an alias of the 3-year activity cycle, nor
is it in a low-order integer ratio with the magnetic activity cycle. We perform a Keplerian
fit to the RV time series from HIRES and the APF, with a period constrained at the stellar
activity period (1147 days). We find an RV semi-amplitude of K = 4.8+2.2

−1.7m s−1 and a large
eccentricity of 0.53+0.24

−0.27 fits the data set best. We then subtract this fit from the RV data
to determine whether removal of the activity-induced RV periodicity affects the significance
of the planet periodicity. The 7-year periodicity in the residuals is still clearly visible by
eye, and a 1-planet fit to the RV residuals after the activity cycle is subtracted yields a
∆BIC = 197.4 when compared to a model with no planet.

We next checked the radial velocities for correlation with SHK . Minor correlation was
detected for the Keck/HIRES data set, with a Spearman correlation coefficient of rS =
0.28 at moderate statistical significance (p = 0.01). For the APF data set, a stronger
and statistically significant correlation was found (rS = 0.50, p << 0.01) between SHK

and RV. However, given that the 3-year magnetic cycle shows up in the radial velocity
residuals, it is not surprising that RV and SHK might be correlated. There is also rotationally-
modulated noise that might be present in both data sets on a ∼ 11-day timescale, increasing
the correlation. We attempt to determine whether the measured correlation derives from the
3-year periodicity in both data sets, or whether it is produced by other equivalent periodicities
in the RV and SHK data sets.

To test this, we first performed a Keplerian fit with a period of approximately 3 years
to the Keck and APF SHK time series using RadVel. Although stellar activity is not the
same as orbital motion, we used the Keplerian function as a proxy for the long-term stellar
activity cycle of ε Eridani. We found a maximum probability period of 1194+30

−25 days for the
HIRES data and 989+40

−26 days for the APF data. These periodicities are indeed discrepant
by more than 5σ. When combined, we found a period of 1147+22

−20 days for the full HIRES
and APF data set.

We then subtracted the maximum probability 3-year fit from each SHK data set, and
examined the residual values. We found that the correlation between these SHK residuals
and the radial velocity data was significantly reduced for the APF data, with rS = 0.17
and p = 0.04. This suggests that the strong correlation we detected was primarily a result
of the 3-year periodicity. For the HIRES data set, the moderately significant correlation of
rS = 0.28 was unchanged.

A Lomb-Scargle periodogram of the SHK residuals is displayed in Figure 4.8. It shows
no significant peak or power near the posterior planet period at 2641.6 days, demonstrating
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that the SHK time series has no significant periodicity at the planet’s orbital period.
Our next tests involved modifying our 1-planet fits to the RV data to account for the

stellar activity cycle in two ways. We first performed a 1-planet fit to the RVs using a linear
decorrelation against the SHK values for the HIRES and APF data sets. We then performed
a 2-Keplerian fit to the RV data, in order to simultaneously characterize both the planetary
orbit and the stellar activity cycle. In both cases, we checked for significant changes to the
planetary orbital parameters due to accounting for the stellar activity cycle in the fit. For
both tests, we find that the maximum likelihood values of the planet’s orbital parameters
all agree within 1σ credible intervals with the single-planet fit.

We note that from the 2-Keplerian fit, the best-fit second Keplerian provides some infor-
mation about the stellar activity cycle. It has a best-fit period of 1079 days, or 2.95 years,
shorter than the periodicity derived from a fit to the HIRES and APF SHK time series. How-
ever, though the other parameters in this fit seem to be converged, the period and time of
conjunction of the second Keplerian are clearly not converged over the iterations completed
for this model. Increasing the number of iterations does not appear to improve convergence.
This again points to the quasi-periodic nature of stellar activity cycles, and the different
time baselines of the full RV data set and the SHK time series available. The fit has an
RV semi-amplitude of Kactivity = 4.4 m s−1, lower than the semi-amplitude of the planet at
Kb = 11.81± 0.65 m s−1.

Search for additional RV planets

We use the automated planet search algorithm described by Howard & Fulton (2016) to
determine whether additional planet signatures are present in the combined radial velocity
dataset. The residuals to the 2-Keplerian fit are examined for additional periodic signatures.
The search is performed using a 2D Keplerian Lomb-Scargle periodogram (O’Toole et al.
2009).

The residuals to the 2-Keplerian fit show several small peaks, but none with empirical
false alarm probabilities (eFAP, Howard & Fulton 2016) less than 1% (Fig. 4.7, panel 3b).
A broad forest of peaks at approximately 12 days corresponds to the stellar rotation period,
and is likely due to spot-modulated stellar jitter. The next most significant peak is located
at 108.3 days. We attempt a 3-Keplerian fit to the RVs with the third Keplerian initiated
at 108.3 days. However, we are unable to achieve convergence in a reasonable number of
iterations, and the walkers are poorly-behaved. This serves as evidence against the inclusion
of a third periodicity. We conclude that there is insufficient evidence to suggest an inner
planet to ε Eridani b exists.

RV and residual time series, as well as 2DKLS periodograms used for the additional
planet search, are plotted in Figure 4.7, panel 3a and 3b.

Gaussian Processes Fit

For all of these analyses, we have assumed white noise and added a “jitter” term in
quadrature to account for uncertainty due to stellar activity. We assessed whether this was
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Figure 4.7 : Time series (a) and Lomb-Scargle periodograms (b). Panels 1, 2, and 3 show the
periodicities of the radial velocity measurements, residuals to a 1-Keplerian (planet) RadVel fit,
and residuals to a 2-Keplerian (planet + stellar activity) RadVel fit respectively. Panels 4 and 5
show the time series and periodograms of the Keck and APF SHKvalues. The peak periodicities
for each data set are indicated in the periodogram plots. The periodicities of the SHKdata sets
(panels 4–5) are overplotted in the second periodogram panel (2b), showing the correspondence
between SHKperiodicity and the secondary, activity-induced peak in the RV residuals. The broad,
low-significance peak at 11.45 days in panel 3b corresponds to the stellar rotation period. Plotting
symbols for the RV data sets are the same as in Fig. 4.6.
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Figure 4.8 : Periodogram of the HIRES and APF SHK residuals to a ∼ 3 year fit. The red dotted
line shows the best-fit period of the planet from our initial 1-planet fit. Like the periodograms
shown in Figure 4.7 panels 4-6b, there is no power at the planet’s orbital period. Even when the
peak periodicity is removed for each data set, no additional power appears in the periodogram. This
indicates that no 7.4 year periodicity exists in the SHK time series data sets.

reasonable by performing a 1-planet fit using RadVel and including a Gaussian processes
model to account for rotationally-modulated stellar noise (Blunt et al. in prep; Kosiarek
et al. in prep).

We used RadVel with a new implementation of GP regression using the quasi-periodic
covariance kernel to fit four GP hyperparameters in addition to the Keplerian parameters for
a single planet and a white noise term σj. The hyperparameters for the quasi-periodic kernel
are the amplitude of the covariance function (h); the period of the correlated noise (θ, in
this case trained on the rotation period of the star); the characteristic decay timescale of the
correlation (λ, a proxy for the typical spot lifetime); and the coherence scale (w, sometimes
called the structure parameter) (Grunblatt et al. 2015; López-Morales et al. 2016).

We applied a Gaussian prior to the rotation period of θ = 11.45± 2.0 days, based on the
periodicity observed in the radial velocity residuals to the 2-Keplerian fit, but sufficiently
wide to allow the model flexibility. The covariance amplitudes h for each instrument were
constrained with a Jeffrey’s prior truncated at 0.1 and 100 m s−1. We imposed a uniform
prior of 0–1 years on the exponential decay timescale parameter λ. We chose a Gaussian
prior for w of 0.5± 0.05, following López-Morales et al. (2016).

The results of our GP analysis provide constraints on the hyperparameters, indicating
that the rotation period is 11.64+0.33

−0.24 days and the exponential decay timescale is 49+15
−11 days.

The amplitude parameters for each instrument ranged from 0.0 m s−1to 13.4 m s−1, and
were highest for the earliest Lick RV data. For some of the data sets, the cadence of the
observations likely reduced their sensitivity to correlated noise on the rotation timescale,
resulting in GP amplitudes consistent with zero. For other instruments, notably the HIRES
and APF data, the white noise jitter term σj was significantly reduced in the GP model,
compared with the standard RV solution.

However, when comparing the derived properties of the planet, we find that the GP
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analysis has no noticeable effect on the planet’s orbital parameters. The period, RV semi-
amplitude, eccentricity, time of conjunction, and argument of periastron constraints from
the GP regression analysis all agree within 1σ with the values derived from the traditional
1-planet fit. We therefore conclude that the rotationally-modulated noise does not signif-
icantly affect the planet’s orbital parameters. As demonstrated previously, modeling the
3-year activity cycle along with the 7.23 year planet orbit in a 2-Keplerian fit also does not
appreciably change the orbital parameters derived for the planet. We therefore choose to
restrict our subsequent analyses to consider only a single planet, and only white noise. Go-
ing forward, the uncertainty due to stellar activity is added in quadrature as a white-noise
“jitter” term, and red noise is not considered.

4.4.3 Combining constraints from imaging and RV

By combining the imaging and radial velocity data sets, it is possible to place tighter
upper limits on the mass of the companion. Indeed, the RV data provides a lower limit on
the planet mass (M sin i), while the direct imaging data complements it with an upper limit.

A MCMC will be used to infer the posterior on the masses and orbital parameters of the
system, noted Θ. The noise in the radial velocity measurements dRV and in the images dDI
is independent, which means that the joint likelihood is separable such as

P(dDI , dRV |Θ) = P(dRV |Θ)P(dDI |Θ). (4.3)

Direct imaging likelihood

In this section, we detail the computation of the direct imaging likelihood (Ruffio et al.,
in prep.). The direct imaging data dDI , temporarily shorten d, is a vector of Nexp × Npix

elements where Nexp is the number of exposures in the dataset and Npix the number of pixels
in an image. It is the concatenation of all the vectorized speckle subtracted single exposures.
A point source is defined from its position x and its brightness i. We also define n as a
Gaussian random vector with zero mean and covariance matrix Σ. We assume that the noise
is uncorrelated and that Σ is therefore diagonal.

d = im+ n (4.4)

With m = m(x) being a normalized planet model at the position x.
Assuming Gaussian noise, the direct imaging likelihood is given by:

P(d|i, x) =
1√

2π|Σ|
exp

{
−1

2
(d− im)>Σ−1(d− im)

}
∝ exp

{
−1

2

(
i2m>Σ−1m− 2id>Σ−1m

)}
(4.5)

We have used the fact that d>Σ−1d is a constant, because we are not inferring the direct
imaging covariance.
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The estimated brightness ĩx, in a maximum likelihood sense, and associated error bar σx
are defined as,

ĩx =
d>Σ−1m

m>Σ−1m
, (4.6)

and
σ2
x = (m>Σ−1m)−1. (4.7)

We can therefore rewrite the logarithm of the direct imaging likelihood as a function of these
quantities (Ruffio et al., in prep.),

logP(d|i, x) = − 1

2σ2
x

(
i2 − 2ĩix

)
. (4.8)

The definition of the planet model m is challenging when using a PCA-based image
processing. Indeed, while it subtracts the speckle pattern, it also distorts the signal of the
planet. The distortion is generally not accounted for in a classical data reduction such as the
one used in §4.3.2, which is why it is more convenient to adopt a Forward Model Matched
Filter (FMMF) approach as described in Ruffio et al. (2017). The FMMF computes the
map of estimated brightness and standard deviation used in Equation 4.8 by deriving a
linear approximation of the distorted planet signal for each independent exposure, called the
forward model (Pueyo 2016).

We showed that the likelihood can theoretically be calculated directly from the final prod-
ucts of the FMMF. In practice, the noise is correlated and not perfectly Gaussian, causing
the standard deviation to be underestimated, and possibly biasing the estimated brightness.
We therefore recalibrate the SNR by dividing it by its standard deviation computed in con-
centric annuli. The estimated brightness map is corrected for algorithm throughput using
simulated planet injection and recovery. The likelihood is computed for the fully calibrated
SNR maps.

FMMF is part of a Python implementation of the PCA algorithm presented in Soummer
et al. (2012) called PyKLIP4 (Wang et al. 2015). The principal components for each exposure
are calculated from a reference library of the 200 most correlated images from which only
the first 20 modes are kept. Images in which the planet would be overlapping with the
current exposure are not considered to be part of the reference library to limit the self- and
over-subtraction using an exclusion criterion of 7 pixels (0.7λ/D). The speckle subtraction
is independently performed on small sectors of the image.

Joint likelihood and priors

We implement a Markov-chain Monte Carlo analysis of the combined radial velocity
data from the Coudè Echelle Spectrograph, HARPS, Lick/Hamilton, Keck/HIRES, and
APF/Levy instruments, as well as the single-epoch direct imaging data. We solve for the

4Available under open-source license at https://bitbucket.org/pyKLIP/pyklip.

https://bitbucket.org/pyKLIP/pyklip
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full Keplerian orbital parameters, including orbital inclination and longitude of the ascend-
ing node, which are not typically included in RV-only orbital analyses. Including the full
Keplerian parameters allows us to calculate the projected position of the companion at the
imaging epoch for each model orbit. This is necessary to calculate an additional likelihood
based on the direct imaging data.

The full log-likelihood function used for this analysis is:

logP(dDI , dRV |Θ) = − 1

2σ2
x

(
i2 − 2ĩix

)
−
∑
i

[
(vi − vm(ti))

2

2(σ2
i + σ2

j )
+ log

√
2π(σ2

i + σ2
j )

]
. (4.9)

The RV component of the likelihood comes from (Howard et al. 2014). Here, vi =
vi,inst − γinst is the offset-subtracted radial velocity measurement, and σi refers to the inter-
nal uncertainty for each measurement. vm(ti) is the Keplerian model velocity at the time
of each observation; σj is the instrument-specific jitter term, which contributes additional
uncertainty due to both stellar activity and instrumental noise. In these models, each instru-
ment’s radial velocity offset (γinst) and jitter term (σj,inst) are included as free parameters in
the fit. A description of the direct imaging component of the likelihood is available in §4.4.3.

We draw from uniform distributions in logP , logMb, cos i,
√
e cosω,

√
e sinω, Ω, mean

anomaly at the epoch of the first observation, and γinst.
We place a tight gaussian prior of M? = 0.781± 0.078 M� on the primary stellar mass,

based on the interferometric results of Boyajian et al. (2012). Other groups have measured
slightly different but generally consistent stellar masses for ε Eridani. Valenti & Fischer
(2005) report a spectroscopic mass of M? = 0.708± 0.067M�; Takeda et al. (2007) report a
discrepant spectroscopic result of M? = 0.856+0.06

−0.08M�.
A tight gaussian prior of π = 310.94± 0.16 mas is also imposed on stellar parallax based

on the Hipparcos parallax measurement for this star (van Leeuwen 2007). We place wide
gaussian priors on the jitter terms, with σj = 10.0 ± 10.0 m s−1. Large values for jitter are
also disfavored by the second term of the likelihood function.

With these priors and likelihood function, we solve for the full orbital parameters and
uncertainties using the python package emcee (Foreman-Mackey et al. 2013). For comparison
with the RadVel results, we perform our analysis both with and without the direct imaging
likelihood. We use planet models of ages 800 Myr, 400 Myr, and 200 Myr in individual
analyses, since the system’s age constraints span this range. We use the standard emcee
Ensemble Sampler; each MCMC run uses 100 walkers, and is iterated for more than 500000
steps per walker. We check that each sampler satisfies a threshold of Gelman-Rubin statistic
R̂ < 1.1 for all parameters (Ford 2006; Gelman & Rubin 1992) to test for nonconvergence.
We note that average acceptance fractions for our chains are fairly low, ≈ 5− 10%.

MCMC Results

The planet parameters derived in this analysis are consistent with those determined
by RadVel. The posterior distributions for the companion mass and orbital inclination
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are plotted in Figure 4.9. The lower limit on planet mass Mb sin i = 0.72 ± 0.07 MJup is
constrained by the Keplerian velocity semi-amplitude and agrees well with the RadVel results.
With the RV data alone, the true mass (independent of sin i) has a poorly constrained upper
limit, although high-mass, low-inclination orbits are geometrically disfavored. With the
addition of the imaging non-detection constraints, the mass upper limit is improved.

Since younger planets are hotter and thus brighter, the direct imaging likelihood disfavors
a broader region of parameter space when a younger age is assumed. Thus, the tightest
constraints come from the youngest-aged planet models. Table 4.4 lists the planet parameters
resulting from each MCMC run. We report the median and 68% credible intervals for each
model.

We also calculate the posterior distribution on the position of the planet at the epoch of
the NIRC2 imaging observation from the RV-only likelihood model. We check this posterior
to ensure that the imaging observations were optimally timed to detect the planet at maximal
separation from the star. The positional posterior distribution is plotted in Figure 4.11, and
demonstrates that at the epoch of the imaging observations, the separation of the planet from
the star was indeed maximized. The planet would have been easily resolvable, regardless of
the on-sky orientation (longitude of the ascending node).

For these analyses, we draw companion mass uniformly in logarithmic space with bounds
at 0.01 and 100MJup. This is comparable to placing a Jeffreys prior, a common choice of prior
for scale parameters such as mass and period (Ford 2006). This prior is also not significantly
dissimilar to the mass distribution of Doppler-detected Jovian planets from Cumming et al.
(2008), who found that dN

d logm
∝M−0.31, a roughly flat distribution in logm.

To assess the impact of this choice, we repeat our analysis with a uniform prior on
the mass, again from 0.01 to 100 MJup. This alternative increases the significance of the
tail of the mb posterior distribution toward higher masses. Since mass and inclination are
highly correlated, this effect also serves to flatten out the inclination posterior, adding more
significance to lower-inclination orbits. Figure 4.10 shows the posteriors and correlation
between the mass and inclination of the planet under the modified mass prior. The corre-
lation plot is identical to that shown in Fig. 4.9, and the mass posterior is not qualitatively
changed. The median / 68% confidence interval planet mass from the 800 Myr model is
mb = 0.83+0.47

−0.15MJup, consistent within uncertainties with the mass constraint from the log-
mass case at the same age. The inclination posterior has a wider uncertainty in the linear
mass case (i = 90.8±48.0◦, as compared with the log mass case (i = 89.2±41.7◦). All other
orbital and instrumental parameters have equivalent constraints in both cases. We conclude
that the prior on mass does not significantly affect the results of the analysis.

4.5 Discussion
In this section, we discuss the impact of our joint RV-direct imaging analysis on the

probable age of the system and the possible planet-disk interactions. We also discuss the
prospect of detecting additional planets with future facilities such as the James Webb Space
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Figure 4.9 : Corner plot showing the posterior distributions and correlation between the companion
mass and inclination for models using the RV likelihood only, as well as RV + direct imaging
likelihood with planet models of age 800, 400, and 200 Myr (a log-uniform prior).
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Figure 4.10 : Same as Fig. 4.9, but with uniform prior on companion mass.
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Table 4.4 : MCMC Results
RV Likelihood Only 800 Myr 400 Myr 200 Myr

Parameter Median and 68% Credible Interval
mb (MJup) 0.78+0.43

−0.12 0.78+0.38
−0.12 0.75+0.19

−0.10 0.71+0.09
−0.07

P (yr) 7.37+0.07
−0.07 7.37+0.07

−0.07 7.37+0.07
−0.07 7.38+0.07

−0.07

e 0.07+0.06
−0.05 0.07+0.06

−0.05 0.07+0.06
−0.05 0.06+0.06

−0.04

ω (◦) 177+49
−51 175+53

−52 177+48
−49 157+66

−51

Ω (◦) 180+122
−123 184+126

−131 212+108
−148 276+47

−158

i (◦) 90+42
−43 89+42

−42 89+35
−35 90+23

−24

tperi (JD) 2447213+336
−429 2447198+361

−426 2447218+332
−407 2447032+475

−402

γLick1 (m s−1) 8.4+2.4
−2.4 8.5+2.4

−2.4 8.4+2.4
−2.3 8.4+2.4

−2.4

σLick1 (m s−1) 15.1+2.0
−1.8 15.1+2.0

−1.8 15.1+2.1
−1.8 15.1+2.1

−1.8

γCES+LC (m s−1) 6.9+2.6
−2.6 6.9+2.6

−2.6 6.9+2.6
−2.6 6.9+2.6

−2.5

σCES+LC (m s−1) 10.9+2.5
−2.1 10.9+2.5

−2.1 10.9+2.5
−2.2 10.9+2.5

−2.2

γLick2 (m s−1) 8.5+1.9
−1.9 8.5+1.9

−1.9 8.5+1.9
−1.9 8.5+2.0

−1.9

σLick2 (m s−1) 4.7+2.1
−1.3 4.7+2.2

−1.4 4.7+2.1
−1.4 4.8+2.2

−1.4

γLick3 (m s−1) 10.5+1.9
−1.9 10.6+1.8

−1.9 10.5+1.9
−1.9 10.6+1.9

−1.8

σLick3 (m s−1) 9.2+1.4
−1.2 9.2+1.4

−1.1 9.2+1.4
−1.1 9.2+1.4

−1.1

γCES+V LC (m s−1) 3.4+1.7
−1.8 3.4+1.8

−1.9 3.4+1.8
−1.8 3.4+1.8

−1.8

σCES+V LC (m s−1) 6.8+1.8
−1.5 6.8+1.8

−1.5 6.9+1.7
−1.5 6.8+1.8

−1.5

γLick4 (m s−1) −2.4+1.0
−1.0 −2.4+1.0

−1.0 −2.4+1.0
−1.0 −2.4+1.0

−1.0

σLick4 (m s−1) 8.7+0.8
−0.7 8.7+0.7

−0.7 8.7+0.7
−0.7 8.7+0.7

−0.7

γHARPS (m s−1) −4.5+1.6
−1.6 −4.5+1.5

−1.5 −4.5+1.5
−1.5 −4.4+1.6

−1.6

σHARPS (m s−1) 7.4+1.3
−1.0 7.4+1.3

−1.0 7.4+1.3
−1.0 7.4+1.3

−1.0

γHIRES (m s−1) 2.0+0.9
−0.9 2.0+0.9

−0.8 2.0+0.9
−0.9 1.9+0.9

−0.9

σHIRES (m s−1) 7.9+0.7
−0.6 7.8+0.7

−0.6 7.9+0.7
−0.6 7.8+0.6

−0.6

γAPF (m s−1) −2.7+1.0
−1.0 −2.7+1.0

−1.0 −2.7+1.0
−1.0 −2.7+1.0

−1.0

σAPF (m s−1) 7.3+0.5
−0.5 7.3+0.5

−0.5 7.3+0.5
−0.5 7.3+0.5

−0.5

Telescope.

4.5.1 Choice of evolutionary models

The direct imaging upper limits are model dependent. We chose to use the COND model
mostly for practical reasons. This choice was also motivated by the fact that at the system’s
age and probable planet mass, evolutionary models have mostly forgotten initial conditions
so that hot and cold start models have converged (Marley et al. 2007). However, COND
is arguably one of the oldest evolutionary models available. The treatment of opacities,
chemistry, etc., are all somewhat outdated. For our 800 Myr case, the most probable age
for the system, we generated completeness maps using the evolutionary model presented in
Spiegel & Burrows (2012) as well, SB12 hereafter (Fig. 4.12). Because the publicly available
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Figure 4.11 : 2-Dimensional posterior distribution of the position of the planet during the epoch of
the imaging observations. This posterior was produced using the RV likelihood only, and demon-
strates that the planet was optimally separated from its host star at the imaging epoch. The values
of the pixels in the maximum-likelihood annulus contribute most significantly to the direct imaging
likelihood.

SB12 grid does not fully cover our age and mass range, some minor extrapolations were
necessary. The result of this comparison shows some noticeable discrepancies across the
range probed by our data (see Fig. 4.12). However, both models seem to agree to within
error bars at the location of the planet around 3.48 AU, so the impact of the choice of
evolutionary model on our joint statistical analysis is only marginal.

4.5.2 Constraints on the system’s age and inclination

The planet is not detected in our deep imaging data to the 5σ threshold. According
to our upper limits and RV results, the imaging non-detection indicates that the true age
of ε Eridani is likely to be closer to 800 Myr. Moreover, spectroscopic indicators of age
(logR′HK and rotation) point towards this star being at the older end of the age range tested
here, nearer to 800 Myr than 200 Myr (Mamajek & Hillenbrand 2008). VLTI observations
were used to interferometrically measure the stellar radius and place the star on isochrone
tracks. These models also yield an age of 800 Myr or more (Di Folco et al. 2004). Thus,
the most likely model included here is the 800 Myr model, which is also a fortiori the least
restrictive in placing an upper limit on the planet mass. This model yields a mass estimate
of Mb = 0.78+0.38

−0.12 MJup, and an orbital plane inclination of i = 89◦+42
−42.

We note that this inclination is marginally consistent with being co-planar with the
outer disk belt, which has a measured inclination of i = 34◦+2

−2 (Booth et al. 2017). Although
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Figure 4.12 : Keck/NIRC2 Ms-band vortex performance/completeness map for a τ = 5σ detection
threshold comparing using the SB12 evolutionary model (Spiegel & Burrows 2012). The yellow
curve highlights the 95% completeness contour. The red curve highlights the 95% completeness
contour for the COND model as in Fig. 4.4.

the direct imaging non-detection naturally favors near edge-on solutions, the full posterior
distribution can still be interpreted as consistent with the planet being co-planar with the
outer disk. With the joint RV and imaging analysis, we are unable to definitively state
whether the planet is or is not co-planar with the outer debris disk. However, we are able
to rule out ages at or below 200 Myr if coplanarity is required.

To assess the properties of the planet assuming coplanarity with the disk, we multiply
the posteriors obtained with our joint analysis by a Gaussian prior on the inclination of
i = 34± 2◦. Most parameters are unaffected by this additional constraint, since inclination
does not correlate strongly with any parameters except companion mass.

For all age models, the companion mass constraint changes significantly compared to the
edge-on orbits preferred by the uninformative prior. The new constraints are all quite similar
to one another, but differ slightly due to variations in the inclination posterior distributions,
which were shaped by the direct imaging likelihood. The new median and 68% credible
intervals on the planet mass for each model are mb = 1.19± 0.12MJ (RV only); 1.18+0.12

−0.11MJ

(800 Myr); 1.19+0.11
−0.12MJ (400 Myr); and 1.19+0.10

−0.15MJ (200 Myr). The posterior distributions
multiplied by the Gaussian prior are plotted in Figure 4.13.

For the 400 and 800 Myr models, the new Gaussian inclination prior overlapped well with
the inclination posteriors. However, for the 200 Myr model, the new inclination prior barely
overlapped with the posterior from the MCMC analysis, with only 0.02% overlap. Requiring
a coplanar planet orbit therefore effectively rules out the 200 Myr age model for the planet.
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Figure 4.13 : Posterior probability distributions for the mass of ε Eridani b, when a prior preferring
orbits coplanar with the measured inclination of the disk is applied. We multiply the posterior
distributions from the RV and direct imaging joint analysis by a Gaussian prior on the inclination
with a center of 34◦ and a width of 2◦. The resultant distributions are not normalized, to show that
the posteriors from the MCMC analysis and the new Gaussian prior barely overlap for the 200 Myr
model. The older age models are consistent with the disk inclination. These models imply that if
coplanarity is assumed, the mass of the planet is approximately 1.2 MJ.
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Figure 4.14 : The chaotic zone around ε Eridani b as a function of particle free eccentricity. The
hatched zone corresponds to the chaotic zone around the most likely location of the planet (a = 3.48
AU; horizontal solid line). The planet mass is fixed to 0.78 MJup. We expect the region between
∼2.7 and ∼4.3 AU to be cleared out by ε Eridani b.

4.5.3 Planet-disk interactions

In this section, we investigate the possible connection between ε Eridani b and the sys-
tem’s debris belts. Debris disks are the leftovers of planet formation and primarily made out
of small bodies (asteroids, comets, dust) that are the remnants of planetesimals, the build-
ing blocks of planet cores. Debris disks can be traced by the intrinsic thermal emission of
micron-sized particles generated in collisional cascades between the small bodies. For some
favorable geometries, scattering off of the small particles can also be detected at optical wave-
lengths. The dust is constantly replenished by the collisions between leftover planetesimals
that are gravitationally stirred by themselves or by neighboring planets. Non-axisymmetric
features and separated rings revealed in scattered light images and/or thermal emissions of
micron-sized to mm-sized dust particles are considered signposts of existing planets. The
connection between debris disks and planets has been seen in several of the currently known
directly imaged planetary systems: e.g., HR 8799, β Pictoris, HD 95086, HD 106906, Foma-
lhaut, 51 Eridani (see, e.g., Bowler (2016) for a recent review). Using the largest sample of
debris disks systems directly surveyed for long-period giant planets to date, Meshkat et al.
(2017) recently found that the occurrence rate of long-period giant planets in dusty systems
is about ten times higher than in dust-free systems (88% confidence level), providing the
first tentative empirical evidence for a planet-disk connection.

Constraining the inner belt(s)

Armed with refined orbital parameters of ε Eridani b, we place constraints on the inner
belt(s) identified by Su et al. (2017). Close to the planet, inside a chaotic zone, an overlap
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of mean motion resonances destabilizes the orbits of particles on short timescales, effectively
clearing them out (e.g., Wisdom 1980; Quillen & Faber 2006; Morrison & Malhotra 2015).
Wisdom (1980) showed that the width of the chaotic zone scales with µ2/7 where µ is the
mass ratio between the planet and the star. Quillen & Faber (2006) find that the width
of the chaotic zone is independent of planet eccentricity epl as long as epl . 0.3. We have
shown that ε Eridani b has an eccentricity consistent with zero, and definitively smaller
than 0.3. Using the numerically calibrated expressions for the chaotic zone’s inner edge
(1 − 1.17µ0.28)apl and the outer edge (1 + 1.76µ0.31)apl where apl is the semimajor axis of
the planet (see Morrison & Malhotra 2015, their Table 1), we find that ε Eridani b would
clear out 2.90–4.19 AU if the planet was located at 3.48 AU (equivalent to 0.78 MJup planet
orbiting a star of 0.78 M� at orbital periods of 7.37 yrs; see “800 Myr” column of Table 4.4.

If the particles within the planetesimal belts have sufficiently large free eccentricities
(i.e., initial eccentricities set by self-stirring and collision; see, e.g., Pan & Schlichting 2012),
the chaotic zone can widen, commensurate with the particle eccentricities (Mustill & Wyatt
2012). For ε Eridani b, the critical particle eccentricity is only ∼ 0.21µ3/7 ∼ 0.01. In
Fig. 4.14, we show that for particles more eccentric than ∼0.01, the chaotic zone around ε
Eridani b can widen by a few tens of percent.

Overall, we expect there to be no particles between ∼2.7 and ∼4.3 AU. If the excess IR
emission interior to 25 AU is from one broad disk, its inner edge must be beyond ∼4.3 AU.
If instead the excess emission is from two narrow belts, the innermost belt must be inside
∼2.7 AU while the outermost belt must be outside ∼4.3 AU. Both scenarios are roughly
consistent with the analysis of Su et al. (2017) and the most recent LBTI results(Ertel et al.
2018).

Dust production in planetesimal belts: planet-stirred or self-stirred?

Dust grains that are mm-sized and smaller that dominate the radio and scattered light
images are the products of collisions among larger planetesimals. Particles can collide with
each other as they gravitationally stir each other or they may be secularly perturbed by a
planet. Is ε Eridani b responsible for triggering collisional cascades in the warm and cold
belts detected in the system or are the planetesimals more likely to be self-stirred?

The characteristic timescale for planetesimals to stir each other is set by their rate of
collision (see e.g., Section 4.1.4 of Goldreich et al. 2004):

tss ∼ 173 Myrs

(
ΣMMSN

Σ

)( adisk

60 AU

)3
(
M�
M?

)3/2

, (4.10)

where adisk is the semimajor axis of the planetesimals, M? is the mass of the host star,
ΣMMSN ≡ 0.18 g cm−2(M?/M�)(a/30 AU)−3/2 is the minimum mass Solar nebula, and we
take the coefficient derived by numerical simulations of Kenyon & Bromley (2008). The
orbit crossing timescale for two nearby planetesimals as they are secularly perturbed by a
planet is tcross ∼ 1/Aep where A is the precession frequency and ep is the eccentricity of the
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Figure 4.15 : The timescale for ε Eridani b to stir particles at different distances (equations 4.11
and 4.12) compared against self-stirring timescale (equation 4.10). The blue bar reflects the range of
eccentricities of ε Eridani b from our MCMC analysis, with the lower and upper limit corresponding
to epl = 0.13 and epl = 0.02, respectively; the solid line represents the median epl = 0.07. We fix
Mpl = 0.78MJup, apl = 3.48 AU , and M? = 0.78M�. We have assumed minimum mass Solar
nebular (MMSN) surface density to calculate the self-stirring timescale. The expected chaotic zone
of ε Eridani b is depicted with a gray zone. Three orange bars illustrate the warm and cold
belts reported by Su et al. (2017) and Booth et al. (2017), respectively. Unless ε Eridani disk is
significantly less massive than MMSN—by more than an order of magnitude—it is likely that the
collisions within the innermost warm belt and the outermost cold belt are driven by self-stirring
rather than the secular perturbation by ε Eridani b. Collisions in the secondary warm belt that
span 8–20 AU are consistent with both self-stirring and planet-stirring.
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perturbed particle (Mustill & Wyatt 2009). For particles on initially circular orbits, ep is set
by the forced eccentricity so that the orbit-crossing timescale becomes

tcross ≈ 500 Gyrs
(1− e2

pl)
3/2

epl

( adisk

60 AU

)9/2
(
M?

M�

)1/2(
MJup

Mpl

)(
3.5 AU

apl

)3

(4.11)

for internal perturbers, and

tcross ≈ 17.4 kyrs
(1− e2

pl)
3/2

epl

( apl

3.5 AU

)4

×
(
M?

M�

)1/2(
MJup

Mpl

)(
1 AU

adisk

)5/2

(4.12)

for external perturbers, where epl is the planet eccentricity, Mpl is the planet mass, and apl

is the semimajor axis of the perturbing planet (see Mustill & Wyatt 2009, their equations
15 and 16). For ε Eridani b to be responsible for the dust production in planetesimal belts,
tcross must be shorter than the age of the system and tcross < tss. For our refined parameters
for ε Eridani b, we find that out of the three belts that are imaged or inferred to exist, the
innermost and the outermost belts are more likely self-stirred while the intermediate warm
belt can be either self-stirred or planet-stirred (see Fig. 4.15).

Even the self-stirring timescale for the outer belt is uncomfortably close to the system’s
estimated age. An extra planet beyond the orbit of ε Eridani b may still be responsible for
stirring the outermost belt and for carving out the region between the inner warm belts and
the outer cold belt. Our solution to the orbit of ε Eridani b favors an orbital inclination (∼
89◦± 42◦) that is significantly larger than the inclination of the outermost belt (∼ 34◦± 2◦).
Such large misalignment suggests that ε Eridani likely interacted with a fly-by in the past
and/or there exists another planet that is inclined to the orbit of ε Eridani b. Should this
extra planet be responsible for tilting the outer belt from the orbital plane of ε Eridani b,
we expect its orbit to be misaligned with respect to ε Eridani b by at least 10◦ assuming the
mass of the extra planet is ∼1 Jupiter mass with orbital distance of 48 AU.

In Meshkat et al. (2017), we found that the occurrence rate of long-period planets in
debris disks is about 10 times higher than in dust-free systems. The ε Eridani system is rich
in dust contained in multiple belts reminiscent of the HR 8799 system (Su et al. 2009), so it
may very well harbor more than one planet, as suggested by previous studies (Mizuki et al.
2016; Booth et al. 2017). Unfortunately, the field of view of our high contrast Keck/NIRC2
dataset is too small to probe large separation in the vicinity of the outer disk.

Imaging the elusive ε Eridani planet(s) with JWST

The Keck/NIRC2 Ms-band vortex coronagraph high contrast images presented here show-
case exquisite inner working angle (0.′′2) and sensitivity up to 5′′. Ground-based adaptive
optics and small angle coronagraphy in the mid-infrared (from 3 to 5 microns) on 10-meter
class telescopes will only be challenged by the advent of Giant Segmented Mirror Telescopes.
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However, NIRCam and MIRI, the infrared cameras of the upcoming James Webb Space
Telescope will have unmatched sensitivity beyond 1′′ from the star. Thus, JWST’s NIRCam
and MIRI are ideal instruments to explore the inner cavity of ε Eridani from 3 to 30 microns,
and reveal additional elusive planets. The outer ring being at 20′′ from the host star, the
diffraction and scattering from the star will be less of a concern, allowing us to probe the
cavity for the putative planet shepherding the outer ring. Invoking dynamical arguments
similar to those used in the previous sections and upper limits from Spitzer images (Janson
et al. 2015), Booth et al. (2017) predicts that the putative exoplanet responsible for shaping
the outer belt is at 48 AU, with a mass between ' 0.5 and 5 MJ .

JWST’s NIRCam instrument team is planning coronagraphic observations at 4.4 µm
(F444W) to search both the interior (±10′′) and exterior regions (2.2′) around ε Eridani
for planets. The interior region will be observed twice to reject background objects on the
basis of source motion while the entire field will be observed at 3 µm to reject background
stars and galaxies on the basis of color. The expected contrast ratio after roll and reference
star subtraction is expected to be ∼ 10−6 at 1′′ and ∼ 10−7 at 2′′ depending on the in-orbit
stability of JWST (Krist et al. 2007; Beichman et al. 2010).

As noted above, translating between instrumental detection limits and planet mass is
challenging due to the uncertainties in stellar age and exoplanet models at low masses. For a
nominal age of 800 Myr, SB12 and COND models yield F444W brightness estimates ranging
from 16 to 18 mag for a 0.78 MJup planet (effective temperature of ' 150 K). In the most
favorable case (SB12), NIRCam could detect ε Eridani b at 1′′ (close to the nominal 7.37
year, 3.48 AU orbit) with signal-to-noise SNR ∼5 and beyond 2′′ with SNR > 25. Within
1′′ the Keck observations reported here are comparable to or more sensitive than planned
JWST observations due to Keck’s larger aperture and the improved performance of the
vortex coronagraph. At larger separations, however, the low thermal background in space
gives JWST a significant advantage to look for < 0.5 MJup planets (depending on model
assumptions) which might be responsible for the disk structures seen in the far-infrared and
by ALMA. Since the field of view of both NIRCam and MIRI is 20′′ × 20′′, at least two
pointings will be necessary to map out the inner cavity at the vicinity of the outer ring.

4.6 Conclusion
In this paper, we presented the most sensitive and comprehensive observational evidence

for the existence of ε Eridani b. Combining exquisite RV and direct imaging data provides
unprecedented constraints on the mass and orbital parameters of the planet. ε Eridani b has
a mass of 0.78+0.38

−0.12 MJup and is orbiting ε Eridani at about 3.48±0.02 AU in 7.37±0.07 years.
We find that the eccentricity of ε Eridani b is a very low 0.07+0.06

−0.05, an order of magnitude
smaller than early estimates and consistent with a circular orbit. For that reason and using
simple dynamical arguments, we postulate that ε Eridani b is unlikely to be responsible for
stirring the outer debris belt at 70 AU, and that one or more additional planets must be
shepherding it. However, ε Eridani b could be responsible for shaping the putative warm
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belt(s) within 25 AU, although self-stirring is another likely dust production mechanism.
If the additional planet(s) exist(s), they will be easily detected with JWST’s NIRCam and
MIRI from 4 to 25 microns, enabling unique spectroscopic and dynamical characterization
opportunities.

This paper also demonstrates the unique power of the combination of radial velocity and
direct imaging observations to detect and constrain the masses of giant planets within 10
AU. The long history of RV observations limited the spatial domain in which ε Eridanib
could reside, allowing optimized detectability with the imaging observations.

We would be remiss if we didn’t mention as a caveat that the non-detection of the planet
leaves open the possibility, however small, that the planet does not actually exist. Although
there is no obvious commensurability between the long-term magnetic activity diagnostic
(SHK) and the RV data, as demonstrated in §4.4.2, it remains possible that the magnetic
field affects the RVs in a way we don’t understand.

ε Eridani remains a fascinating testbed for studying planetary formation in great detail.
We conclude this paper by emphasizing the perfect complementarity between long-term
radial velocity monitoring, mid-infrared small-angle high-contrast ground-based capabilities,
and the sensitive space-based parameter space to be opened by JWST.
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Table 4.5: Keck Radial Velocity Measurements

JD RV (m/s) σRV (m/s) SHK

2455110.97985 -6.54 1.30 0.467
2455171.90825 -3.33 1.09 0.486
2455188.78841 7.90 1.11 0.481
2455231.7593 -8.39 1.13 0.497
2455255.70841 1.66 0.70 0.520
2455260.71231 1.77 1.01 0.523
2455261.71825 0.75 1.30 0.526
2455413.14376 -10.67 0.76 0.500
2455414.13849 -16.73 0.99 0.000
2455415.14082 -20.89 0.78 0.495
2455426.14477 -17.57 0.86 0.494
2455427.14813 -18.05 0.87 0.483
2455428.14758 -21.46 0.87 0.480
2455429.14896 -18.67 0.90 0.475
2455434.14805 7.21 0.86 0.474
2455435.14705 4.46 0.89 0.481
2455436.14535 -2.48 0.83 0.485
2455437.15006 -5.03 0.94 0.480
2455438.15172 -14.24 0.90 0.484
2455439.14979 -13.17 0.51 0.474
2455440.15188 -22.38 0.88 0.471
2455441.15033 -19.71 0.99 0.469
2455456.01632 4.52 0.97 0.466
2455465.07401 -12.99 0.98 0.449
2455469.12840 7.81 1.01 0.465
2455471.97444 -4.15 1.16 0.471
2455487.00413 -9.44 0.96 0.454
2455500.98687 -2.23 1.05 0.461
2455521.89317 -11.42 1.05 0.455
2455542.95125 -8.56 1.20 0.458
2455613.70363 0.65 1.01 0.466
2455791.13884 1.87 0.87 0.433
2455792.13464 -9.19 0.90 0.430
2455793.13858 -17.85 0.89 0.426
2455795.14053 -15.43 0.96 0.418
2455797.13828 -5.67 0.83 0.419
2455798.14195 -5.00 0.84 0.424
2455807.11160 -3.91 0.99 0.417

Continued...
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Table 4.5 – continued from previous page
JD RV (m/s) σRV (m/s) SHK

2455809.13670 -0.90 0.99 0.429
2455870.99020 1.81 1.20 0.437
2455902.82961 4.20 0.74 0.429
2455960.69933 -8.22 1.21 0.460
2456138.12976 -2.69 0.86 0.464
2456149.05961 -2.49 0.53 0.470
2456173.13157 -1.22 0.96 0.459
2456202.99824 19.64 0.71 0.507
2456327.70174 20.33 1.05 0.535
2456343.70260 16.52 1.05 0.505
2456530.11763 6.76 0.90 0.489
2456532.12218 8.06 0.85 0.479
2456587.96668 14.41 1.03 0.479
2456613.91026 15.04 1.02 0.481
2456637.81493 23.88 1.02 0.487
2456638.79118 32.35 1.07 0.491
2456674.80603 11.70 1.03 0.488
2456708.78257 2.49 0.99 0.482
2456884.13093 12.85 0.95 0.446
2456889.14678 18.51 0.82 0.466
2456890.14703 13.09 0.86 0.461
2456894.13998 8.71 0.83 0.446
2456896.11131 15.09 0.78 0.447
2456910.94964 13.84 0.64 0.450
2457234.13834 9.97 0.85 0.491
2457240.99109 6.26 0.52 0.468
2457243.14297 3.19 0.78 0.476
2457245.14532 5.26 0.90 0.479
2457246.14242 -1.45 0.99 0.477
2457247.14678 -5.60 1.01 0.482
2457254.14889 8.50 0.80 0.475
2457255.15244 6.36 0.91 0.466
2457256.15168 5.80 0.83 0.476
2457265.14924 5.74 0.88 0.469
2457291.04683 6.07 1.05 0.491
2457326.98310 6.10 1.12 0.501
2457353.88153 -0.55 1.09 0.519
2457378.78993 2.19 1.08 0.519
2457384.78144 14.17 1.10 0.517

Continued...
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Table 4.5 – continued from previous page
JD RV (m/s) σRV (m/s) SHK

2457401.75106 6.07 0.99 0.517
2457669.02614 1.91 1.10 0.497
2457672.99494 -1.33 1.20 0.497
2457678.97973 -13.88 1.10 0.495
2457704.03411 -14.12 0.67 0.501
2457712.99284 -4.84 1.18 0.478
2457789.74988 -13.12 1.12 0.439
2457790.73700 -8.09 1.01 0.440
2457803.70407 -4.25 1.09 0.460
2457804.70718 -6.55 1.09 0.471
2457806.79201 -11.62 1.13 0.464
2457828.75450 -12.69 1.12 0.455
2457829.71875 -19.82 0.98 0.466
2457830.71979 -12.66 1.10 0.465
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Table 4.6: APF Radial Velocity Measurements

JD RV (m/s) σRV (m/s) SHK

2456582.93034 26.64 2.73 0.524
2456597.91368 6.40 2.36 0.528
2456606.68427 16.52 0.75 0.531
2456608.10376 4.69 0.78 0.530
2456610.76250 16.04 1.18 0.512
2456618.88476 -2.11 0.78 0.530
2456624.72004 4.20 1.11 0.519
2456626.81421 24.46 0.75 0.521
2456628.72976 24.14 0.70 0.540
2456631.42746 -2.26 0.88 0.502
2456632.80921 14.46 0.62 0.523
2456644.75696 8.20 2.30 0.522
2456647.81171 14.44 0.63 0.535
2456648.59184 12.62 1.10 0.538
2456662.63738 9.77 0.73 0.536
2456663.75415 10.43 1.11 0.531
2456667.52792 18.00 0.78 0.535
2456671.68695 19.96 1.05 0.604
2456675.75647 7.84 1.12 0.519
2456679.83732 17.70 1.05 0.529
2456682.56608 17.80 0.82 0.550
2456689.76638 26.34 0.75 0.500
2456875.02028 7.12 2.18 0.501
2456894.88054 8.28 1.30 0.470
2456901.06193 9.95 1.54 0.479
2456909.10279 -4.71 1.21 0.476
2456922.07953 12.25 2.13 0.461
2456935.94021 -2.43 1.27 0.479
2456937.92403 -0.55 1.35 0.468
2456950.03798 3.82 1.44 0.472
2456985.64755 -1.80 2.28 0.441
2456988.63095 5.93 1.29 0.478
2456999.76434 8.84 1.37 0.459
2457015.72916 -2.17 1.10 0.465
2457026.78021 -1.44 1.34 0.464
2457058.45996 -3.69 1.89 0.435
2457234.08236 7.73 1.39 0.525
2457245.86234 -4.19 1.41 0.519

Continued...
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Table 4.6 – continued from previous page
JD RV (m/s) σRV (m/s) SHK

2457249.93007 -3.94 1.31 0.500
2457253.11257 5.63 1.33 0.511
2457257.15719 -1.02 1.15 0.506
2457258.94437 -12.69 1.23 0.517
2457261.02221 -2.76 1.32 0.501
2457262.94505 -7.81 1.36 0.496
2457265.95783 9.67 1.24 0.516
2457275.01304 -1.91 1.23 0.515
2457283.96368 1.88 1.29 0.507
2457287.02735 -1.11 1.35 0.524
2457290.95635 3.19 1.42 0.534
2457305.83659 -5.63 1.23 0.515
2457308.90844 13.30 1.26 0.534
2457318.83435 8.72 1.26 0.557
2457321.79157 6.64 1.36 0.540
2457325.84352 2.87 1.41 0.543
2457331.10764 9.90 1.36 0.552
2457332.78237 9.64 1.25 0.558
2457334.82998 5.22 1.30 0.548
2457337.78910 5.41 1.59 0.545
2457340.95644 -1.99 1.27 0.553
2457347.86896 4.10 1.29 0.556
2457348.77993 4.65 1.27 0.556
2457350.72611 5.83 1.20 0.558
2457354.70613 -0.88 1.65 0.548
2457361.64656 17.26 1.43 0.549
2457364.77113 -7.80 1.30 0.531
2457365.70544 0.72 1.26 0.550
2457424.71436 -1.68 1.37 0.555
2457426.63205 3.62 1.42 0.559
2457427.38923 3.97 1.17 0.577
2457429.72793 2.42 0.90 0.560
2457432.60322 6.20 1.25 0.569
2457435.69406 -18.61 18.79 0.304
2457443.66061 2.25 1.24 0.559
2457446.70278 3.96 1.37 0.566
2457471.55712 5.85 1.63 0.535
2457599.93545 -5.69 0.85 0.505
2457605.99828 -5.33 1.27 0.559

Continued...
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Table 4.6 – continued from previous page
JD RV (m/s) σRV (m/s) SHK

2457607.92844 -24.97 1.39 0.540
2457611.16197 -16.02 1.26 0.510
2457613.86777 2.47 1.54 0.560
2457615.04307 3.50 1.48 0.538
2457617.08138 0.91 1.29 0.555
2457619.05397 -12.30 1.46 0.529
2457621.79772 -13.43 1.57 0.508
2457626.10874 0.39 1.33 0.534
2457627.95628 -4.92 1.37 0.551
2457633.96762 -8.24 1.70 0.512
2457636.08672 -1.33 1.18 0.539
2457637.95848 -7.66 1.37 0.538
2457643.92459 -14.39 1.33 0.512
2457668.93315 -0.83 1.34 0.527
2457669.90475 2.76 1.43 0.533
2457670.88203 -8.82 1.42 0.543
2457674.61398 -5.61 1.42 0.534
2457679.98028 -12.42 1.78 0.515
2457687.77138 1.17 1.37 0.524
2457694.76122 -3.81 1.33 0.504
2457696.82099 -5.60 1.32 0.522
2457700.96748 -10.84 1.41 0.534
2457701.84849 -11.69 1.38 0.517
2457702.89789 -14.82 1.22 0.524
2457703.82658 -19.89 1.25 0.523
2457705.73282 -9.58 1.32 0.513
2457707.78376 -9.03 1.24 0.511
2457717.79818 -15.06 1.22 0.505
2457722.75749 -12.43 2.05 0.427
2457728.81592 -7.64 1.67 0.514
2457741.79955 -14.52 1.16 0.513
2457743.50280 -17.28 1.32 0.489
2457745.93451 -17.74 1.31 0.487
2457749.71344 -5.63 1.30 0.503
2457751.64976 -16.16 1.32 0.501
2457753.47716 -12.45 1.30 0.509
2457798.55461 -18.91 2.25 0.465
2457821.65582 -5.60 1.63 0.490
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Chapter 5

Understanding the Impacts of Stellar
Companions on Planet Formation and
Evolution: A Survey of Stellar and
Planetary Companions within 25 pc

5.1 Introduction
Nearly half of all solar-type stars have at least one stellar or brown dwarf companion

(Raghavan et al. 2010), and planets around G- and K-type stars appear to be quite common
(Batalha 2014). Yet the impact of stellar multiplicity on planet formation and evolution is not
well understood. Gravitational perturbations from a stellar companion have been proposed
to explain the inward migration and spin-orbit misalignment of hot Jupiters (Wu et al. 2007;
Batygin 2013; Storch et al. 2014), but recent observations of misaligned hot Jupiters fail
to reveal a correlation between orbital misalignment and the presence of an imaged stellar
companion (Ngo et al. 2015). Simulations of planets in orbits around one member of a binary
pair indicate that dynamically stable orbits can exist at semi-major axes within a few tenths
of the binary separation, depending on the binary mass ratio and eccentricity (Holman &
Wiegert 1999; Quintana et al. 2007). However, simulations also indicate that even very
widely spaced stellar companions can perturb the orbits of planets, causing migration and
possible ejection from the system (Kaib et al. 2013). Stellar companions may also truncate
protoplanetary disks, limiting planet formation in binary systems (Jang-Condell et al. 2008).

Observational efforts aimed at characterizing these effects have primarily focused on
the Kepler sample, since transit-based surveys do not have a selection bias against stellar
multiplicity. Most recently, Kraus et al. (2016) determined that stellar multiplicity appears
to be suppressed at separations < 47 AU for Kepler planet hosts, relative to star sin the solar
neighborhood. Other studies have reported similar suppression of close binary companions
to Kepler planet hosts (e.g. Wang et al. 2014), but the results of multiplicity surveys of the
Kepler field are not yet conclusive, with Horch et al. (2014) and Matson et al. (2018) failing
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to find evidence for the reported suppression.
Other studies have focused on giant planet hosts, and found that hot Jupiters seem to

form preferentially in binary or multiple systems. Wang et al. (2015) and Ngo et al. (2015,
2016) found augmented stellar multiplicity around stars that host hot Jupiters, despite the
fact that few of these binaries seem to have configurations favorable for exciting Kozai-Lidov
oscillations in the inner planet.

Altogether, the distances to the Kepler field and the difficulty in defining a planet-free
control sample for comparison cast some doubt on the results of this type of multiplicity
survey. If the observational sensitivity to close stellar companions is overestimated, it would
cause us to infer precisely this type of binary suppression at small separations. On the
other hand, the control sample for these surveys (the solar neighborhood) is almost certainly
comprised mainly of planet-hosting stars, since we have determined that planets are common.
This would cause any major difference between planet hosts and a hypothetical planet-free
control sample to be diluted when using the solar neighborhood as a control, possibly causing
us to underestimate the effect of stellar companions.

An alternative method for understanding the impacts of stellar multiplicity on planet
formation is to perform a dedicated survey for planets around a sample of binary stars, with
a sample of single stars as a control. In dividing the sample by the presence of a stellar
companion, rather than by the presence of planets, we guarantee a less diluted comparison,
since stellar companions are easier to find and rule out than planets. Focusing on nearby
stars also allows us to improve our sensitivity to stellar companions at small separations.

This type of survey can more easily be carried out using radial velocities, since RVs are
sensitive to planets at a much wider range of inclinations than transit surveys. However, the
radial velocity technique has its own difficulties with binary systems. Specifically, double-
lined spectroscopic binaries are difficult to model precisely enough to measure the m s−1-
level variations caused by planets orbiting one stellar component. Most binary systems have
therefore been rejected from historical RV planet surveys. Even high mass-ratio systems, or
binaries with separations of several arcseconds were discarded early on, as an over-cautious
selection bias. Many binary systems therefore lack the decades-long RV time baselines of
their single star counterparts.

In this chapter, we describe a uniform imaging and radial velocity survey designed to
detect both stellar and planetary companions orbiting sun-like stars within 25 pc of the Sun,
including both singles and binaries. In §5.2, we detail our sample selection and describe the
properties of the stars we have studied. In §5.3 we describe our adaptive optics imaging
observations at Lick and Palomar Observatories. In §5.4 we describe both the historic and
new radial velocity data we have used for this study. In §5.5 and 5.6 we describe the binary
and planet populations within 25 pc. Finally, in §5.7, we calculate the occurrence of planets
in both the single and binary stellar systems in our sample, and discuss implications for
planet formation and evolution.
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5.2 25 pc Sample
Our sample of solar-type stars was selected from the Hipparcos catalog (Perryman et al.

1997). We first selected all stars with parallax measurements πHip ≥ 40 mas in the Northern
hemisphere (dec > −10◦). To select sun-like stars, we required 0.55 ≤ B − V ≤ 1.1. The
blue end of this restriction was chosen to exclude often rapidly-rotating F stars, while the
red end, which contains most of the fainter stars in the sample, was chosen to maximize
the number of nearby stars included in the survey while optimizing the number of new RV
survey stars requiring extensive follow-up. We omitted evolved stars by performing a fit to
the main sequence in this color range and excluding stars with absolute magnitudes > 2
mag. brighter or > 1.5 mag. fainter than this fit to the main sequence.

All together, these cuts on the Hipparcos data set yielded a sample of 290 stars, which
comprise our stellar sample of the nearest G- and early K-type dwarf stars. This sample is
generally very bright, with V apparent magnitudes ranging from V ≈ 3 to V ≈ 9.

We summarize the survey sample in Figures 5.1, 5.2, and 5.3. Figure 5.1 demonstrates
our cuts on the Hipparcos sample to select our targets. We derived stellar properties for the
stars in our sample using the spectral characterization package SpecMatch(Petigura et al.
2017). We used a high-resolution spectrum taken with HIRES at Keck Observatory for each
star, and fit for Teff , log g, and [Fe/H]. We then applied the package isoclassify (Huber
et al. 2017) to determine mass and radius. Our sample stars have a median mass of 0.86
M�, and a median Teff of 5296 K. Most are approximately solar in metallicity, with a small
tail to low metallicity stars. These stellar parameters are plotted in Figure 5.2.

The cumulative histogram of the Hipparcos distances to our sample stars is plotted in
Figure 5.3. Along with this distribution, we calculate the expected cumulative distribution
for a volume-complete sample of uniformly-distributed stars, which is simply a measure of
the fractional volume within each distance. The distribution for our sample stars follows
this expected distribution closely, demonstrating that the sample is relatively complete out
to 25 pc.

5.3 High-Resolution Imaging Observations
We undertook a uniform imaging survey of our stellar sample using the ShaneAO adap-

tive optics system at the Lick Observatory 3-meter Shane Telescope (Gavel et al. 2014).We
obtained follow-up data for suspected companions at ShaneAO and on the PHARO adaptive
optics system at the 200′′ Hale Telescope at Palomar Observatory (Hayward et al. 2001).
The goal of this survey was to image known stellar companions in multiple filters to ob-
tain uniformly derived stellar properties, and to find or rule out additional faint or close
stellar companions that may have been missed by previous imaging surveys of the solar
neighborhood (i.e. Raghavan et al. 2010).

For all imaging observations, we treat measurements in any filter centered at K -band as
equivalent, and do not distinguish between relative photometry carried out in Ks, Brγ, H2,
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Figure 5.1 : HR diagram showing the selection of our sample from the Hipparcos catalog. We
performed a linear fit to the main sequence within our color limits, and excluded stars brighter than
2 mag. above and fainter than 1.5 mag. below this fit.

or a combination thereof.

5.3.1 Lick/ShaneAO

We began our ShaneAO (Gavel et al. 2014) survey in the 2015B semester, and were allo-
cated 5–10 nights per semester through 2018A. Accounting for weather losses, this resulted
in 27 partial or complete nights of observations on this survey project. Typical seeing mea-
surements for our nights ranged from 1.′′5 – 4′′. We achieved Strehl ratios of approximately
30–40% on nights with good to average seeing.

Our initial survey technique was designed to maximize survey sensitivity while minimizing
integration and readout time. We therefore obtained images of our bright sample stars
through the Ks filter, allowing the primaries to saturate in 13 integrations of 1.5 seconds
each. We obtained these saturated images in a 4-point dither pattern, with a preliminary,
centered frame included. Stars at the bright end of the sample, with V < 5, typically
saturated out to the first Airy ring of the PSF, while stars at the fainter end V > 8 often
did not saturate at all, depending on the observing conditions.

The field of view of the ShaneAO detector has a radius of ≈ 15′′, but with our dither
algorithm, the effective FoV was ≈ 10′′ in radius. We assumed a pixel scale of 33.0 mas/pixel,
and a field rotation of 1.87± 0.1◦ (G. Duchêne, private communication).

Each set of saturated imaging observations was accompanied by a set of 5 dithered images
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Figure 5.2 : Histograms of the stellar properties of our sample stars, showing the distributions of
Teff , log g, [Fe/H], mass and radius of stars followed in our survey. These parameters were fit for
with SpecMatch using the iodine-free HIRES template spectrum of each star in the sample.
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Figure 5.3 : Cumulative distribution of the distances of stars in our sample. The dashed line
shows the curve expected assuming a volume-complete sample of randomly distributed stars. The
agreement between these cumulative histograms demonstrates the volume-complete nature of our
survey sample.
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of a region of sky offset by 30′′ from the science target, obtained with the same exposure time
and filter as the target observations. These images were combined by median through the
unaligned stack to serve as a sky background estimate. Flat field exposures in each science
filter were obtained at evening twilight on each night of observations, and accompanying dark
images were taken at identical exposure times. The flats were dark-subtracted and combined,
then each science and sky frame was divided by the flat field. Medianed sky images were
then subtracted from the science frames. A bad-pixel removal routine was run, based on a
map of bad pixels for the ShARCS detector (Rosalie McGurk, private communication).

We used a rotational symmetry algorithm, adapted from M. Morzinski et al. (2015), to
register our saturated images. Each image was first roughly aligned by moving the peak
pixel of a median-filtered version of the image to the center of the frame. The median filter
had a size of 7 pixels, allowing it to remove cosmic rays or other single-pixel peaks. However,
due to the heavy saturation of many of the images, this algorithm was insufficient to align
to better than ≈ 10 pixels.

We next performed an iterative rotation algorithm to find the true centers of each sat-
urated star. At each prospective central pixel, the image was rotated about the pixel by
90◦, 180◦, and 270◦. For each rotation, we subtracted the original image and summed the
absolute value of the residuals. The total residuals for all rotations were calculated, and
this process was iterated for central pixels in a box of size ±10 pixels about the center of
the image. This map of central pixel versus residuals was then interpolated onto a 0.1 pixel
scale, and the minimum was found. This location was treated as the star center. In this way,
all science frames were aligned and coadded for each star. We assume a typical precision of
0.2 pixels for this alignment procedure, as well as for the center position of the saturated
star.

Using the PyKLIP package of Wang et al. (2015), the PSF of each image was modeled and
subtracted based on a reference differential imaging library composed of the science frames
of all other stars observed on the same night as the target frame. Both the PSF-subtracted
and the original images were inspected by eye for companions and candidate companions.

When a candidate companion was detected, we used the DAOStarFinder algorithm im-
plemented in the photutils package (Bradley et al. 2017) to obtain its location. We assumed
uncertainties of 0.1 pixel for unsaturated companions, and an uncertainty of 0.2 pixel for the
location of the saturated primary based on our rotation algorithm. Flux ratio measurements
could not be obtained for the saturated images, so any stars with detected companions or
candidate companions were followed up with either the ShaneAO system in the narrow-band
Brγ or CH4 − 1.2µm filters, or with the Palomar/PHARO AO system in one of the avail-
able narrow-band filters. Candidate companions were followed up if they were measured
with SNR ≥ 5 based on local image noise statistics.

For unsaturated follow-up observations on the ShaneAO system, requisite exposure times
were calculated based on the SNR of the saturated image detection, and the ratio of bandpass
for the Brγ vs. Ks filters. Aperture photometry was performed when a companion was
recovered, using a photometric aperture of 1 FWHM.



5.4. RADIAL VELOCITY OBSERVATIONS 104

5.3.2 Palomar/PHARO

Follow-up observations were obtained on a case-by-case basis as a backup program for
spare time or sub-optimal conditions on PHARO (Hayward et al. 2001) behind the adaptive
optics system on the 200′′ Hale telescope at Palomar Observatory. Observations of our
sample stars were carried out on 14 nights from 2016A through 2017B.

Targets were observed in a combination of wide and narrow-band filters centered at
K, selected to avoid saturation on the bright target. We typically used either H2 (λ =
2.248 µm, ∆λ = 0.02 µm) or Brγ (λ = 2.166 µm, ∆λ = 0.02 µm) combined with Ks, but
occasionally H2 combined with Brγ for the brightest primary stars. If J -band observations
were unavailable from ShaneAO, they were also obtained from PHARO using J and neutral
density filters since no narrow-band filters centered at J were available. The neutral density
filters do create a ghost image close to the target star, so care was taken to differentiate
between this and the candidate companion, and no companion discoveries were based on the
Palomar J images.

Images were obtained in sets of 15 using a 5-point dither pattern, with exposure times
optimized to avoid saturation on the bright primary star. When a narrow-band filter (H2
or Brγ) and Ks were combined, typical integration times were only a few seconds; however,
when the primary star was sufficiently bright to require the combination of two narrow-
band filters (H2 and Brγ), integration times were increased to several hundred seconds per
exposure. The field of view of the dithered observations was ≈ 25′′ × 25′′.

The sky background was estimated by median through the dithered, un-aligned science
frames. Flat field and corresponding dark observations were obtained at evening twilight on
each observing night. Flats were taken through the wide-band filters Ks and J only, but
were applied to narrow-band images at the same central wavelength. Each science frame was
flat-fielded and sky-subtracted, then aligned using the same rotational algorithm described in
§5.3.1. Astrometric and photometric measurements were made following the same procedure
as was used for the unsaturated follow-up ShaneAO observations.

5.4 Radial Velocity Observations
We carried out a radial velocity monitoring campaign to search for planets around our

sample stars. We combined historic radial velocity measurements made with the Lick/
Hamilton spectrograph (Fischer et al. 2014) and Keck/HIRES (Marcy et al. 2008) with new
RV observations from HIRES and the APF/Levy spectrometer for each star.

Our survey goal was to ensure a uniform minimum radial velocity time baseline of 3 years
and a uniform minimum of 30 observations for each star in our sample. Among these 30
observations, we required that 8–10 be taken within a 2 month period at high cadence to
constrain short-period planets.

Of our 290 survey stars, 31 were known or found to be double-lined spectroscopic binaries
and were excluded from the RV survey. These stars are not feasible radial velocity targets,
since the RV precision is severely impacted by the presence of a second set of bright spectral
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lines. We therefore excluded these stars from the RV survey, leaving 259 stars in the RV
sample. Of these, 125 had historic radial velocity time series surpassing the survey minimum
requirement, due to their inclusion in the California Planet Survey (e.g. Marcy et al. 2008;
Wright et al. 2012; Howard et al. 2012, 2014; Marcy et al. 2014), which was carried out at
Lick and Keck Observatories starting in the late 1980s and continues today. These stars were
not targeted for additional follow-up under this program, but many continue to be observed
regularly. These are the best-studied members of our survey sample, and the majority are
single stars, since most known binaries were excluded from the initial CPS target lists. These
stars are also among the least magnetically active of our sample stars, since RV surveys often
select for magnetically quiet stars which display less RV jitter. In our sample, we include
magnetically active stars as well, but are less sensitive to planets around these stars.

The remainder of the stars in the sample were divided into HIRES and APF sub-samples,
and additional radial velocity observations were obtained to bring them up to the survey
minimum requirement of 30 observations over 3 years including a high-cadence set.

We achieved this goal for 199 of the 259 RV target stars. The new radial velocity mea-
surements are described below. Of the remaining 60 sample stars, most (44) were observed
> 20 times. However, we do not include these stars in the radial velocity analysis at this
time. Additional observations are obtained for these stars on an ongoing basis, and in future
work, we will be able to include the full volume-limited stellar sample.

5.4.1 Keck/HIRES

Observations with Keck/HIRES (Vogt et al. 1994) were obtained for 59 sample stars.
These stars were chosen from the sub-sample of stars with incomplete RV data sets based
on our minimum survey requirements. Due to the relative difficulty of obtaining observing
time on HIRES, we carefully selected which stars would be observed with this system. Stars
were selected for follow-up using HIRES if they satisfied one of two conditions: (1) they were
faint, with V > 8.5 making them too difficult to observe with the APF, or (2) 5–10 historic
HIRES observations existed for that star, creating complications in fitting zero-point offsets
and long-period RV trends if the star was switched to a new instrument. The remainder of
the stars were followed up with the APF/Levy system.

For all stars observed with HIRES, we followed the typical California Planet Survey
observing methods and reductions to extract radial velocities. Stellar light passed through a
glass cell filled with gaseous molecular iodine heated to 50◦ C, imprinting a dense spectrum of
absorption lines onto the stellar spectrum. These lines were used to calibrate the wavelength
solution and as a reference for the instrumental PSF.

For this survey, we obtained spectra through the C2 and B5 deckers, which have sizes of
14′′ × 0.′′87 and 3.5′′ × 0.′′87 yielding a spectral resolution of R ≈ 55, 000 for each star. We
timed our exposures to ensure a signal-to-noise ratio of SNR = 140 per pixel at 550 nm. An
iondine-free spectrum was also obtained for each of our target stars to serve as a template
in the forward modeling process.

Each spectrum was divided into approximately 700 chunks, and for each chunk, the
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template spectrum and the known spectrum of iodine were used to forward model the Doppler
shift as well as the instrumental PSF. The final radial velocities were then calculated by
weighted average among these chunks, such that spectral regions with high velocity dispersion
carried less weight. The statistical uncertainty for each RV measurement was also calculated
from the dispersion of the chunks.

5.4.2 APF/Levy

We targeted 71 stars using the Automated Planet Finder (APF) and Levy Spectrograph.
These were typically bright stars (V < 8.5) that had nevertheless been excluded from pre-
vious radial velocity survey samples, so did not have historic HIRES radial velocity data.
They were often younger and more magnetically active than typical RV targets, or had
known binary companions.

The Automated Planet Finder is a 2.4-meter dedicated radial velocity survey telescope
at Lick Observatory (Radovan et al. 2014). It is fully automated, including target list
creation, observations, and raw reductions. The procedure for obtaining RV measurements
of the APF stars was very similar to that of our HIRES sub-sample, including the iodine
calibration method and the RV reduction pipeline (Fulton et al. 2015).

We observed the APF target stars through the W decker, with a size of 3′′ × 1′′ and a
spectral resolution of R ≈ 100, 000. Exposures were timed to achieve SNR = 140 per pixel.
An iodine-free template spectrum was also obtained through the W decker for each target.
The template was again used to forward model the Doppler shift at each epoch, in narrow
spectral chunks. The chunks were combined with a weighted average to calculate the radial
velocity and statistical uncertainty at each epoch.

5.5 Stellar Companions
Using the combination of literature review, our high-resolution imaging observations, and

our radial velocity data sets, we compiled a catalog of the stellar companions to stars in our
sample, along with estimates for their physical separations and masses. In total, we list 207
stellar, white dwarf, and brown dwarf companions orbiting around 144 sun-like stars within
25 pc in Table 5.1. Of these, 95 were detected by our survey. The remainder were either
too wide for the ≈ 12′′ outer working angle of our imaging observations, or were known SB2
binaries, which were too close to resolve in our imaging observations and were excluded from
our radial velocity survey due to their complicated double-lined spectra. In the table, we
list the HD and HIP names of the primary star (columns 1-2); the component name of the
binary companion (column 3); our proxy for the physical separation of the companion, based
either on a spectroscopic orbit fit or on the measured projected separation (columns 4-5);
and the mass estimate for the companion (columns 6-7). Finally, we provide a reference
for any literature information incorporated into estimating these parameters in column 8.
Information from Raghavan et al. (2010, R10) and the Washington Double Star catalog
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(Mason et al. 2001, WDS) was available for most stars in the sample.
We also detected 28 visual companions that we determined were actually background

sources, based on their observed motion over multi-epoch imaging observations, typically
spanning 1–2 years. Since the nearby stars have large proper motions, a 1–2 year time
baseline is sufficient to identify background sources. We compared the relative motion of
each new companion to the expected motion of a background star based on the proper motion
of the primary. If the motion of a candidate was more consistent with the expected motion of
a background star than with a stationary solution, we rejected it. These background sources
are listed in Table 5.2.

Among our binary sample, there are also 15 examples of companions detected in only
one epoch of imaging observations. We are unable to diagnose the likelihood that these are
background stars using proper motions without an additional imaging epoch, so we list these
with the designation “bound?” in column 8 of Table 5.1. Finally, targets that were not listed
in the literature, but whose motion was more consistent with a bound companion than a
background star are listed as “candidate” in column 8 of Table 5.1.

The total number of stars with one or more detected binary companion was 144, resulting
in a multiplicity fraction for our sample stars of 50 ± 3%, consistent with the stellar multi-
plicity fraction reported in Raghavan et al. (2010). Breaking down these multiple systems
by multiplicity, we find that the raw fractions of binary, triple, and higher-order systems are
32.4 ± 2.7%, 12.8 ± 1.9%, and 4.5 ± 1.2% respectively. Again, these values agree well with
the results of Raghavan et al. (2010).

In order to extract the physical properties listed, we used the following ranking. The
preferred method to determine the physical separation between the binary components was
from the orbital period of a Keplerian fit to any radial velocity data available in our own RV
data set or in the literature. This serves as the most accurate measure of the semi-major
axis of the system, assuming the masses of both components are accurately estimated.

However, most of the binary system in our sample are too wide to exhibit significant
orbital motion over several years or decades, and their orbits are therefore poorly constrained.
For these systems, we used the projected separation as a proxy for the physical separation
between the two components.

We measured angular separations from our own imaging observations and multiplied by
the distance as determined by Hipparcos to calculate projected separations. We also searched
for projected separations from the literature. In cases where the results were discrepant, we
chose the larger of the projected separation measurements, and noted whether this measure-
ment originated from literature sources or from our own measurements in column 5 of the
table.

For the mass estimate, we determined masses (m sin i) from the RV orbital fits for short-
period binaries where orbital motion was detected. For the wider systems, we report masses
from the literature if available, or estimate mass based on literature spectral type, using the
mass sequence from Pecaut & Mamajek (2013). If no mass or spectral type was found in the
literature, we estimated mass based on the measured ∆K if the companion was detected in
our imaging survey, or the ∆V value reported in the WDS or R10 for sources outside our
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survey outer working angle. We note the source of the mass estimate reported in column 7
of the table. For 11 of the companions of “unknown” physicality, no unsaturated image was
taken and no literature source provided an estimate for the mass These companion therefore
have no mass estimate listed in the table. Several other companions lack reported mass
measurements from the literature and were not detected by our survey, so no estimates for
their masses are reported.

We plot the separation and mass ratios of the detected or literature companions in Figure
5.4. They span separations from 1 to > 104 AU, and mass ratios from 0.02 to > 1 for the few
stars in our sample that are not themselves the primary star in their system. Companions
detected in our survey, regardless of whether they were previously known, are indicated with
filled markers, while companions that we added in from the literature are plotted with open
markers.

Table 5.1: Binary Companions to 25 pc Stars

HD HIP Comp. Sep (AU) Source Mass (M�) Source References
224930 171 B 10.29 2 0.58 5 R10, WDS
123 518 Ba 31.47 1 0.95 5 R10, Tokovinin (2014)
123 518 Bb 29.21 2 0.22 5 R10, Tokovinin (2014)
3196 2762 Ab 0.04 4 0.4 6 R10, Duquennoy & Mayor (1991)
3196 2762 B 4.68 4 1.0 6 R10, Duquennoy & Mayor (1991)
3651 3093 B 478.40 2 0.05 5 R10, WDS
4614 3821 B 71.37 2 0.65 7 R10, WDS
6101 4849 B 10.58 4 0.63 7 WDS, Balega et al. (2006)
6101 4849 C 21452.48 2 1.01 5 WDS, Makarov et al. (2008)
6582 5336 Ab 7.63 2 0.39 7 R10, WDS
8997 6917 Ab 0.11 4 0.63 6 R10, Griffin (1987)
10307 7918 Ab 8.20 4 0.38 6 R10, WDS, Lippincott et al. (1983)
13789 10416 B 63.34 1 0.18 9 candidate
13974 10644 Ab 0.11 4 0.78 7 R10, Pourbaix (2000)
14214 10723 Ab 0.46 4 0.46 6 R10, Pourbaix et al. (2004); Katoh et al. (2013)
16160 12114 Ab 14.73 4 0.09 6 R10, Tokovinin (1997)
16160 12114 B 1188.00 2 0.39 5 R10, Tokovinin (1997)
16287 12158 Ab 0.11 4 0.12 6 R10, Pourbaix et al. (2004)
16739 12623 Ab 1.23 4 1.18 6 R10, WDS, Pourbaix (2000)
16909 12709 Ab 2.26 4 0.3 6 Griffin et al. (1985)
17382 13081 Ab 6.64 4 0.17 6 R10, Latham et al. (2002)
17382 13081 B 462.98 2 0.09 7 R10, WDS
17382 13081 C 263.92 2 · · · · · · WDS, Lafreniere et al. (2007)
18143 13642 B 114.39 2 0.61 7 R10, WDS
18143 13642 C 1006.63 2 0.09 7 R10, WDS
18757 14286 B 23.23 4 0.035 6 Bouchy2016
18757 14286 C 6017.38 2 0.48 7 R10, WDS
19994 14954 Ba 151.49 2 0.52 5 R10, Tokovinin (2014)
19994 14954 Bb 151.49 2 0.06 5 R10, Tokovinin (2014)
23439 17666 B 167.87 1 0.75 9 WDS
24496 18267 B 74.91 1 0.48 7 R10, WDS
24409 18413 D 9.92 1 0.66 9 R10, WDS
24409 18413 E 206.03 1 0.48 7 R10, WDS
25893 19255 Ba 56.49 1 0.63 9 WDS
25893 19255 Bb 59.55 1 0.65 9 candidate
25893 19255 E 15350.90 2 1.18 8 WDS, Shaya & Olling (2011)
26965 19849 B 418.68 2 0.22 7 R10, WDS
26965 19849 C 418.68 2 0.39 8 R10, WDS
26913 19855 B 1347.68 2 0.87 5 R10, WDS
32850 23786 Ab 1.07 4 0.5 6 RVs

Continued...
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Table 5.1 – continued from previous page
HD HIP Comp. Sep (AU) Source Mass (M�) Source References
32923 23835 B 99.81 1 · · · · · · bound?
34673 24819 Ba 26.99 2 0.53 9 WDS
34673 24819 Bb 31.54 1 0.28 9 candidate
34673 24819 C 3764.55 2 0.5 8 WDS
35112 25119 B 21.89 2 0.53 7 R10, WDS
37394 26779 B 1209.45 2 0.53 7 R10, WDS
38230 27207 B 96.64 1 0.065 9 candidate
39587 27913 Ab 4.33 2 0.15 5 R10, WDS, König et al. (2002)
40397 28267 B 90.49 2 0.5 5 R10, WDS, Eggenberger et al. (2007)
40397 28267 D 2071.93 2 0.15 7 R10, WDS, Salim & Gould (2003)
43587 29860 Ab 17.08 1 0.54 5 R10, WDS, Catala et al. (2006)
43587 29860 Ea 1991.89 2 0.25 5 R10, WDS, Pravdo et al. (2006)
43587 29860 Eb 1991.89 2 0.12 5 R10, WDS, Pravdo et al. (2006)
45088 30630 Ab 0.08 4 0.71 6 R10, Griffin & Emerson (1975)
45088 30630 B 47.36 2 0.22 7 R10, WDS
257498 30756 B 149.47 1 0.065 9 candidate
263175 32423 B 749.63 2 0.6 7 R10, WDS
50281 32984 Ba 510.70 2 0.44 8 WDS
50281 32984 Bb 510.70 2 0.39 8 WDS
50281 32984 C 437.62 2 0.15 8 WDS
54371 34567 Ab 0.22 4 0.4 6 R10, Eker et al. (2008); Fekel et al. (2015)
hip36357 36357 A 13269.57 2 1.4 5 R10, WDS, Shaya & Olling (2011)
hip36357 36357 B 13209.90 2 0.39 8 R10, WDS
hip36357 36357 Eb · · · · · · · · · · · · R10, Makarov & Kaplan (2005)
61606 37349 B 827.65 2 0.61 7 R10, WDS
64606 38625 Ab 1.20 4 0.2 6 R10, Latham et al. (2002); Pourbaix et al. (2004)
64606 38625 B 15.00 1 0.5 9 candidate
64468 38657 Ab 0.57 4 0.14 6 R10, Vogt et al. (2002); Bonavita & Desidera (2007)
64468 38657 B 94.27 1 0.09 9 candidate
65277 38931 B 94.38 1 0.28 5 Bonavita & Desidera (2007)
65430 39064 Ab 4.42 4 0.086 6 R10, Latham et al. (2002)
68017 40118 Ab 12.87 4 0.16 6 R10, Crepp et al. (2012b); Tokovinin (2014)
72760 42074 Ab 36.21 1 0.13 5 R10, Metchev & Hillenbrand (2009)
72946 42173 A 234.14 2 1.14 8 WDS
73350 42333 B 157.37 1 · · · · · · WDS, Janson et al. (2013)
75767 43557 Ab 0.10 4 0.27 6 R10, Griffin (1991)
75767 43557 Ba 82.09 2 0.39 7 R10, Fuhrmann et al. (2005)
75767 43557 Bb 82.09 2 0.22 7 R10, Fuhrmann et al. (2005)
75732 43587 B 1061.40 2 0.11 7 R10, WDS
79096 45170 Ab 3.48 1 0.85 5 R10
79096 45170 Ea 880.61 2 · · · 7 R10
79096 45170 Eb 880.61 2 · · · 7 R10
79028 45333 Ab 0.14 4 0.46 6 R10, Fekel et al. (2015)
79555 45383 Ab 12.90 2 0.6 9 WDS, Heintz (1994)
79969 45617 B 11.92 2 0.74 5 R10
80715 45963 Ab 0.05 4 0.71 6 R10, Tokovinin et al. (2006)
82443 46843 B 1157.05 2 0.15 7 R10, WDS
82885 47080 B 80.54 1 0.077 7 R10, WDS
86728 49081 Ba 1980.94 2 0.11 7 R10, Gizis et al. (2000)
86728 49081 Bb 1980.94 2 0.11 7 R10, Gizis et al. (2000)
90508 51248 B 166.78 2 0.48 7 R10, WDS
96064 54155 B 291.10 1 0.65 7 R10, WDS
96064 54155 C 291.59 1 0.65 7 R10, WDS
97334 54745 Ea 1948.31 2 · · · 7 R10, Kirkpatrick et al. (2000)
97334 54745 Eb 1948.31 2 · · · 7 R10, Bouy et al. (2003); Dupuy & Kraus (2013)
99492 55848 B 733.23 2 0.82 7 R10
100180 56242 B 352.37 2 0.71 7 R10, WDS, Tokovinin (2014)
101177 56809 Ba 240.57 2 0.82 5 R10, Tokovinin (2014)
101177 56809 Bb 240.57 2 0.31 5 R10, Tokovinin (2014)
101206 56829 Ab 0.11 4 0.31 6 R10, Eker et al. (2008)
109011 61100 B 2.60 4 0.64 6 Schlieder et al. (2016)

Continued...
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Table 5.1 – continued from previous page
HD HIP Comp. Sep (AU) Source Mass (M�) Source References
110833 62145 Ab 32.03 1 0.15 9 R10, WDS
112758 63366 Ab 0.42 4 0.0358 6 R10, RVs
112758 63366 B 16.81 2 0.48 7 R10, WDS
112914 63406 Ab 1.58 4 0.24 6 R10, RVs
113449 63742 Ab 0.78 4 0.51 6 R10, Evans et al. (2012)
115404 64797 B 90.49 2 0.6 7 R10
116443 65355 B 439.89 2 0.78 5 R10, WDS
122742 68682 Ab 5.27 4 0.55 6 R10, Martin et al. (1998)
125455 70016 B 168.33 2 0.11 7 R10, WDS
130948 72567 B 46.65 2 0.05 5 R10, WDS
130948 72567 C 46.65 2 0.05 5 R10, WDS
131156 72659 B 37.28 1 0.67 5 R10, WDS
131511 72848 Ab 0.54 4 0.5 6 R10, RVs
131582 72875 Ab 2.17 4 0.1 6 R10, RVs
133640 73695 Ba 48.48 2 0.91 5 R10, Tokovinin (2014)
133640 73695 Bb 48.48 2 0.48 5 R10, Tokovinin (2014)
135204 74537 B 1.73 2 0.9 7 R10, WDS
137107 75312 B 16.20 2 1.05 5 R10, WDS
137107 75312 E 3603.35 2 0.06 5 R10, WDS
137763 75718 Ab 1.99 2 0.57 5 R10, WDS
137763 75718 C 24076.28 2 0.22 7 R10
137763 75722 B 1088.22 2 0.87 5 R10, WDS
139477 76315 B 810.60 2 0.39 8 WDS
139323 76375 AB 2715.33 2 0.82 7 WDS, Halbwachs (1986)
140538 77052 Ba 68.07 1 0.15 7 R10, WDS, Rodriguez et al. (2015)
140538 77052 Bb 69.89 1 0.39 9 R10, WDS, Rodriguez et al. (2015)
141272 77408 B 382.15 2 0.39 7 R10, Eisenbeiss et al. (2007)
142267 77801 Ab 0.56 4 0.15 6 R10, RVs
144287 78709 Ab 5.47 4 0.2 6 R10
144579 78775 B 1009.91 2 0.22 7 R10, WDS
145958 79492 B 124.00 2 0.9 7 R10, WDS
145958 79492 D 39537.15 2 · · · 7 R10
146361 79607 Ab 0.03 4 1.09 6 R10, Raghavan et al. (2009)
146361 79607 B 156.28 1 1.0 5 R10
146361 79607 Ea 13743.22 2 0.48 7 R10
146361 79607 Eb 13743.22 2 0.1 5 R10
148653 80725 B 46.76 1 0.77 5 R10, WDS
149806 81375 Ba 126.94 2 0.11 7 R10, WDS
149806 81375 Bb 125.91 1 0.44 9 bound?
153557 83006 C 1962.19 2 0.73 5 R10, WDS, Simbad
153557 83020 B 91.73 1 0.48 7 R10
154363 83591 B 1976.77 2 0.5 8 WDS
155712 84195 B 82.77 1 · · · · · · bound?
156985 84616 B 3387.07 2 0.22 8 WDS
157347 85042 B 953.49 2 0.39 7 R10
159062 85653 B 102.59 4 0.52 6 Hirsch et al. (in prep)
158614 85667 B 16.12 2 0.9 5 R10, WDS
160269 86036 B 21.56 2 0.65 5 R10, WDS
160269 86036 C 10391.66 2 0.6 7 R10, WDS
160346 86400 Ab 0.36 4 0.103 6 R10, Katoh et al. (2013)
161198 86722 Ab 3.97 4 0.337 6 R10, Martin et al. (1998)
161198 86722 B 539.46 2 0.22 7 WDS, Allen et al. (2012)
165341 88601 B 32.72 1 0.78 5 R10
165401 88622 Ab 9.11 4 0.05 6 R10, RVs
170493 90656 C 74.67 1 · · · · · · bound?
hip91605 91605 Ba 224.04 1 0.48 7 R10, WDS
hip91605 91605 Bb 228.25 1 0.48 9 candidate
175742 92919 Ab 0.04 4 0.35 6 R10, Tokovinin et al. (2006)
176051 93017 Ab 19.40 1 0.71 5 R10, WDS
178126 93871 F 293.52 1 0.065 9 bound?
178428 93966 Ab 0.16 4 0.19 6 R10, Katoh et al. (2013)

Continued...
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Table 5.1 – continued from previous page
HD HIP Comp. Sep (AU) Source Mass (M�) Source References
178428 93966 B 117.56 1 · · · · · · bound?
179957 94336 B 317.48 2 0.99 7 R10, WDS
180161 94346 B 176.08 1 0.065 9 candidate
182488 95319 Ab 20.33 4 0.042 6 Vigan et al. (2016); Bowler et al. (2018)
184467 95995 B 1.44 4 0.8 6 R10, WDS, Pourbaix (2000)
184385 96183 C 118.93 1 · · · · · · bound?
184385 96183 D 151.78 1 · · · · · · bound?
185414 96395 Ab 6.35 4 0.1 6 RVs, R10, Tokovinin (2014)
185414 96395 B 243.80 1 0.28 5 WDS, Tokovinin (2014)
186408 96895 Ab 73.51 2 0.17 5 R10, WDS, Tokovinin (2014)
186427 96901 B 873.45 2 1.09 5 R10, WDS, Tokovinin (2014)
186858 97222 Aa/b 15889.18 2 1.36 5 R10, Tokovinin (2014)
186858 97222 B 16296.60 2 0.71 5 R10, Tokovinin (2014)
186858 97222 G 62.85 1 0.77 5 R10, WDS, Tokovinin (2014)
187691 97675 C 436.30 2 0.39 7 R10, WDS
189340 98416 B 3.64 4 0.94 6 R10, WDS, Pourbaix (2000)
189733 98505 D 219.20 1 0.15 9 candidate
190067 98677 B 63.02 1 0.65 7 R10, WDS
190360 98767 Ab 161.79 1 · · · · · · bound?
190360 98767 B 2832.17 2 0.22 7 R10, WDS
190406 98819 Ab 13.96 2 · · · 7 R10, WDS
190771 98921 Ab 7.75 4 0.1 6 R10, RVs
191499 99316 B 108.35 2 0.71 7 R10, WDS
191785 99452 B 159.94 1 · · · · · · bound?
191785 99452 E 2125.74 2 0.39 7 R10, WDS
195987 101382 Ab 0.34 4 0.67 6 R10, WDS, Torres et al. (2002)
197076 102040 Ca 2625.39 2 0.3 5 R10, WDS, Tokovinin (2014)
197076 102040 Cb 2625.39 2 0.3 5 R10, WDS, Tokovinin (2014)
198425 102766 B 781.44 2 0.11 7 R10, WDS
198550 102851 B 20.20 1 0.5 9 candidate
198550 102851 C 142.62 1 · · · · · · bound?
200560 103859 B 63.89 2 0.39 7 R10, WDS
200560 103859 C 142.11 1 0.065 9 bound?
200560 103859 D 230.01 1 0.11 9 candidate
201091 104214 B 111.10 2 0.63 8 WDS
206860 107350 B 794.56 2 0.02 5 R10, WDS
208313 108156 B 157.49 1 · · · · · · bound?
211472 109926 B 190.69 1 · · · · · · bound?
211472 109926 C 204.63 1 · · · · · · bound?
211472 109926 T 1655.94 2 0.22 7 R10, WDS
216448 112915 B 9.49 1 0.72 9 WDS, Malkov et al. (2012)
216448 112915 C 75.99 1 0.065 9 candidate
217580 113718 Ab 1.12 4 0.064 6 Latham et al. (2002)
218868 114456 B 1172.33 2 0.15 7 R10, WDS
224465 118162 Ab 0.29 4 0.23 6 R10, RVs, Tokovinin (2014)

Source Codes: (1) Projected separation, This Work; (2) Projected separation, Literature; (3) Physical separation, Literature;
(4) Complete Orbit, Literature; (5) Mass measurement, Literature; (6) Msini from orbit fit; (7) Mass from spectral type; (8)

Mass from V -band contrast; (9) Mass from Ks-band contrast, This Work

5.5.1 Sensitivity to Stellar Companions

The combination of our radial velocity and imaging observations provide improved sensi-
tivity to stellar companions to our sample stars, down to the bottom of the main sequence at
most separations. This sensitivity was essential, since our knowledge of stellar companions
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Table 5.2 : Background sources near 25 pc sample stars
HD HIP Median Sep. (′′) ∆K
18757 14286 9.332± 0.004 7.77± 0.09
18757 14286 7.530± 0.012 · · ·
38230 27207 4.737± 0.003 9.10± 0.13
51419 33537 7.716± 0.003 8.57± 0.07
51419 33537 9.351± 0.003 9.60± 0.10
65277 38931 6.912± 0.002 6.18± 0.01
65277 38931 8.880± 0.003 8.23± 0.07
79096 45170 5.013± 0.003 8.82± 0.09
96064 54155 3.820± 0.003 7.37± 0.06
128311 71395 5.858± 0.004 9.57± 0.25
137763 75718 5.139± 0.004 8.03± 0.07
139477 76315 3.840± 0.012 · · ·
170493 90656 3.678± 0.004 7.16± 0.05
174080 92283 9.957± 0.002 7.89± 0.06
178126 93871 5.262± 0.003 9.95± 0.43
178126 93871 4.375± 0.003 8.85± 0.21
178126 93871 9.140± 0.003 9.36± 0.20
178126 93871 9.705± 0.003 7.31± 0.06
187691 97675 3.610± 0.012 · · ·
187691 97675 6.740± 0.012 · · ·
189340 98416 10.325± 0.012 · · ·
189733 98505 7.344± 0.002 8.70± 0.09
189733 98505 8.333± 0.002 9.53± 0.13
189733 98505 12.574± 0.002 9.51± 0.10
189733 98505 9.230± 0.003 9.17± 0.11
190404 98792 8.908± 0.003 9.86± 0.14
190406 98819 6.965± 0.002 7.57± 0.07
190470 98828 8.673± 0.003 8.11± 0.10
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Figure 5.4 : Mass ratio versus physical separation for all binary companions in our sample. Our
proxy for mass and separation are detailed in Table 5.1.

was used to guide our division of the complete sample into “single” and “multiple” sub-
samples. Contamination of the single sample by unknown binary systems may then bias the
results of our comparison of planet occurrence rates between these samples.

Judging our sensitivity to stellar companions from our saturated adaptive optics survey
was more complicated than simply creating a standard contrast curve, since the saturated
cores of our survey stars made calculating precise relative photometry more difficult. Instead,
we estimated our sensitivity on a sample-wide level, by determining the outer envelope of
the angular separations and ∆Ks measurements of all companions detected in the saturated
survey, then re-detected in unsaturated follow-up images.

In Figure 5.5, we plot the angular separation and contrast of each Brγ or Ks detection of
a companion discovered in the saturated AO survey, regardless of the SNR of the detection.
For this plot, we treated ∆Brγ as equivalent to ∆K. For the faintest companions, consec-
utive saturated Ks and unsaturated Brγ observations were carried out. This allowed us to
locate the position of the companion using the deeper saturated Ks image, but perform the
aperture photometry on the unsaturated Brγ image. Multi-epoch observations of the same
companions were all included, as were companions determined to be background stars.

Using this catalog of companion detections, we calculated the 95th percentile of the
measured ∆Ks values at each position, using a running histogram box with variable size.
We chose our box size at each position such that 30 surrounding observations fell into each
box. Due to the lower density of detections at wider separations, the box size was larger
at wide separations than at small separations. From these 95th percentile measurements at
each separation, we fit a 4th order polynomial, which we overplot in Figure 5.5.
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Figure 5.5 : Left: ShaneAO companion detections are plotted, comparing angular separations to
Ks contrast in magnitudes. We calculated our saturated imaging survey sensitivity by fitting the
envelope of these detections using a 4th order polynomial. This fit is plotted as the cyan dashed
line.

In order to convert our detection limits from the imaging survey to physical limits on
companions, we converted the relative photometry into companion masses and angular sep-
arations into projected separations assuming the primary was a 0.85M� star at 20 pc. This
represents a nominal detection scenario for our sample, by assuming the median primary
mass and distance of the stars in our sample.

For the radial velocity observations, we determine detectability of stellar companions as
a function of companion mass and semi-major axis by using an analytic RV sensitivity curve
from Howard & Fulton (2016), which is based on the number, precision, and time baseline
of our RV observations. Since these observations were aimed at detecting giant planets, our
sensitivity to stellar companions (with masses 2 or more orders of magnitude larger than
typical giant planets) were essentially complete out to the observing time baseline of our
survey. The minimum time baseline for our survey was 3 years, so a 3-year RV sensitivity
curve was used to estimate our minimum binary sensitivity by this method.

In addition, we convert the RV sensitivity curve from units of orbital period and RV
semi-amplitude to semi-major axis and companion mass. Together with the imaging limits,
these sensitivity curves are plotted in Figure 5.6.

A final method by which we were able to detect stellar companions is spectroscopically, by
searching for a second set of spectral lines in the iodine-free template spectrum for each of our
targets. We have demonstrated sensitivity to companions with flux ratios of ≥ 1% compared
to their primaries in V with this method (Kolbl et al. 2015). The decker used to obtain
template spectra for stars in our sample had a width of 0.′′57, allowing detection of stellar
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companions within this angular separation, down to contrasts of ∆V ≈ 5 magnitudes. These
constraints are again converted to physical units and plotted in Figure 5.6. In practice, this
method has more complicated sensitivity to companions, depending on the relative radial
velocity between the two components as well as the spectral distinctness of each star. These
limits depend on the parameters of each system, and are difficult to estimate for the full
survey sample.

The combination of all techniques provides complete sensitivity to stellar companions of
G and K type at all separations. However, for M-type companions with massesM < 0.5M�,
there are regions where we lack sensitivity. Specifically, at separations between ≈ 6 and
≈ 20 AU, low-mass stellar companions may not be detected by either our spectroscopic or
imaging observations, depending on the system’s distance and primary star mass.

Based on the log-normal period distribution of Raghavan et al. (2010), we calculate that
approximately 4% of sun-like stars have a stellar companion with a semi-major axis between 6
and 20 AU. Of these, only half have masses below 0.5 M�, since the mass ratio distribution
for sun-like stars and their companions is fairly flat. This means that ≈ 2% of the stars
in our sample may have companions in the window of parameter space in which we lack
sensitivity. We therefore expect that for our 290 star sample, we may have missed up to 6
stellar companions due to lack of sensitivity.

For the remainder of this study, we divided our sample based on these results into single
star and binary star samples. Among the stars surveyed by radial velocity (excluding the
double-lined spectroscopic binaries), there were a total of 120 single stars, and 79 stars in
binary systems. Very few of the binary companions to our sample stars fell into our survey
color and luminosity limits, so the majority of our RV observations were limited to only
one of the stars in each binary system. Several sample stars have a more massive stellar
companion, so are themselves the secondary, but the majority of our sample stars are the
primary stars in their systems.

5.6 Planetary Companions

5.6.1 Blind Planet Search

We carried out a blind search for planetary companions to our sample stars using a
custom pipeline based on the infrastructure of the publicly available RV analysis package
RadVel(Fulton et al. 2018). Our algorithm was carried out as follows:

First, a nominal model was selected for each stellar system, based on its radial velocities.
In the cases of an obvious high-amplitude radial velocity curve due to a stellar companion,
the nominal model was a fit to this single Keplerian orbit, performed in advance of the planet
search pipeline. Otherwise, the nominal model was chosen to be either flat, a linear trend, or
a linear trend with curvature. This model was selected using a comparison of the Bayesian
Information Criterion (BIC) among these three options. For a more complicated model to
be selected, we required that its BIC was improved over the less complicated model by at
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Figure 5.6 : This plot demonstrates our survey sensitivity to stellar companions as a function of
mass and physical separation, for each survey technique and instrument. The imaging observations
allow nearly complete sensitivity down to the bottom of the main sequence at separations of 20
AU or more. Within ≈ 6 AU, our 3 year minimum RV baseline allows us to fit orbits for stellar
companions. For stars with longer RV baselines, we are sensitive to companions at wider separations
with this method as well. Searching for SB2 composite spectra allows us to partially fill in the gap
between 6 and 20 AU, but only for companions with masses of ≈ 0.5M� or more. We are therefore
potentially missing M dwarf companions with separations of 6–20 AU.
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least a difference of 5.0 (i.e. for BICflat − BICtrend > 5.0 we selected the model with the RV
trend).

Once the nominal model was chosen, we added an additional planet to our model, with
eccentricity fixed to zero. The RV semi-amplitude and time of conjunction of this additional
planet, as well as the RV jitter and zero-point offsets of each instrument were allowed to
float. If a nominal model with a trend or a trend and curvature was chosen, the slope and
curvature were also allowed to vary for these fits.

We constructed a grid of periods ranging from 10 to 104 days. We calculated the optimal
spacing by requiring that each subsequent period resulted in a difference of less than one
quarter phase over the time baseline of the data. This resulted in a grid typically containing
several thousand periods, depending on the timespan of each sample star’s RV data.

At each point in this grid, we fixed the planet period to the test period and performed a
least-squares minimization of the likelihood function:

logP(dRV |Θ) = −
∑
i

[
(vi − vm(ti))

2

2(σ2
i + σ2

jit)
+ log

√
2π(σ2

i + σ2
jit)

]
(5.1)

where vi, σi and ti refer to the offset-subtracted radial velocity measurements and their
uncertainties and time stamps, vm is the n-planet model velocity, and σjit is the white noise
jitter term added in quadrature to the measurement uncertainty.

We additionally imposed priors on the values of σjit such that σjit < 20 m s−1 for all
instruments. We imposed a physical prior of Kn > 0.0 m s−1 on the RV semi-amplitude Kn

for each planet we fit.
At each test period, we calculated the BIC value of the best-fit orbit solution, and com-

pared it to the BIC of the nominal model to obtain ∆BIC = BICn−1 − BICn. We then
constructed a Bayesian periodogram by plotting test period vs. ∆BIC, and searched for
significant peaks.

To determine the requisite significance of a peak in order to consider it a planet detection,
we used the methodology of Howard & Fulton (2016) to determine an empirical false alarm
probability threshold. We selected the 50th–95th percentile of the ∆BIC values for each
system, and fit an exponential function to the ∆BIC value versus relative occurrence of
that value. We then projected this fit to a relative occurrence of 0.1% for an eFAP > 0.1%
threshold. If the peak value of the ∆BIC periodogram exceeded this eFAP > 0.1% threshold,
it was considered a significant planet detection.

If a planet was detected via a significant peak, we continued to add additional planets
to the model and iterated through the same procedure, this time comparing against the
1-planet model. We continued this process, including one more additional planet on each
iteration and comparing to the preferred n-1 planet solution with the BIC criterion, until
the periodogram failed to show any additional peaks that surpassed the ∆BIC threshold.

This process is demonstrated in Figure 5.7 for the known 2-planet system, HD 114783.
The leftmost panel shows the results for our search for 1 planet, in which we find the strongest
periodogram peak, at 492 days. The middle panel shows the 2 planet periodogram search, in
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Figure 5.7 : An example of our iterative periodogram search for planets around our sample stars, for
HD 114783, a 2-planet system. The leftmost panel shows the 1-planet search, in which we find the
492 day planet. The middle panel shows the results of the 2-planet search, in which we find the 4323
day planet. The rightmost panel shows the results of the 3-planet search, in which no additional
planet periodicities are discovered. The 0.1% FAP line, plotted in magenta, is calculated based on
the distribution of periodogram peaks, and differs for each panel due to the differing periodogram
statistics. The detected planets are noted with cyan circles.

which we find the second peak due to the 4323 day planet. The rightmost panel shows the
3-planet search, in which no additional significant peak is found, ending the iterative search
process. In each panel, the ∆ BIC threshold required to achieve a false alarm probability
< 0.1% is calculated from the distribution of ∆ BIC peak heights. It differs for each panel,
and is plotted in the magenta dashed line. Planet detections are peaks in the periodogram
which exceed this threshold, and are indicated with cyan circles in the first two panels.

We chose to perform this search blind with respect to known planets, in order to avoid
biasing our planet occurrence rate statistics. We therefore did not input information on
known planetary companions to our sample stars, but instead allowed our algorithm to
search for and detect these planets when it was able to do so. In future work, we will expand
this analysis to periods shorter than 10 days, but for the sake of computational time, this
survey was limited to searching for planets with periods of ≥ 10 days.

Upon discovery of a potential planet, we performed a detailed MCMC analysis of the
system using RadVel (Fulton et al. 2018) to assess its properties and significance further.
Those planets meeting a final ∆BIC threshold of 20–40 were deemed candidate planets while
those meeting a threshold of > 40 were considered secure planet detections. Most of the
secure planets detected here were previously published planets. A few systems had new,
long-period signals that were highly significant.

In total, we were able to detect 50 planets and candidate planets to our 199 RV sample
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stars. Of these, 33 were previously published in the literature, and had orbital parameters
available from the Exoplanet Archive1. Four additional planets are secure detections, but
are not detailed in the Exoplanet Archive database. These planets’ properties need to be
explored in greater detail, and published in future work. Thirteen additional candidate
planets have less secure detections.

These planet detections are detailed in Table 5.3, along with a note indicating whether
the planet is published, newly detected, a candidate with a less secure detection, or possibly
caused by stellar activity. We detail a few of the less secure candidate planets here.

• HD 75732: This very well-known multi-planet system (55 Cnc) has been studied in
great depth by Fischer et al. (e.g. 2008); Baluev (e.g. 2015) and others. There is at
least one known planet below our 10 day period cutoff, as well as a detection of a 12.6
year stellar activity cycle. We successfully detect the four known planets with periods
> 10 days; the additional candidate we detect would constitute a sixth planet in the
system. It is possible that aliasing from the known planets or stellar activity is the
source of the 2220 day periodicity we find here, and we therefore have low confidence
in the existence of this candidate planet.

• HD 95128: This too is a very well-studied system, containing the second ever exoplanet
to be detected around a sun-like star (Butler et al. 1996). The new candidate planet
we describe here would be the fourth planet in the system. It has a long fitted period
of 10965 days, commensurate with the time baseline of our observations. Its orbital fit
(as well as the fit for the third planet, d) relies heavily on the early Lick / Hamilton
data, which has poorer precision than the newer HIRES and APF data. It is unclear
whether a 3-planet solution is sufficient to model this system.

• HD 164922: This is a known 2-planet system published by Fulton et al. (2016), with
a third periodicity detected in our survey at high significance. However, the period of
the newly detected planet candidate is 41.76± 0.02 days, which is roughly equivalent
to the expected rotational period, ≈ 44 days, of a K0V type star (Isaacson & Fischer
2010). This fact is noted by the the authors of Fulton et al. (2016) as well, and further
analysis of this system is needed before this candidate can be confirmed.

• HD 168009: Both candidates are suspicious due to their periods. The 15 day period
is approximately half the stellar rotation period, as evidenced by a peak in the SHK

periodogram at 30 days. The longer period candidate has a period of 183 days, which
is approximately half of one year. Both may therefore arise due to aliasing from the
observational cadence or stellar activity.

• HD 190406: HD 190406 A has a very low-mass star or brown dwarf as a close compan-
ion, with a current best-fit orbital period of 16171+740

−690 days andM sin i = 62.24+3.45
−31.5MJ

near the brown dwarf / M dwarf transition. This companion has been studied in depth
1https://exoplanetarchive.ipac.caltech.edu/
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with imaging and radial velocities by Crepp et al. (2012a). We find two new planet
candidates in this system, and both are strongly preferred by our periodogram and
MCMC analyses, with ∆BIC > 100. However, it is possible that a poor fit to the
large-amplitude binary orbit may be causing the additional periodicity detected here.
If not, this would be the only system among our sample in which planets are detected
around a star in a close binary system. The outer planet candidate, at 12384 days,
would have a semi-major axis equal to 82% of the binary semi-major axis, raising ques-
tions about its long-term stability. However, this star is not particularly young, so if
this planet candidate is real, it would have remained stable for more than 1 Gyr.

• HD 218868: The candidate planet in this system has a very similar period to the
long-period stellar activity cycle of this star, based on the SHK time series, leading to
strong RV/SHK correlation. However, an MCMC fit performed while decorrelating the
RVs against the SHK values still finds the planet at a significance of ∆BIC = 37.7. We
therefore include this candidate in our report, but we note that the SHK correlation
makes the planet’s existence uncertain.

• HD 219134: This 6-planet system (Vogt et al. 2015) has two planets with periods
shorter than 10 days, and four known planets which we re-detect here. Our peri-
odogram search prefers a period of 193.7 days for planet g, while the published period
for this same planet is 94.2 days, a factor of ≈ 2 smaller. We believe that one or the
other of these periods is an alias, but are unable to ascertain which is the true period
without a more detailed study of this system’s radial velocities. Motalebi et al. (2015)
also detected four of the six planets reported in Vogt et al. (2015) with the HARPS-N
spectrograph; however, planet g is not one of these planets, so the discrepancy in the
period of planet g is not yet resolved.

5.6.2 New Planet Detections

We report three new secure planet detections among our sample stars: HD 3765 b, HD
32147 b, and HD 114783 c. Of these, two are new single-planet systems while one has
a previously known planet (HD 114783 b). All three new planets have detections with
∆BIC > 50.

Figures 5.8, 5.9, and 5.10 show the RadVel best-fit orbital solutions for these new plan-
etary systems, including phased known and new planetary orbits. In each case, the final
panel shows the new planet reported from this work.

HD 3765 b is a new planet with an orbital period of 1222 ± 21 days and a moderate
eccentricity of e = 0.35. It is detected in HIRES data spanning two decades, but the detection
relies on the precision of the upgraded HIRES detector, post-2004. The 4.07 ± 0.49m s−1

semi-amplitude translates to a planet mass of M sin i = 0.18±0.02MJ. A long-period stellar
2The published period of HD 219134 g (Vogt et al. 2015) is half the measured period reported here.
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Table 5.3 : Planet detections around 25 pc sample
HD Planet Period (days) a (AU) M sin i (MJ) e Designation
1461 c 13.5057± 0.00245 0.11 0.0269± 0.0039 0.18± 0.135 published
3651 b 62.241± 0.00345 0.30 0.221± 0.008 0.612± 0.0175 published
3651 c 5324.0± 36.5 5.75 0.184± 0.0335 0.28± 0.11 candidate
3765 b 1222.0± 20.5 2.12 0.178± 0.0225 0.35± 0.12 new
4614 b 91.08± 0.145 0.38 0.0357± 0.006 0.35± 0.175 candidate
19994 b 457.1± 1.75 1.27 1.06± 0.145 0.106± 0.0865 published
22049 b 2691.0± 29.0 3.55 0.69± 0.045 0.073± 0.057 published
22484 b 72.94± 0.15 0.35 0.07± 0.01 0.29± 0.155 candidate
32147 b 3288.0± 150.0 4.06 0.14± 0.02 0.382± 0.0905 new
38858 b 3188.0± 115.0 0.88 0.313± 0.0565 0.28± 0.11 candidate
42618 b 148.86± 0.26 0.53 0.054± 0.007 0.22± 0.13 published
55575 b 45.78± 0.045 0.24 0.037± 0.006 0.119± 0.107 candidate
75732 b 14.65181± 0.000105 0.12 0.85± 0.02 0.0141± 0.0076 published
75732 d 5039.0± 25.5 5.73 3.53± 0.11 0.106± 0.0175 published
75732 c 44.3839± 0.0071 0.24 0.167± 0.01 0.053± 0.0425 published
75732 g 2219.0± 72.0 3.31 0.31± 0.07 0.111± 0.0915 candidate
75732 f 261.61± 0.405 0.80 0.147± 0.017 0.113± 0.0895 published
87883 b 3362.0± 34.5 4.12 2.3± 0.07 0.7173± 0.00925 published
95128 b 1074.53± 0.695 2.07 2.43± 0.1 0.033± 0.00815 published
95128 c 2246.4± 5.9 3.39 0.48± 0.045 0.372± 0.0865 published
95128 d 7858.0± 26.0 7.81 0.77± 0.09 0.483± 0.0685 published
95128 e 10965.0± 40.0 9.75 1.26± 0.125 0.083± 0.0775 candidate
99492 b 17.0532± 0.0032 0.12 0.08± 0.008 0.086± 0.074 published
114783 b 492.57± 0.39 1.16 1.03± 0.04 0.131± 0.0185 published
114783 c 4323.0± 115.0 4.95 0.64± 0.05 0.111± 0.0595 new
128311 b 453.5± 0.825 1.09 1.94± 0.17 0.307± 0.042 published
128311 c 918.9± 2.3 1.75 3.27± 0.145 0.184± 0.047 published
141004 b 15.5082± 0.002 0.12 13.9± 1.665 0.15± 0.105 published
143761 b 39.84355± 0.00075 0.22 1.05± 0.04 0.0354± 0.0039 published
143761 c 102.686± 0.0765 0.41 0.0917± 0.0065 0.063± 0.052 published
145675 b 1770.45± 0.96 2.86 5.0± 0.14 0.3753± 0.0051 published
154345 b 3253.0± 28.0 4.11 1.13± 0.05 0.028± 0.0235 published
156668 c 815.0± 9.0 1.56 0.104± 0.0135 0.19± 0.115 candidate
164922 b 1196.5± 2.1 2.15 0.35± 0.02 0.037± 0.03 published
164922 c 75.828± 0.04 0.34 0.0485± 0.0047 0.118± 0.0865 published
164922 d 41.76± 0.0155 0.23 0.0314± 0.00385 0.153± 0.1095 candidate
168009 b 15.1464± 0.0042 0.12 0.0322± 0.004 0.109± 0.0925 candidate
168009 c 183.06± 0.48 0.63 0.064± 0.009 0.53± 0.145 candidate
186427 b 799.41± 0.16 1.68 1.78± 0.07 0.6838± 0.0034 published
190360 b 2881.5± 5.2 4.00 1.55± 0.07 0.318± 0.0084 published
190360 c 17.11751± 0.000845 0.13 0.071± 0.004 0.179± 0.036 published
190406 b 12384.0± 2400.0 10.71 7.48± 2.985 0.18± 0.1 candidate
190406 c 992.8± 6.05 1.99 0.34± 0.04 0.089± 0.076 candidate
192263 b 24.3599± 0.0017 0.15 0.65± 0.03 0.039± 0.0325 published
210277 b 442.929± 0.062 1.13 1.26± 0.04 0.4733± 0.00595 published
218868 b 1851.0± 49.5 2.95 0.43± 0.06 0.18± 0.135 activity
219134 h 2125.0± 18.0 2.99 0.35± 0.02 0.028± 0.025 published
219134 d 46.731± 0.017 0.24 0.056± 0.0045 0.122± 0.073 published
219134 g 193.68± 0.37 0.61 0.051± 0.007 0.41± 0.125 published2
219134 f 22.8± 0.0125 0.15 0.021± 0.003 0.142± 0.124 published
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activity cycle of approximately 11 years is observed in the SHK time series for the K2V host
star. We perform a RadVel fit while decorrelating the RVs against the SHK values, and find
that the planet parameters are unaffected, despite a fairly significant correlation between
the two time series. We conclude that the correlation is due primarily to commensurate
periodicities related to the activity cycle and stellar rotation, but see no evidence of SHK

periodicity at the period of the planet.
HD 32147 b is another new planetary system, with a period of 3288±150 days. Although

the RV data for this system extends back to before 1990, the early Lick data was too noisy for
this planetary signature to become evident. With the addition of HIRES and APF RV data
collected since 2004, the planetary orbit can be detected. It too has a moderate eccentricity
of e = 0.38 ± 0.09, and a semi-amplitude of 2.4 ± 0.31m s−1 translates to a planet mass of
M sin i = 0.14 ± 0.02MJ. In the HIRES data, an activity cycle of approximately 13 years
is evident in the SHK time series. The APF data covers less than one activity cycle, so the
periodicity in this data set is less constrained. A slight anti-correlation between the RVs
and SHK values is detected, likely because both have fairly long periods. However, anti-
correlations are not expected for RV variations induced by stellar activity, so stellar jitter is
not likely the cause the observed RV periodicity.

HD 114783 hosts a known planet, b, with an orbital period of 492.6±0.4 days. We discover
an additional, longer-period orbital signature which we designate as planet c. The period
of this second planet is 4323 ± 115 days, and its eccentricity is fairly low, e = 0.11 ± 0.06.
The amplitude of 8.81 ± 0.63m s−1 corresponds to a mass of M sin i = 0.64 ± 0.05MJ. The
SHK values for HD 114783 display a periodicity at approximately 8 years, which results in
a small anti-correlation between the SHK and RV time series since both exhibit long-period
variations. However, the stellar activity cycle is unlikely the cause of the RV periodicity, as
described for HD 32147.

5.6.3 Sensitivity to Planets

To assess our sensitivity to planetary companions for each star in our sample, we relied
on the analytic analysis of planet sensitivity from Howard & Fulton (2016). In this study, the
authors provided an analytic function for the 50% completeness contour of a radial velocity
data set, given the number of observations (Nobs), time baseline (τ), and the typical RMS
uncertainty on each RV data point (σRV). They determined that the 50% sensitivity to
planets with a given RV semi-amplitude, K50, depends on these parameters as:

K50(τ) =
σRVα√
Nobs

√
1 + (10τ−1.5)2. (5.2)

Here, α is a scaling factor, which the authors determined has a typical value of α ≈ 10.
Although this analytic method of assessing sensitivity to planets is not as precise as detailed
injection-recovery tests on a star-by-star basis, it is much more computationally efficient.
We plan to improve this analysis by performing a more detailed assessment of sensitivity in
later work.
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Figure 5.8 : Best-fitting one-planet RV orbital solution for HD 3765 b from our RadVel MCMC
analysis.



5.6. PLANETARY COMPANIONS 124

10.0
7.5
5.0
2.5
0.0
2.5
5.0
7.5

10.0
12.5

RV
 [

m
 s

1 ]

APF
HIRES
LICK

1990 2000 2010
Year

a)

2000 0 2000 4000 6000 8000
JD - 2450000

8
4
0
4
8

Re
si

du
al

s b)

0.4 0.2 0.0 0.2 0.4
Phase

10.0

7.5

5.0

2.5

0.0

2.5

5.0

7.5

10.0

RV
 [

m
 s

1 ]

c) Pb = 3288 ± 150 days
Kb = 2.4 ± 0.31 m s 1

eb = 0.382 ± 0.091 

Figure 5.9 : Best-fitting one-planet RV orbital solution for HD 32147 b from our RadVel MCMC
analysis.



5.6. PLANETARY COMPANIONS 125

60

40

20

0

20

40

60

80

RV
 [

m
 s

1 ]

HIRES
HIRES pre 2004

2000 2005 2010 2015
Year

a)

1000 2000 3000 4000 5000 6000 7000 8000
JD - 2450000

16
8
0
8

16

Re
si

du
al

s b)

0.4 0.2 0.0 0.2 0.4
Phase

60

40

20

0

20

40

60

RV
 [

m
 s

1 ]

c) Pb = 492.57 ± 0.39 days
Kb = 29.44 ± 0.59 m s 1

eb = 0.131 ± 0.019 

0.4 0.2 0.0 0.2 0.4
Phase

20

15

10

5

0

5

10

15

20

RV
 [

m
 s

1 ]

d) Pc = 4323 ± 110 days
Kc = 8.81 ± 0.63 m s 1

ec = 0.11 ± 0.06 

Figure 5.10 : Best-fitting two-planet RV orbital solution for HD 114783 b and c from our RadVel
MCMC analysis.
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For our stars, it was not unusual for each star to have RV data from a combination
of the HIRES, APF, and Hamilton spectrographs. Since each instrument has a different
precision, we calculated an effective value of σRV√

Nobs
by weighting each instrument’s number of

observations by the square of the RMS precision. Thus, 100 observations with a precision of
2 m s−1 were equivalent to 25 observations with a precision of 1 m s−1. We used the weighted
average value of σRV√

Nobs
and α = 10 to determine the sensitivity of our RV observations for

each of the survey targets.
We confirmed that this approximation was reasonable for our particular planet search

algorithm by performing more detailed injection/recovery tests on three individual stars:
HD 10008, HD 18757, and HD 127506. Of these, the latter two are binaries, with HD 18757
exhibiting a radial velocity acceleration due to a more widely-separation binary companion,
and HD 127506 exhibiting a full RV orbit due to its low-mass stellar companion. All three
system have near the minimum number of observations (Nobs ≈ 30), and HD 18757 has
uneven cadence observations, which might affect sensitivity at certain orbital periods.

For each system, we injected and then used our planet search algorithm to detect a
total of 4000 circular planets. We chose a logarithmic grid of 20 periods ranging from 10
days to twice the baseline of the data set, then at each period chose 20 values of the RV
amplitude, spaced logarithmically and based on the expected sensitivity at that period. For
each combination of period and amplitude, we injected 10 planets with zero eccentricity and
time of conjunction chosen at random from a uniform distribution between zero and the
injected period.

We then searched in a narrow period window around the injected period to determine
if a periodogram peak was observed. We used the same ∆BIC threshold as was calculated
for the 1-planet model in our original planet search for each system. We also checked that
the period of each discovered synthetic planet matched the injected period to within 10%.
If these conditions were satisfied, we concluded that the injected planet was detected.

We found that a value of α between 10 and 15 yielded a reasonable sensitivity estimate for
most systems. A plot demonstrating the results of the injection/recovery test for HD 10008
is provided in Figure 5.11. In the plot, the scatter points each represent 10 instances of sim-
ulated planets, each with the same period and semi-amplitude, but with time of conjunction
chosen at random. The color encodes the fraction of these 10 planets that were recovered,
from zero to unity. We have overplotted the α = 10 and α = 15 analytic sensitivity curves to
demonstrate that the most likely value for the 50% completeness contour lies between these
numbers.

The other systems were slightly more complicated. As expected, in the case of HD 18757,
a shortened estimate of τ was needed in the analytic model to match the injection/recovery
results. This is an indication that for the few systems in our sample with large gaps in the
cadence of observations, the analytic solution may overestimate sensitivity to long-period
planets. For HD 127506, a value of α = 40 was more appropriate to fit the 50% complete-
ness contour. Since the stellar companion to this system is close, with an orbital period
comparable to the time span of the observations, our sensitivity to planets (particularly
planets with periods close to the binary orbital period) is most likely overestimated by the
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Figure 5.11 : Results of injection-recovery tests on HD 10008. The color scaling in the plot indicates
the fraction of injected planets that were recovered. The black solid and dashed lines correspond to
slightly different choices of the parameter α in the analytic sensitivity formula. We found that for
most systems, a value of α = 10 was appropriate to represent the 50% completeness contour.

analytic curve. This may be true for other close binary systems in our sample.
We plot the analytic sensitivity curves using α = 10 for each star in our sample in Figure

5.12, with the sample divided up into single and binary sub-sets. This figure demonstrates
that our sensitivity to planets in the binary systems is in general somewhat poorer than
for the single star systems. Most of this effect derives from the historic exclusion of binary
systems from RV planet surveys, which result in fewer observations and shorter timespans
for many of the binary systems included here. Figures 5.13 and 5.14 demonstrate the relative
distributions of number of observations and observing time baselines for the single and binary
sub-samples, showing that there are more binaries than singles among the stars with the
minimum survey requirements. Additionally, systems observed with the APF rather than
HIRES, many of which were binaries, have larger typical values of σRV. Finally, close binary
systems may also have larger σRV due to spectral contamination by the binary companion.

5.7 Planet Occurrence in Single and Binary Systems
Using the table of binary companions we compiled in §5.5, we divided our sample up based

on the presence of a stellar companion. Limiting the samples to only stars with RV follow-up
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Figure 5.12 : Analytic RV sensitivity curves plotted as a function of planet semi-major axis and
mass for the single and binary subsets of our sample. Each curve represents a single target star, and
corresponds to the theoretical 50% completeness level for that star. Planets lying above the line are
detectable with > 50% completeness, while planets below the line are not reliably detectable.

Figure 5.13 : Distribution of the number of RV observations for each sample star, comparing single
star systems to binaries. This plot demonstrates that fewer of the binary systems have > 100

observations, as compared to the single stars. In particular, the median number of observations for
the close (separation < 100 AU) binaries included in the sample is 53.5, and for the wide (separation
> 100 AU) binaries, the median is 79.5. For the single star systems, the median is 90.5 observations.
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Figure 5.14 : Distribution of the time baseline of the RV data set for each sample star, comparing
singles to binaries. This plot demonstrates that a greater fraction of the binary stars have RV
data sets spanning < 2000 days, compared to the single star systems. Close binaries make up the
majority of the binaries with short observing time baselines.

meeting our minimum requirements, we were left with a single star sample containing 120
stars, and a binary sample containing 79 stars, all but 3 of which were the primary stars in
their respective systems.

For both the single and binary star systems, we added up the planet sensitivity for each
star based on the analytic sensitivity estimate described in §5.6.3. We added a value of
one for planet masses and periods above the theoretical 50% completeness contour for each
star, and a value of zero for planet parameters below the curve. This summation yielded a
sensitivity map of the number of stars around which we could detect a planet as a function
of the planet’s orbital properties. It was calculated separately for the single stars and the
binaries.

We calculated the planet occurrence rate in bins of semi-major axis and planet mass for
both the single and binary star samples, using a methodology similar to that of Howard et al.
(2012). In brief, we constructed cells covering the range of planet masses and semi-major
axes at which we are sensitive to planets. For each planet in a given cell, we then calculated
the effective number of stars around which it could be detected, n?, by interpolating our
sensitivity map to the planet’s position in mass and semi-major axis. We then summed over
all planets detected in each cell, yielding a cell-by-cell planet occurrence rate of:

fcell =

npl,cell∑
j=1

1

n?,j
. (5.3)

For our sample, we chose sparse cells, covering the range of 0.1 to 10 AU in semi-major
axis and 0.1 to 10 MJ in mass and spanning 0.5 dex per cell. This yielded a total of 16 cells.
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Figure 5.15 : Number of stars around which we are sensitive to a planet in each occurrence rate
cell. Cells have a size of 0.5 dex in both mass and semi-major axis, and the 20 cells together cover
the full range from 0.1 to 10 MJ and 0.1 to 10 AU. The number of stars per cell is indicated by the
color scaling. The total number of stars is 120 for the single star systems, and 79 for the binaries.
These numbers serve as the denominator in our calculation of planet occurrence rate per cell, fcell.
Plotted on top of these cells are the planet (circle) and planet candidate (triangle) detections. The
number of planets per cell is the numerator in our occurrence rate calculation.

Due to the relatively small number of planet detections, we chose not to divide the sample
up more finely. These 16 cells cover the majority of the parameter space in which we are
sensitive to planetary companions, with the exception of the mass range between 0.03 and
0.1 MJ. In that regime, we are sensitive to close-in planets around some of our sample stars.
However, this sensitivity analysis is imprecise near the 50% completeness contour, since we
approximate our sensitivity with a hard cutoff at this boundary. In reality, the completeness
to planets for a given star transitions smoothly from zero to unity near this region. This may
bias our occurrence rate calculations in cells very close to the average analytic sensitivity
curve, specifically at the smallest planet masses. For this reason, we chose to exclude the
region of parameter space between 0.03 and 0.1 MJ, despite having detected several planets
at these masses.

In Figure 5.15, we plot the planets and planet candidates over the grid of our 16 cells.
In each cell, the color coding and text indicates the mean value of n? in that bin. In bins
with no planets, we print the median value of n? calculated over the full range of parameter
space within the bin. For the full analysis, we included only the planets, and excluded the
candidates to avoid biasing our results with false positives.

We calculated the occurrence rate for cells containing one or more planets using the
method described in Equation 5.3. For cells with no planet detections, we again used the
median value of n? within the cell as the denominator. The uncertainties and upper limits on
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Figure 5.16 : Binned planet occurrence rates calculated for each cell based on the number of detected
planets and the number of stars with sensitivity in a particular cell. Uncertainties reported here are
calculated based on the Jeffreys interval, and results represent the average number of planets per
cell per star.

our occurrence rates were calculated based on binomial statistics using the Jeffreys interval,
a technique which is optimized for cases in which the counts are close to zero. We report the
68% confidence interval calculated by this method. We note that this method accounts for
only random errors, and does not account for systematic uncertainties, such as those that
might be caused by our analytic approach to sensitivity.

These occurrence rates represent the average number of planets per star in each small
window of planet mass and separation. Since the majority of stars do not host multiple
planets falling in the same cell, and the occurrence rates are low in this regime, these calcu-
lated values are equivalent to the fraction of stars hosting a planet in each small region of
parameter space. For example, 3.5+2.1

−1.3% of single stars and 3.2+3.0
−1.6% of stars with a binary

companion host a planet with a mass between 1–3MJ in an orbit 1–3 AU from the host star.
The occurrence rates are displayed in Figure 5.16. Many of the cells contained zero

planets, so our upper confidence interval serves as an upper limit on the planet occurrence
rate in those cells. The values for occurrence range from 0.00 – 0.058 planets per star per
cell.

Using the same methodology, we calculated the total occurrence rate of planets with
masses between 0.1 and 10 MJ and semi-major axes between 0.1 and 10 AU. We again
calculated the effective number of stars around which a planet could be detected at the
position of each planet. We take the mean value of n? for all of the planets in each sub-
sample as the denominator, and the total number of planets falling into our larger parameter
space region as the numerator, and calculate the occurrence rate and uncertainties as defined
by the Jeffreys interval.
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This yielded an estimate for the occurrence rate of planets in our mass and semi-major
axis range of:

f =


0.185+0.044

−0.037, single stars

0.151+0.055
−0.042, binary stars.

(5.4)

These values are discrepant by only 0.5σ, and as such, they are statistically equivalent.
Likewise, the binned occurrence rates differ by no more than 1.8σ in each cell, with differences
ranging from −1.77σ to +1.71σ, and a median value of zero.

Based on both the binned occurrence rates and the total occurrence rate we calculate,
we conclude that we measure no statistically significant difference in the occurrence rates of
planets with masses between 0.1 and 10 MJ and semi-major axes of 0.1–10 AU, depending
on whether the star has a binary companion.

5.8 Discussion
The result that there is no statistically significant difference in the occurrence rates of

giant planets around binary stars as compared with single stars is somewhat surprising from
a theoretical standpoint. Many theories suggest that the truncation of the protoplanetary
disk by a binary companion should inhibit planet formation, and especially formation of
giant planets which require several Earth masses of solid material out of which to form their
rocky cores.

However, there are several caveats to this result which complicate the story. First, our
treatment of our sensitivity to planets may be too simplistic, especially for the binary sys-
tems. We have already mentioned that the analytic sensitivity estimates we perform are
designed for ideal cadence and uniform RV uncertainties, which is not the case for all stars
in the sample. This effect can be better quantified by detailed injection-recovery tests on the
individual RV data sets, in order to more accurately describe our planet sensitivity. How-
ever, these tests are extremely computationally intensive, so we leave this analysis for future
work.

Additionally, there is the possibility that the RV precision achievable for binary systems
may be lower than we expect, due to low-level contamination from the binary companion on
the spectrum of the primary star. This effect might be dependent on the brightness of the
companion as well as the observing conditions, especially seeing, since poorer seeing would
lead to a larger stellar PSF, allowing more light from a companion at several arcseconds to
fall onto the spectrometer slit.

If this is the case, poorer precision should be captured in our calculation of the RV RMS,
which is used in the calculation of the analytic sensitivity curves. However, if this effect is not
fully accounted for, it would cause us to overestimate our sensitivity to planets in the binary
star systems. This would in turn cause the underestimation of the planet occurrence rate in
these systems. If the occurrence rate in the binary systems is actually slightly higher than
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Figure 5.17 : The distribution of binary separation for all binary systems included in our RV planet
survey, compared with the distribution of binary separation for those systems found to host planets.
Only systems with separations > 150 AU have detected planets.

the value we calculated, this would decrease the difference between the single and binary
star occurrence rates that we detect, making the two values closer to equivalency.

The second caveat is that our planet detections in binary systems all (with the exception
of a couple of candidates not included in the occurrence statistics) reside in binaries with
separations ≥ 150 AU. No securely detected planets in our study reside in binary systems
with separations < 100 AU, despite several such systems being included in our survey. In
Figure 5.17, we plot the distribution of binary separation for the binary systems included
in our RV survey. Roughly half of our RV binaries have separations < 100 AU. However,
the distribution of separations between binary companions in systems where one of the stars
actually hosts a detected planet is very different, with all separations > 150 AU.

This difference hints that close binary systems may not be as amenable to planet forma-
tion and stability as binaries with separations > 100AU seem to be. However, the reliability
of our sensitivity analysis comes into question particularly for close binary systems, and we
therefore do not perform a detailed analysis of the change in occurrence rate as a function
of binary separation in this work. We leave a more detailed injection/recovery-based sensi-
tivity analysis, and a statistical analysis of the occurrence rates in close versus wide binary
systems, to future work.
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5.9 Conclusions
We have undertaken a joint radial velocity and imaging survey of the nearest sun-like

stars, to assess the impacts of stellar multiplicity on planet occurrence rates. We have com-
piled an extensive list of stellar binary systems, based on our imaging and RV observations
as well as previous multiplicity surveys published in the literature over the past decade. We
have determined that 50± 3% of our nearby stars have binary companions, a figure in good
agreement with the results of Raghavan et al. (2010).

Of our 290 sample stars, ≈ 260 have been followed up with radial velocity observations
to attempt to detect planetary companions. Of these, 199 have sufficient follow-up data to
meet our survey requirements, 120 of which are single stars and the remainder of which have
binary companions. We have assessed our sensitivity to planets around each of these 199
stars, and reported on the planet and planet candidate detections resulting from our data. In
total, we have detected 37 planets and 13 candidates, and we have reported their properties
here.

Based on the planets detected and our sensitivity assessment, we have calculated planet
occurrence rates for planets with masses in the range of 0.1–10 MJ and semi-major axes in
the range of 0.1–10 AU, for our single and binary samples respectively. We find that the
single star systems have a planet occurrence rate of 0.185+0.044

−0.037 planets per star at these
masses and separations, while the binary stars have a planet occurrence rate of 0.151+0.055

−0.042

planets per star. These results are statistically similar. We do not find evidence that there is
a different planet occurrence rate in binary systems, as compared with single stars. However,
we also note that all of the binary planet hosts among our sample stars have separations
> 150 AU. This hints that the planet occurrence rate in binary systems may depend on the
binary separation, a possibility that will be studied in greater depth in future work.
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